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Lecture 28 
High Temperature Geochemistry 

Formation of chemical elements 

Reading this week:  

 White Ch 8.1 – 8.4.1(dig. 313-326) and  

 Ch 10.1 to 10.5.3 (dig. 421-464) 

Today 

1. Stellar processes  

2. nucleosynthesis 

Next time 

3. Age and Origin of the Solar System: 
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For the last 5 weeks of the semester we focus on the formation and 

differentiation of Earth, using high temperature and nuclear geochemistry 
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Early Solar System History: 

 

Our information includes: 

1. Physical properties of matter (e.g., nuclear and electronic 

properties, temporal stability) 

 

2. Chemical composition of the sun and other stars 

(mostly through spectral analysis of emitted light) 

 

3. Chemical composition of the moon and other planets 

(mostly through spectral analysis of reflected light, direct 

analysis of lunar, Martian, and asteroid samples) 

 

4. Physical properties of the Universe, our Galaxy, and our 

solar system (distribution and age of matter, masses, 

densities, velocities, orbits) 
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First step.... the origin of the elements: 

 

Current theories about the origin of matter and time are based 

on informed speculation and theoretical physics.  

 

Understanding the construction of the Solar System and the 

matter it contains requires knowledge of the processes 

through which the chemical elements are made and the time 

period over which it occurs. 

 

This process is called "nucleosynthesis" 
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To understand the formation and persistence of most matter we look to the 

atomic nucleus and the energetics of nuclear processes.  

 

Nuclei are held together by strong forces between their subatomic particles. 

Only certain combinations of protons and neutrons make stable nuclei.  

Unstable nuclei "decay" or break apart, by what we term radioactivity. 

 

The abundances of stable nuclei of odd and even masses gives clues as to 

their formation and stability:           recall that   A = Z + N 

A N Z          # of  
             nuclei 

even even even     166 

 odd odd 8 

odd even odd 57 

 odd even 53 

GG325 L28, F2013 

Radioactivity and the stability of nuclei 

In general, the less energetically favorable a nucleus is, the faster it typically 

decays (the shorter its lifetime) and the harder it is to make in the first place. 

 

Radioactive decay is a statistical phenomenon, occurring at a rate that is 

characteristic of a given isotope. 

 

There are 5 main mechanisms of radioactive decay: 

 β+ : emission of a positron, changing a proton into a neutron 
(changes Z=atomic # but not A=atomic mass) 

 β- : emission of an electron, changing a neutron into a proton 
(changes Z but not A) 

 K capture: inner-shell electron enters nucleus, making a proton 
into a neutron 

 α : emission of a 
4
He2 particle from nucleus (changes A and Z) 

 Fission: where a big nucleus splits into two smaller ones, both 
of relatively high mass 

 
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► -dN/dt = λN 

► ln N= -λt + C   ► at t=0, ln N0 = C 

► ln N = -λt + ln N0 

► ln (N/N0) = -t 

► N = N0e
-λt 

Radioactivity and the stability of nuclei 

Radioactivity is quantified with the decay equation: 

where t is time, N and N0 are the number of atoms of some isotope present 

at time=t and time=0, and λ is a decay constant.  λ is related to half life (the 

time it takes for 1/2 of the atoms present at any given time to decay away). 

by substituting N0/2 for N into above eqn, we derive 

T½ = ln 2/λ = 0.693/λ 

The amount of radioactivity in a material is the number of decays per unit 

time.  It is measured by Activity (A).   

A = λN  and   A = A0e
-λt 
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Making the chemical elements 

The conditions for making and preserving chemical nuclei are a function of 

their nuclear stability. 

 

The fundamental process through which neutrons and protons are 

combined to make atomic matter occur only in conditions of very high 

pressure and temperature. 

 

These conditions do not exist on Earth.  In fact, they occur only in the cores 

of some stars. 

 

Even our own star is not massive or energetic enough to produce chemical 

elements heavier than He.   

 

We must look beyond our solar system for the birth of the elements that 

comprise it. 

 

Before we can understand the processes that make the chemical elements, 

we should look at the processes that formed matter itself. 
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The Big Bang 

 

 

Theory has it that the first matter, quarks, was formed in the 

Big Bang, and that the Universe began to expand from an 

original singularity.   

 

Quarks are estimated to have coalesced to neutrons within the 

first 10 μsec. 
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More Big Bang 

 

Next, once a certain threshold of pressure and temperature 

was reached, the first decay reaction began (still involving 

subatomic particles):   n  p + e.   

 

This reaction has a 12 min. half life, so that 12 min. after the 

Big Bang equal numbers of p, n and e existed.   

 

Remember that hydrogen is 11H.   

 

All other atomic matter ultimately comes from hydrogen nuclei. 



6 

GG325 L28, F2013 

More Big Bang 

 

Next, heavier nuclei were formed:   

 

deuterium (2
1H), tritium (3

1H), and helium (4
2He, 32He).   

 

After day 1, it’s estimated that ~24% of the mass was He and 

~76% was H.   

 

It’s estimated to have taken ~300 kyr for the temperature to 

cool enough for electrically neutral atoms to be stable. 
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The Big Bang (continued) 

Next, matter organized into clouds of gas, some of which were 

dense enough that they could contract under the force of 

gravity and become the first proto-stars.  

 

As temperatures in the cores rose to >107 , nuclear “burning” 

(fusion) began.   

This is how other elements were (and are) made.   

The first, and simplest, nuclear fusion reaction is hydrogen 

burning, the combination of 11H with itself to make 21H, 31H, 
3
2He, and 42He. 

Overall: 11H + 11H + 2n  42He + energy   

(Net reaction; the actual mechanism involves 3 steps.) 
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Nuclear Energy 

Stars that burn hydrogen need not be large.  This is the reaction 

that produces our sun’s energy and it is occurring in the vast 

majority of stars we can see. 

How much energy is released in hydrogen nuclear burning? 

We use E = Δmc2 to calculate 

nuclear mass of He 42He:  6.64462 x 10-27 kg 

rest mass of n:   1.67495 x 10-27 kg 

rest mass of p:   1.67265 x 10-27 kg  

C (speed of light):   2.9979 x 108 m/s 

Δm = mass(He) – 2 x [mass(p) + mass(n)]     =    5.058 x 10-29 kg 

 

E = 4.546 x 10-12 kg m2/s2 or J (or 1.0865 x 10-12 cal)        

per He atom formed. 

GG325 L28, F2013 

Nuclear Energy (continued) 

 

E = 4.546 x 10-12 kg m2/s2 or J (or 1.0865 x 10-12 cal)         

per He atom formed. 

 

by comparison, an average 200g apple has ~50 kcal = 50 x103 

cal of energy stored in easily broken (digestible) bonds.   

This amount of energy would be released when 4.602 x 1016 He 

atoms are produced or twice this number of H atoms are 

consumed. 

    (which is 1.53 x 10-7 g of H atoms). 

Gram per gram, 1.3 x 109 times more energy is released when 
1H is burned to make 4He than when an apple is burned to 

make CO2 and H2O. 
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Hydrogen and Helium Burning  

Because A=5 nuclei are not known to exist in nature, we 

presume that H-burning only makes predominantly masses 2-4. 

 

Making heavier masses requires He burning, which only occurs 

in much more massive stars (> 1.5 msun). 

 

Eventually He > H in the star, and H burning ceases in a star’s 

core.  The core of the star gets denser and hotter, >108 , at 

which point He burning to Be and C can begin. 

Note: Nuclear “Burning” makes heavier nuclei from lighter ones.  
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Hydrogen and Helium Burning  

He burning to Be and C: 

 4
2He + 42He →  84Be + energy   

and  

 4
2He + 84Be → 12

6C + energy or this net reaction:  

 3 42He → 12
6C + energy 

To make C the two reactions must occur quickly to overcome 

the instability of 84Be (not found in nature, T1/2 = 10-16 s).  

Minor amounts of other isotopes are also made from 

combinations of 11H and 42He.  

Note that only small amount of elements with Z = 3, 4, or 5 (Li, 

stable Be, and B) are produced, which is why their abundance 

is relatively low on Earth.  
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Burning makes even heavier 

nuclei.  

 

Burning processes can account 

for elemental abundances up to 

and including Fe.  

Hydrogen burning sequence: 
1
1H + 11H  → 21H + + + energy 

2
1H + 11H →  32He + energy 

3
2He + 32He → 42He + 11H + 11H +energy 

 
Helium burning 
4

2He + 42He → 84Be + energy   
4

2He + 84Be → 12
6C + energy  

(net reaction: 3 42He → 12
6C + energy) 

Carbon Burning 
12

6C + 42He → 16
8O + energy  

 

Late-stage burning reactions 

Ne, O and Si 

More massive star = heavier elements it can burn. 
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The density and temperature at 

the center of a star must 

increase to initiate each 

successive nuclear burning step. 

 

More massive stars evolve faster  

 

The rate of each successive step 

is progressively shorter. 

 

Very massive stars last for only a 

few million years, whereas small 

stars continue to burn H for 

many billions of years. 

 

Only super-massive stars (>8 

msun) can progress to Si burning 

(Fe production).   
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The relationship between stellar mass, temperature, and 

rate of hydrogen burning. 
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Nuclear burning beyond He involves primarily nuclear fusion of 

He to other nuclei or combinations of two like nuclei 

 

The addition process stops at Fe because after that, energy is no 

longer gained by making heavier nuclei. 

Fe 
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Binding energy per nucleon in detail: 

Fe 

Note the plateau around Fe mass.  Several other elements (e.g., 

Cr, Mn, Co and Ni) are similar in energy. 
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In our solar system, 

we can account for the 

relative abundances of 

nearly all the elements 

up to Fe by a 

combination of: 

• H burning 

• He burning 

• heavier-element 

burning  

in ancient stars that 

existed before the sun.  

The most abundant 

nuclei up to 56Fe are 

based on combinations 

of 42He nuclei and have 

masses that are 

multiples of 4. 
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Elements heavier than Fe are nearly all made by nuclear processes involving 

direct neutron addition to a target nucleus, sometimes interspersed with 

radioactive decay.   

The sources of neutrons for these 

reactions are: 

(1) side reactions in the late-stage 

burning processes 

(2) the very high neutron fluxes 

that occur during a supernova of a 

very massive stars. 

Nuclei with the “magic” neutron 

numbers of 82, 126, and 184 are 

unusually stable, producing kicks 

or jogs in the neutron addition 

pathways. 

There are two main neutron-

addition pathways:  the s-process 

and the r-process. 
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Three main heavy-element forming processes: 

 The s-process.   

This neutron addition process is slow enough for decay to occur between steps.  It 

occurs only in neutron dense environments, such as large stars collapsing before 

death.  The s-process only produces nuclides to n+p = 209 (which is Bi). 

A
z X +1

0 n → A+1
zY + energy (slow).  A+1

zY is stable enough to not decay before the 

next neutron addition. Produces relatively neutron poor nuclides. 

 The r-process. 

Neutron addition is so rapid that it bypasses nuclear decay with sheer speed.  This 

only occurs during high neutron flux events such as supernovae, that then disperse 

the products into the neighboring region of the galaxy. 

A
z X +1

0 n → A+1
zY + energy (fast).  A+1

zY is unstable and would decay away except 

that neutron addition is faster than the decay rate.  Produces neutron rich nuclides. 

As far as we know, none of the naturally-occurring elements above 209 (Bi) would be 

present in the universe without the r process.  

The p-process.   

This less frequent process involves p addition. Produces protron rich nuclides. 

For instance 72
32 Ge + 2 11 H → 74

32Se  
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A slow process reaction sequence: 
62

28 Ni +  10 n → 63
28Ni + g followed by  

63
28Ni → 63

29Cu + - 

A rapid process reaction sequence: 
65

29 Cu + 5 10 n → 70
29Cu + 5g followed by 70

29Cu → 70
30Zn + -  

The 2nd reaction must happen quickly, before 69
30Zn decay  
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Odd vs Even Nuclei: 
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Even mass nuclei are more stable and 

thus less likely to capture a neutron 

during r and s neutron addition 

processes. This is why even nuclei are 

more abundant in nature 
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Figure 10.4.  Schematic diagram of stellar structure at the on-
set of the supernova stage.  Nuclear burning processes are 
illustrated for each stage.  modified from White, Geochemistry

The chain of nucleosynthetic 

events summarized: 
 

Start with a young, large H-burning 

star.  This star eventually 

undergoes supernova death after 

the sequence depicted in the figure. 

Initially, a star enters the nuclear 

burning stages, during which fuel is 

burned, the star becomes more 

massive, it collapses gravitationally, 

and then it enters the next, hotter 

burning stage, until finally Si is 

burned to Fe. 

s-process neutron addition also 

occurs in the later stages of this 

sequence. 

Eventually, the star’s core exhausts 

its nuclear fuel, collapses  

gravitationally, and r-process nucleosynthesis initiates.  The star implodes and then 

explodes in a supernova, ejecting its elements into nearby space. 
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Those due to α-burning include: 

H and He are most abundant, H/He ~12.5 

The abundance of the first 56 elements (to Fe) decreases roughly exponentially, with 

4 amu local peaks in abundance 

Those due to the r- and s- processes include: 

Abundances of >Z=56 elements are low are vary much less with Z  

No stable isotopes above z=83 (Bi), but long-lived radioactive Th and U, + their 

transient radioactive daughter isotopes, still exist in our solar system today.  Other 

radioactive transuranics (U-Pa-Th-Np...) produced by the r-process before our solar 

system formed, have subsequently all decayed away by fission, α or β decay 

 Th and U decay through various daughter to various (stable) isotopes of Pb, which 

accounts for the seeming overabundance of the Pb. 

Those due to general nuclear stability include: 

Even atomic #s are more abundance than odd ones. 

Li, Be, B are very low compared to other low Z elements 

Fe is high compared to similar Z elements 

Tc and Pm do not exist 

Resulting atomic abundances summarized: 
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Here’s a summary of all 

nucleosynthetic processes, 

including the rare ones we 

haven’t discussed, and the 

resulting abundance vs. mass: 

relationship in our solar system. 


