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ABSTRACT 

This dissertation presents the results of new telescopic observations of Mars using 

the technique of imaging spectroscopy. Data at high spectral resolution (/JM = 350) and at 

the best possible spatial resolution from Earth (80-150 km) were obtained from Mauna Kea 

Observatory during the 1988 perihelic opposition. Spectra in the 0.4-0.8 µm region reveal 

distinct absorption features and spectral slope changes that are characteristic of Fe3+ -

bearing minerals. Poorly crystalline materials, similar perhaps to nanophase ferric minerals 

or palagonite-like weathering products of basaltic glass, dominate the spectral behavior of 

the Martian surface in the visible to near-IR. Analysis of absorption band shapes and 

positions and the character of the strong near-UV ferric absorption edge provides solid 

evidence for the detection of minor amounts (4-8%) of crystalline hematite (a-Fe203) on 

Mars. While there is no unique evidence in the 0.40-0.95 µm region for the existence of 

other ferric oxides/oxyhydroxides, Fe-rich clays, or ferric sulfates in these new data or in 

previous spacecraft and telescopic data, the existence of these and other ferric-bearing 

phases (e.g., goethite, jarosite, ferrihydrite, feroxyhyte, maghemite) cannot be 

unequivocally ruled out, partly because of the spectral masking effects of hematite. 

Different models for the formation of hematite and other ferric minerals in various terrestrial 

analog environments and in the current and possibly past warmer, wetter Martian climate 

are dicussed. Images in the 0.4-1.0 µm region reveal the "classical" albedo features at red 

and green wavelengths (} .. > 0.5 µm) and show a spectrally bland surface dominated by 

polar ices and atmospheric condensates at blue wavelengths. A number of different 

telescopic and laboratory data analysis techniques are used to show that (1) the 2-5% deep 

0.6-0.7 µm ferric absorption band varies across the surface at the 1-2% level, with bright 

regions typically having a deeper band; (2) many dark regions and a few isolated bright 

regions are perhaps more spectrally heterogeneous than once thought; (3) 95% of the 

variance in Mars spectra can be modeled using two endmembers (classical bright and dark 
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regions), but there are distinct spatially coherent units within the remaining 5% of the 

variance that correlate with ices, condensates, and/or dark, ferric-rich materials; (4) 

numerousferric minerals have absorption features in the 0.9-1.0 µm region, and the weak 

bands observed in previous Mars spectra at these wavelengths that have been ascribed 

entirely to Fe2+ minerals may, within the limits of the available data, also be consistent with 

variations in Fe3+ mineralogy. The advantages of imaging spectroscopy over traditional 

point spectroscopy or broadband filter imaging make it an ideal tool for high spatial 

resolution spacecraft studies of the Martian surface . 
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CHAPTER 1. INTRODUCTION AND BACKGROUND 

1. 1 Historical Background 

The planet Mars has fascinated and intrigued both astronomers and the general 

public, even before the invention of the telescope in the seventeenth century. Mars is a 

frequent visitor to the night skies, with oppositions occurring roughly every two years. 

Even when not at its brightest, the planet is unique among the heavens, because it is 

distinctly and strikingly red. The earliest telescopic observations by Huygens, Cassini, 

Maraldi, and Herschel during the late 1600's to the late 1700's concentrated on mapping of 

bright and dark features and on detection of spatial and temporal changes of these 

numerous albedo markings (more detailed reviews have been published by Flammarion 

[1909], Pickering [1921], de Vaucouleurs [1954], Hartmann and Raper [1974] and Mutch 

et al. [1976]). Astronomers of the 1800's like Beer and Madler, Proctor, Green, and 

Schiaparelli attributed many of the changes in observed surface markings to the presence of 

continents and oceans on Mars. Later observers, led by Lowell, claimed that dark linear 

markings on the surface (Schiaparelli's "canali") were the products of industrious though 

doomed extraterrestrials battling their planet's eventual dessication. More cautious 

researchers, led by Maunder and Antoniadi, claimed that these "canals" were no more than 

an illusion caused by the observer's brain attempting to visualize a complex natural surface 

at coarse telescopic resolution (see Sheehan [1988]). Such debates, today mostly relegated 

to science fiction, were a real part of Mars research well into the twentieth century. 

Whatever their origin, spatial and temporal albedo variations occur on Mars, and 

speculations on the possibility of some kind of life on Mars being responsible for these 

variations spurs intense public interest and has been a major driving force behind much of 

the telescopic and spacecraft exploration to date . 

1 
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1.2. Spectrosccwic Measurements as Indicators of Chemical & Minera1o1Pc Variability 

Early visual and photographic observations of Mars were important for 

documenting the spatial and temporal extent and variability of surface a1bedo features, 

clouds, and the polar caps. However, these observations did not allow for more 

quantitative determinations of atmospheric composition or surface mineralogy. 

Spectroscopic observations have been used to assess these quantities on Mars. 

Spectroscopy utilizes the fact that electromagnetic radiation interacts with matter in 

(theoretica1ly) predictable ways. For example, visible and near-infrared light that interacts 

with a planetary surface can excite transition meta1 electrons (Fe, Ti, Mn, Cr, etc.) within a 

crystalline structure. Depending on details of the particular cation and the type of 

crysta1lographic site it occupies, radiation will be absorbed and re-emitted at particular 

wavelengths. The resulting absorption (or emission) spectrum will exhibit features 

diagnostic of the cations and minera1s present [Wendlandt and Hecht, 1966; Burns 1970, 

1989]. The interaction of radiation with gases results in rotationa1 and vibrational energy 

level transitions that (typica1ly) require less energy than electronic transitions in solids. 

Thus, gas spectra of simple molecules (C02, H20, CO, etc.) exhibit sharper and more 

numerous absorption features than solid substances, and these features tend to occur at 

longer wavelengths (lower energies) than those in solids. 

Spectroscopy is an ideal tool for characterizing bulk composition, trace element 

abundance, and the temperature structure of planetary atmospheres because of the 

abundance of well-quantified, discrete absorption features. This is not the case, however, 

for planetary surfaces. While discrete minerals and cations exhibit diagnostic absorption 

features, most natural surf aces are composed of aggregates like rocks and soils that occur 

in a wide range of particle sizes and that may incorporate significant numbers of chemical 

impurities within a crysta1 lattice. Spectroscopic measurements of many terrestria1 samples 

[e.g., Hovis and Ca1lahan 1966; Adams and Felice 1967; Hunt and Sa1isbury 1970; Clark 
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et al. 1990a have shown that there are, however, broad "families" of minerals that can be 

identified according to their spectroscopic behavior. For example, clay minerals incorporate 

both absorbed and structurally bound water in their lattices, resulting in rather sharp, 

diagnostic (OH)- absorption features near 1.4 µm and 1.9 µm as well as features due to 

cation-OH stretching that occur at cation-dependent wavelengths near 2.3 µm [e.g., Clark 

et al. 1990a]. As another example, iron oxide minerals exhibit many diagnostic features in 

the visible and near-infrared as a result of electronic transitions within Fe3+ cations and of 

charge transfers between these cations and 02- anions [e.g., Sherman et al. 1982; Sherman 

and Waite 1985; Morris et al. 1985]. This family of minerals is extremely important on 

Mars, and it will be discussed in much greater detail in Chapters 5 and 6 . 

Reflectance spectroscopy has been the primary method of obtaining Mars spectral 

data in the past 50 years because the planet is bright, has a relatively high albedo (0.2-0.3), 

and because until recently the most reliable and inexpensive detectors operated in the visible 

to near-IR domain [Wendlandt and Hecht, 1966]. Measurements of martian thermal 

emission provide very useful information on surface composition, particle size, and 

atmospheric and surface temperature, but they will not be discussed further here since the 

focus of this research has been the acquisition and analysis of visible to near-IR reflectance 

spectra. 

1.3. Early Mars Spectroscopic Measurements: 1909-1967 

The earliest spectroscopic measurements of Mars concentrated on the detection of 

gases in the martian atmosphere. Measurements by Very in 1909, Adams and St. John in 

1926, Adams and Dunham in 1933, and Allen in 1937 (reviewed in detail by Kuiper 

[1952]) placed upper limits on the concentrations of oxygen and water vapor in the martian 

atmosphere, and observations by Kuiper in 1947 provided the first detection of martian 

atmospheric C02 [Kuiper 1952] . 
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Many early twentieth century astronomers were also interested in determining the 

surface composition of Mars. Wilsing and Scheiner [1921] conducted visual 

spectrophotometric Mars center-of-disk observations in 1909 and compared their results to 

similar measurements of terrestrial samples. Krinov [1935] was the first to determine the 

spectral reflectance curve of Mars in the visible by comparing spectra of Mars and the star 

Capella at the same airmass. Sharanov [1941] performed the first reliable relative 

reflectance measurements, comparing the spectra of bright and dark regions. A detailed 

review of these and other early spectroscopic Mars surface measurements can be found in 

de Vaucouleurs [1954]. 

Advances in telescopes and spectrometers after World War II resulted in an increase 

in the quality and quantity of Mars spectra. Observations between 1947 and 1967 by many 

researchers, including Kuiper [1952], Woolley [1953], Dollfus [1961], Sharanov [1961], 

de Vaucouleurs [1964], Moroz [1964], Binder and Cruikshank [1966], Younkin [1966], 

and others (see reviews by McCord and Adams [1969] and Michaux and Newburn [1972]) 

served to define the polarimetric and spectral reflectance properties of Mars in the near-UV, 

visible, and near-IR spectral regions (0.3-1.6 µm). Numerous observations farther out in 

the near-IR (2.0-4.0 µm) were also performed between the late 1950's and early 1970's 

(e.g., Moroz [1964]; Sinton [1967]; Beer et al. [1971]; Houck et al. [1973]; see review in 

Bell and Crisp [1992]). Data from many of these studies was compiled by McCord and 

Adams [1969] and appear in Figure 1.1. This figure is a plot of geometric albedo, p(A.), 

which is the ratio of the average zero phase angle luminance of the planet to that of a 

perfectly diffusing planar Lambertian surface, for mostly whole-disk observations of Mars. 

McCord and Adams [ 1969] applied a constant multiplicative scaling factor to several of 

these data sets to plot them as p(A.) and pointed out that these data sets are remarkably 

consistent, despite the large time span and differences between observing techniques and 
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instrumentation. Thus, to within a few percent, the overall shape of the mean spectral 

reflectance curve for Mars has been known since the late 1960's. 

The main features of the Mars spectrum as presented in Figure 1.1 are a steep slope 

between 0.4 µm and 0.7 µm (resulting in the planet's striking red color), a general increase 

in albedo shortward of 0.4 µm and longward of 1.0 µm, a shallow absorption feature 

centered near 1.0 µm, and possible changes in spectral slope near 0.48 µm, 0.55 µm, 0.65 

µm, and 0.85 µm. These latter features are difficult to verify in Figure 1.1 because of the 

scatter within the different data sets compared; however, examination of each of the data 

sets independently confirms that these slope changes exist. 

An important consequence of many of these earliest measurements of the reflectance 

of Mars was the realization that much of the planet's surface color resembles that of typical 

terrestrial desert environments (see reviews by de Vaucouleurs [1954] and Mutch et al. 

[1976]). Wildt [1934] interpreted this color as evidence of " ... strongly oxidized sandy 

formations, whose iron is almost completely in the form of the oxide Fe203 .... " Dollfus 

[1955, 1961] and Sharanov [1961] first suggested limonite (a field term for Fe203•nH20) 

as a major component of the martian surface based on reflectance and polarization studies . 

Sagan et al. [1965] and Pollack and Sagan [1969] argued that the spectra best match a 

surface dominated by fine-grained goethite (FeOOH). These authors and others also 

contended that particle size variations could be responsible for the observed bright and dark 

surface markings (bright regions are fine grained, dark regions coarse) [Rea 1964; Pollack 

and Sagan 1969]. This model was challenged, however, by laboratory studies of coarse

and fine-grained limonites that found not only a brightness change with grain size, but also 

a color change which was not observed in the martian spectral data [Van Tassel and 

Salisbury 1964; Salisbury and Hunt 1968]. Additionally, the idea that much of the martian 

crust was composed of limonite or goethite was found to be geologically unreasonable, and 

instead it was argued that the ferric mineralogy occurs primarily as a thin coating or stain on 
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silicate grains [Van Tassel and Salisbury 1964; Binder and Cruikshank 1966]. Carrying the 

analysis one step further, Adams [1968] and Adams and McCord [1969] found good 

agreement between the spectra of martian bright and dark regions and laboratory spectra of 

fine-grained oxidized basalt and coarser-grained less oxidized basalt, respectively. These 

latter models were far more geologically appealing, since they indicated that the martian 

crust was composed of materials very similar to terrestrial volcanic rocks and lunar mare 

basalts that had undergone substantial surface or near-surface weathering or alteration . 

1.4. Groundbased Spectroscopic Observations Durio~ the 1969-1978 Oppositions 

Heightened interest in Mars occurred during the 1969-1973 oppositions. These 

oppositions occurred near the perihelion of Mars' orbit, affording the best possible spatial 

resolution from Earth. In addition, the Mariner 6,7, and 9 spacecraft encountered the planet 

during these times, and there was a strong desire to conduct high-quality groundbased 

measurements to support and augment these missions. Continued advances in 

instrumentation and detector design allowed the first detailed, relatively high spectral 

resolution (R =!JM z 18-20) and sampling (S = 35 channels/µm) measurements of many 

small, discrete regions of the martian smface in the visible to near-IR (0.3-2.5 µm). 

McCord and Westphal [1971] and McCord et al. [1971] observed 200 km-sized 

bright and dark regions on Mars during the 1969 opposition. Their 0.3-1.1 µm 

observations of seven diverse regions are reproduced in Figure 1.2. These spectra exhibit 

numerous features similar to those discussed in Figure 1.1; however, there are important 

differences between bright and dark regions that were not seen in the whole disk 

observations. Both bright and dark regions are quite red, and the strong 0.4-0.7 µm 

absorption edge has a steeper slope for brighter regions. This has been interpreted as 

indicating an enrichment in ferric (Fe3+) minerals in the bright areas [e.g., Adams and 

McCord 1969; Binder and Jones 1972]. Possible weak absorption features exist in the 0.8-
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0.9 µm region (the so-called "limonite" band), with the position of this band occurring at 

shorter wavelengths for darker regions. An absorption band near 0.95 µm can be seen 

preferentially in the bright regions. Terrestrial water vapor has a weak feature at this 

wavelength, however, and this complicates the identification of this band as a Mars surface 

feature [McCord and Westphal, 1971; see also Bell et al. 1990a]. Finally, a broad and 

weak absorption band from 0.9-1.1 µm can be seen in the dark region spectra. This band 

has been ascribed to ferrous (Fe2+) cations occurring in silicate minerals such as olivines 

and pyroxenes [e.g., Adams 1968; Adams and McCord 1969; Binder and Jones 1972], 

and the correlation of the strength of this feature with low albedo areas led to the general 

impression that the dark regions on Mars are more "mafic" in character (with a greater 

exposure of basalts or other bedrock materials) than the more weathered and altered bright 

regions. 

Additional 0.3-1.1 µm observations were obtained during the 1973 opposition by 

McCord et al. [1977a]. These authors measured 26 martian spots 300-500 km in size and 

ranging from high, low, and intermediate albedo to dust clouds (Figure 1.3). Many 

absorption features similar to those seen in 1969 [McCord and Westphal 1971] were 

observed (such as the weak 0.8-0.9 µm bright region ferric band), and it also became 

apparent that the composition of the dust clouds and the bright regions were probably the 

same. However, there were important differences between the 1969 and 1973 spectra. 

Most notable was the observation that the 0.95 µm bright region band seen in 1969 was 

absent in the 1973 data (thus confirming that it may have been related to telluric water vapor 

variations) and that the dark regions observed in 1973 were somewhat redder than those 

observed in 1969, indicating either an increased level of "contamination" of dark regions by 

bright material and/or increased atmospheric dust content [McCord et al. 1977a]. 

McCord et al. [1977b] used a 2-D vidicon array photometer [McCord and 

Westphal, 1972] to image Mars in 20 wavelengths between 0.35-1.1 µm during the 1973 
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opposition, using the same filters as McCord et al. [1977a]. Images in the blue revealed 

short-timescale changes in the morphology of condensate clouds and the north polar hood, 

while images at red and near-IR wavelengths revealed surface albedo features and 

atmospheric dust clouds. Relative reflectance spectra generated from the images (see Figure 

4.2) showed apparent compositional variability between and within bright and dark 

regions. Most of this variability was ascribed to differing amounts of bright dust mixing 

with dark surface regions, although some of the 0.9-1.0 µm structure was interpreted as 

possible Fe2+ mineralogic variations. 

Spectroscopic observations during the 1976 and 1978 oppositions were conducted 

by Huguenin et al. [1977] and McCord et al. [1978, 1982a] using a high-precision circular 

variable filter (CVF) spectrometer (R = 80, S = 90 channels/µm) in the 0.6-2.5 µm 

wavelength region. These unfavorable oppositions allowed only 1000-2000 km spatial 

resolution, but this was adequate to allow the acquisition of bright and dark region spectra . 

Numerous features were observed in these spectra in the near-IR (see review by Singer et 

al. [1979]), including martian atmospheric C02, possible water ice features near 1.5 µm 

and 2.0 µm, and possible clay bands (cation-OH stretch features; see section 1.2 above) 

near 2.3 µm. At shorter wavelengths, Huguenin et al. [1977] and McCord et al. [1982a] 

confirmed the existence of the weak 0.84-0.90 µm ferric absorption feature discussed by 

McCord and Westphal [1971] and McCord et al. [1977a]. The 1976 and 1978 spectra 

show this feature to be deeper and better defined in the bright regions, again consistent with 

the increased Fe3+ content of these areas on Mars. Recently, these data have been re

interpreted by Morris et al. [1989, 1990a] who find that the 0.84-0.90 µm band is most 

likely caused by crystalline hematite (a.-Fe203) on the martian surface, mixed with 

extremely fine-grained ("nanophase") ferric oxide particles. These findings will be more 

fully discussed in Chapters 4 and 5 . 
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The 1976 and 1978 spectra also confirm the existence of the weak 0.9-1.0 µm Fe2+ 

absorption feature reported by McCord and Westphal [1971] and McCord et al. [1971]. 

This feature again appears deeper in spectra of low albedo regions, and additional 

laboratory reflectance studies have suggested that this band is due predominantly to 

pyroxene [Adams 1974; Singer et al. 1979]. Huguenin et al. [1977] and Huguenin [1987] 

have speculated on additional details of the surface silicate mineralogy as determined from 

the 0.9-1.0 µm band . 

1.5. Viking Geochemical and Multispectral Ima~ng Observations 

Visible and near-IR multispectral images of much of the martian surface have been 

obtained from Viking Orbiters 1 and 2 [Soderblom et al. 1978; Arvidson et al. 1982, 

1989]. In addition, the Viking Landers performed surface magnetic and geochemical 

measurements as well as high spatial resolution multicolor imaging of the 2 landing sites 

[Toulmin et al. 1977; Hargraves et al. 1977, 1979; Adams et al. 1986; Guinness et al. 

1987]. While no direct mineralogic measurements were performed by the Landers at Mars, 

X-ray fluorescence (XRF) measurements indicated that the surface fines are composed of 

approximately 18% iron. Toulmin et al. [1977] interpreted the geochemical data as 

indicating the presence of iron-rich smectites (possibly nontronite) and iron oxides 

(possibly maghemite, y-Fe203) admixed with fine mafic silicate particles. These 

interpretations were consistent with those of the surface magnetic experiments [Hargraves 

et al. 1977, 1979], which found that the surface fines are composed of 1-7% highly 

magnetic material, possibly existing as discrete grains of maghemite. The XRF 

measurements did not provide any data with which to assess the hydration state (i.e., 

hematite, maghemite vs. goethite, lepidocrocite) of the surface ferric minerals. 

Viking Lander 6-channel multispectral imaging observations have been used to try 

to characterize the spectral reflectance properties of exposed soils and rocks. Both linear 
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mixing analysis of image units [Adams et al. 1986] and analysis of calibrated reflectance 

spectra [Guinness et al. 1987; Arvidson et al. 1989] indicated that the bright red soils are 

similar in color to terrestrial palagonites, although Guinness et al. [1987] note that most of 

the soils are redder than most palagonites, suggesting that the soils may have a greater 

degree off erric iron crystallinity. Dark, gray blocks were found to exhibit spectra similar to 

mafic rocks covered by varying degrees of ferric dust [Adams et al. 1986; Guinness et al. 

1987]. These authors also found that the ferric-rich soils have not been derived from local 

weathering of the mafic blocks, but more likely have been deposited by aeolian processes 

such as global dust storms. 

Viking Orbiter global multicolor imaging was also used to successfully map surface 

units based on visible to near-IR reflectance. Soderblom et al. [1978] found the planet 

divided into numerous units based on the slope of the 3-color spectra between 0.45 µm and 

0.59 µm. The reddest units (0.59/0.45 ""' 3) included ancient highlands terrains, dark shield 

volcanoes, and bright aeolian deposits. The least red units (0.59/0.45 ""' 2-2.5) included 

intercrater volcanic plains and intermediate albedo aeolian deposits. McCord et al. [1982b] 

also analyzed Viking multicolor global approach mosaics and compared their results to 

higher spatial resolution Viking images and higher spectral resolution groundbased 

telescopic and laboratory spectra. These authors concluded that differing degrees of redness 

between surface units (at 10-20 km/pixel scales) indicate the presence of both primary (high 

temperature hematitic) and secondary (low temperature palagonitic) oxidized materials on 

the surface. Little correlation was found between their unit map and surface morphologic 

features identified in higher spatial resolution images, suggesting that there may be little 

genetic relationship between the surface dust and soil and the underlying dark (presumably 

basaltic) substrate. Arvidson et al. [1982, 1989] extended this analysis to include thermal 

inertia (Tl) values and found the equatorial regions to be composed of three major unit 

clusters: bright, red, low TI materials; dark, gray, high TI materials; and an intermediate 
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class between these units. Since the spectral resolution of the Orbiter measurements is so 

poor, it is difficult to make unambiguous mineralogic inferences. However, it is clear from 

all of the Viking multispectral imaging studies that the martian ferric mineralogy is 

heterogeneous on small scales in the bright regions and on larger scales for the dark 

regions. Much of this heterogeneity is related to areal mixing of the bright and dark units; 

however there do appear to be measurable differences in the degree of ferric mineral 

crystallinity (amorphous palagonite-like vs. more "bulk" crystalline hematite-like) on Mars . 

1.6. Groundbased Spectroscqpic Observations Durin~ the 1986 and 1988 Oppositions 

Near-infrared (0.7-2.5 µm) relative reflectance spectra of 60 surface regions on 

Mars were obtained during the favorable 1986 opposition by Bell [1989] and Bell and 

McCord [1987, 1989]. These ratio spectra were fairly featureless in the 1.0-2.5 µm region 

(aside from telluric and martian atmospheric effects). These authors concluded that the 

regions studied (predominantly bright regions in the Tharsis hemisphere) are spectrally 

similar at telescopic spatial resolution because they are mantled with the ubiquitous global 

dust. Despite this general constraint, several ratios showed slope and subtle absorption 

band variations in the 0. 7-1.0 µm region that were attributed to possible Fe3+ mineralogic 

variations [Bell and McCord 1987, 1989]. Like the Viking Orbiter studies discussed above, 

this suggested that much of the spectral heterogeneity on Mars can be measured only at 

finer spatial scales. 

The 1988 perihelic opposition of Mars provided the most recent exceptional 

opportunity to obtain high spatial resolution (by groundbased standards) Mars 

spectroscopic data. CVF spectra (0.4-1.0 µm) at R = 80 and S = 125 channels/µm have 

been published by Bell et al. [1989a, 1990a]. Because of a three-fold increase in spectral 

sampling in this wavelength region, these data showed significantly more spectral structure 

than previous data sets (Figure 1.4). Previously detected ferric absorption bands at 0.8-0.9 
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µm were also seen in these data (see sections 1.3 and 1.4 above), as was an additional 

ferric absorption feature at 0.62-0.72 ~tm. These spectra were interpreted by Bell et al. 

[1989a, 1990a] as indicating the presence of bulk, crystalline iron oxides/oxyhydroxides 

on the martian surface. Combined with recent laboratory studies of Mars spectral analog 

materials [Morris et al. 1989, 1990a; Morris and Lauer 1990; see also Chapters 4 and 5], 

these data confirmed the presence of hematite on Mars, although the existence of other 

ferric-bearing minerals with only subtly differing spectral properties could not be ruled out. 

While not strictly spectroscopic measurements, Pinet and Chevrel [1990] have 

presented high quality narrowband filter CCD imaging data of Mars from the 1988 

opposition. Their goal was to map mineralogic variations using near-IR imaging data in and 

near the 0.9-1.0 µm martian absorption band. Using spectral ratio images, these authors 

found that at 100-150 km spatial resolution the dark areas exhibit a mafic signature and are 

much more spectrally heterogeneous than the bright areas. For example, they detected small 

regions within the Syrtis Major and Hesperia Planum regions that they interpreted as 

having ultramafic compositions based on enhanced 1.02 µm absorption. 

Spectral imaging studies such as those of McCord et al. [1977b], Pinet and Chevrel 

[1990] and others [see review by Martin et al. 1989] seek to take advantage of spatial 

information normally not obtained through more classical spectrophotometric techniques. 

Aperture or point spectrometers have collected high spectral resolution mineralogic 

information from small surface regions [e.g., McCord and Westphal 1971; Binder and 

Jones 1972], however these observations are difficult since they require longer exposure 

times and much more steady telescopic tracking than whole-disk measurements. In 

addition, many hundreds of such measurements must be performed in order to map 

significant portions of a large planetary disk. Photographic and electronic imaging 

observations provide detailed views of surface markings, dust clouds, and condensates 

[e.g., Slipher 1962; McCord et al. 1977b; Pinet and Chevrel 1990], but they have not been 
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able to provide similarly detailed insights into the composition of these materials because 

the data have been obtained in relatively few colors. Clearly, an observational technique 

that combines the best aspects of imaging (high spatial resolution, global coverage) and the 

best aspects of spectroscopy (high spectral resolution and sampling, extended wavelength 

coverage) would be a useful and powerful tool for both identifying mineralogy and 

mapping its distribution across the martian surface. Recently, such a technique-imaging 

spectroscopy-has been developed for both terrestrial and planetary remote sensing 

applications. 

The 1988 Mars opposition was the first opportunity to test a new generation of 

astronomical imaging spectrometer instrumentation, designed to acquire contiguous spatial 

and spectral information on extended objects [e.g., Carlson 1981; Goetz et al. 1985; Lucey 

et al. 1991]. Imaging spectrometer data sets are three-dimensional (two spatial axes and a 

spectral axis; thus the name "image cubes"), and have emerged as a powerful multispectral 

mapping tool due to advances in two-dimensional array detector technology over the past 

decade. The first high resolution image cubes of Mars were acquired by several groups 

working independently from Mauna Kea and Mount Bigelow Observatories [Bell et al. 

1989a,b,c; Bell et al. 1990b,c; Singer et al. 1990a,b; Miller et al. 1990]. Preliminary 

analyses of these data sets has indicated that there is a surprising degree of structure to the 

martian visible and near-IR spectrum at high spectral resolution. In addition to substantial 

differences in the strength of the near-UV absorption edge between bright and dark regions 

noted in many previous observations, subtle differences in ferric and ferrous iron 

mineralogy have been noted in these new studies between and within both high and low 

albedo areas [e.g., Singer et al. 1990b; Bell et al. 1990b]. These data are discussed in 

greater detail in Chapters 3 and 4 . 
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1 .7. Summary 

After more than 50 years of modem telescopic and spacecraft measurements of the 

reflectance of Mars in the visible and near-IR, it has become clear that ferric minerals are 

most likely important not as primary constituents of the martian crust, but as secondary 

weathering or alteration products produced from primarily basaltic source rock. Since most 

of the spectroscopic tools currently at our disposal are examining only the uppermost few 

microns of the martian surface, these accessory phases dominate the planet's spectral 

signature. Higher spatial and spectral resolution observations, however, are able to detect 

the subtle spectral variability of the martian surface. Continued, improved measurements 

and analyses of the composition and degree of spatial heterogeneity of this uppermost layer 

allows educated inferences to be made concerning both the composition of the martian crust 

and upper lithosphere, and the efficiency of global sediment and dust transport and its 

effects on the identification of the underlying bedrock. 

This dissertation describes high resolution telescopic imaging spectroscopic 

observations of Mars that I obtained from Mauna Kea Observatory in 1988. The primary 

goals of this study were to identify and map the spatial distribution of ferric and ferrous 

minerals on Mars at relatively high spatial resolution, to examine further new ferric mineral 

absorption features discovered at lower spectral resolution [see Bell 1989], and to examine 

the implications of Mars' ferric iron mineralogy on the past and present surface and 

subsurface weathering and alteration environments. This chapter has provided a review of 

all previous relevant spectroscopic observations of Mars. Chapter 2 gives a full description 

of the telescopic instrumentation and observationaVdata reduction techniques used to obtain 

and analyze these imaging spectroscopic data. Spectra and multicolor relative reflectance 

images for the regions observed are presented in Chapter 3, as is an analysis of the signal

to-noise level and overall data quality. Analysis and interpretation of the Mars spectral data 

using the techniques of Chapter 2 is carried out in Chapter 4. Chapter 5 describes new 
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laboratory studies of a thermally altered Hawaiian palagonitic tephra. This material is 

shown to be a very good visible to near-IR Mars spectral analog. Chapter 6 concludes by 

synthesizing the laboratory and telescopic results and comparing them with other past and 

current studies in order to present a comprehensive, coherent, and up-to-date assessment of 

the ferric mineralogy of Mars . 
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CHAPTER 2. INSTRUMENTATION AND DATA REDUCTION/ ANALYSIS 

TECHNIQUES: IMAGINGSPECfROSCOPY 

2.1. Back~ound 

The technique of imaging spectroscopy employed in this research is founded on a 

long and diverse history of planetary astronomical instrumentation and observational/data 

reduction techniques. High spectral resolution astronomical spectrographs, routinely used 

to obtain spectra of stars and galaxies, were used to search for oxygen and water on Mars 

as early as 1909 [see Kuiper 1952]. In some of the first extended wavelength observations 

(0.8-2.0 µm), Kuiper (1952] used an infrared PbS-detector prism spectrometer [Kuiper et 

al. 1947] to observe Mars and to make atmospheric and mineralogic inferences based on 

both narrow and broad absorption features in the visible and near-IR (see Chapter 1). 

Woolley [1953] obtained values of martian geometric albedo (p(A.)) between 0.4-0.6 µm 

using narrowband filter photographic photometry. Esipov and Moroz (1963] used a 

photomultiplier tube photometer and six narrowband filters to measure p(A.) between 0.80-

0.99 µm, and Moroz [1964] used both grating and prism spectrometers to observe Mars 

farther out in the near-IR during 1963. Younkin [1966], Tull [1966], and Sinton [1967] 

report visible to near-IR Mars observations using wavelength-scanning grating 

spectrometers combined with camera optics and photomultiplier tubes. 

McCord and Westphal (1971] improved on these previous studies by successfully 

using a 2-beam photometer [McCord 1968], a very small (1 arc sec) aperture, and 52 

narrowband interference filters to observe Mars in the 0.3-2.5 µm region during 1969. The 

result was increased spectral sampling relative to many previous studies in the visible and 

near-IR and accurate measurements of the relative spectral differences between different 

surface regions at 200 km spatial scales. Fine spatial resolution was also obtained at this 

time by Binder and Jones (1972], who used a 10-channel infrared spectrophotometer to 
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observe the spectral albedo of over 200 small ( = 1.3 arc sec) regions on Mars. The 

McCord and Westphal [1971] instrument was successfully re-used in the 0.3-1.1 µm 

region during the 1973 opposition by McCord et al. [1977a], and nearly concurrent 

imaging at the same wavelengths was also accomplished using a silicon vidicon imaging 

camera [McCord et al. 1977b]. 

High-quality spectrophotometric data of Mars using a relatively high spectral 

resolution ( = 1.5% 11/J/..) circular variable filter (CVF) spectrometer were reported by 

McCord et al. [1978; 1982a]. This instrument had the advantages of high spectral 

sampling, small aperture size, and relatively rapid ( = 90 sec) acquisition of data across the 

0.6-2.5 µm wavelength region. In addition, the instrument could be used in the laboratory 

to measure terrestrial and lunar samples for comparison with telescopic data. This 

spectrometer, first used on Mars during 1976, has been used as recently as 1986 to acquire 

relative reflectance spectra of numerous surface regions [Bell and McCord 1989]. A similar 

0.3-1.1 µm CVF spectrometer was used by Bell et al. [1990a] during the 1988 opposition 

to obtain spectra of Mars at 3.5 times finer spectral sampling than earlier point 

spectroscopic observations. This increase in sampling has allowed the detection of more 

structure in the Mars spectrum than could be detected previously [Bell 1989; Bell et al . 

1990a]. 

2.2. Imaging Spectroscopy Concepts and Early Examples 

It is clear from Chapter 1 and the preceding discussion that each time new 

measurements of Mars have been made at either improved spatial or spectral resolution, 

new discoveries have been made. It is also clear that still further increases in spatial 

resolution, spectral resolution, and spectral sampling would yield still more exciting new 

discoveries. Such reasoning has been a prime motivator in my efforts to conduct the first 

groundbased imaging spectroscopy measurements of Mars . 
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Imaging spectroscopy is a powerful tool for identifying mineralogy and for 

mapping its spatial distribution across a planetary surface. The Viking and Voyager 

missions showed the improved application of multispectral imaging to mapping material 

units determined by defining spectral units in only a few spectral bands. The result was 

color as well as morphology being used to define spatial units [e.g., Soderblom et al. 1978; 

McCord et al. 1982b; Nelson et al. 1986]. However, the spectral resolution and sampling 

did not allow characterization of various color units in terms of composition or mineralogy . 

Detailed compositional mapping requires high spatial and spectral resolution so that 

mineralogic differences which exist on a planetary surface can be directly correlated with 

observed morphologic change. The first spacecraft instrument designed to acheive these 

goals was to have flown on the proposed Lunar Polar Orbiter mission in the mid-1970s. 

More recently, high spatial/spectral resolution data have been obtained for Mars by the ISM 

spectrometer on the Soviet Phobos-2 mission [Bibring et al. 1990; Erard et al. 1991], for 

Venus and the Moon from the Galileo NIMS imaging spectrometer [Carlson 1981; Carlson 

et al. 1991] and hopefully similar data will be obtained for the Jovian satellites by NIMS, 

for the Moon by a proposed NIMS-type instrument on the Lunar Geosciences Orbiter and 

for terrestrial remote sensing applications by the EOS mission [Goetz et al. 1985] . 

Imaging spectroscopy from groundbased telescopes is also currently possible 

because of the availability of two-dimensional detector array technology, which allows 

simultaneous spatial and spectral measurements to be made across a two-dimensional grid 

of detector elements. Using conventional astronomical instruments such as spectrographs 

and imaging interferometers, high spectral resolution measurements (R =Ai!!./..:::::: 300-1500) 

can be made across a wide range of wavelengths. Groundbased observations, of course, 

suffer from the typically poor spatial resolution obtained on planetary targets. This can be 

alleviated somewhat by choosing (a) a large diameter telescope that affords good light 

gathering power despite the high magnification; (b) a high altitude or similarly stable 
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observing site which minimizes atmospheric seeing difficulties; and (c) the time of 

observation to coincide with extremely favorable "close" passes between the Earth and the 

object being viewed. The 1988-1990 observational program of imaging spectroscopy of 

Mars reported here satisfied all of the above criteria . 

2.3. Observin~ with the U.H. 2.24 m Wide Field Qrism Spectroiuaph 

2.3.1. Introduction 

A wide-field grism (grating-prism) spectrograph mounted on the University of 

Hawaii 2.24 m telescope was used to obtain the data in this dissertation (Figure 2.1 ). The 

techniques used to obtain this imaging spectroscopic dataset are based on those used to 

obtain similar data of the lunar surface by Lucey [1988] and Lucey et al. [1991]. Images 

and spectra were acquired in nearly 250 bandpasses from 0.4-1.05 µm by slowly 

scanning a 0.25 arc sec slit across the planet and imaging dispersed spectral information for 

each slit position onto an 800x800 Si-CCD. The slit images were later assembled into full

disk images of Mars. The resulting data products are three dimensional data arrays known 

as "image cubes" since they have dimensions (x,y,A.): two spatial and one spectral. Data 

were obtained during five separate observing runs in May, August, and September, 1988 

and November, 1990. 

2 .3 .2. Instrument Description 

The Wide Field Grism Spectrograph (WFGS) on the University of Hawaii 2.24 m 

telescope at Mauna Kea Observatory (MKO), Hawaii, was used to obtain Mars imaging 

spectroscopic data. WFGS was mounted at the f/35 Cassegrain focus of the telescope. The 

spectrograph uses a TI 800x800 pixel CCD, with a readout noise of± 6 electrons rms . 

Two different grisms (a transmission grating ruled on a prism) were used. The green grism 

is blazed at 4800 A, has a dispersion of 400 A/mm, and was used in first order. The red 

grism is blazed at 6400 A, has a dispersion of 420 A/mm, and was also used in first order . 
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WFGS is a field widened spectrograph that can accommodate a variety of user-designed 

slits. The Moon/Mars slit design had projected dimensions of 0.29"xl53", and thus utilized 

the entire width of the unvignetted field while still allowing for high spectral resolution and 

adequate cross-slit spatial sampling of the martian disk. The 10 µm square CCD pixels 

yield a dispersion along the spectral axis of 6.7 A/pixel and a spatial axis scale of 

0.19"/pixel. However, for reasons discussed below, on-chip binning was performed along 

the spectral axis (columns) by a factor of four to yield an 800x200 frame with an effective 

wavelength dispersion of 25-27 A/pixel. The full potential spectral range was 0.25 µm to 

1.10 µm. The actual spectral coverage for the data discussed here is 0.397-0.801 µmin the 

green grism and 0.534-0.973 µmin the red grism, because of the need to limit the data to 

one wavelength octave and because the flux below 0.4 µm and above 1.0 µm is negligible 

due to a combination of instrumental sensitivity and martian spectral response . 

2.3.3. Observing Methods 

2.3.3.1. Instrument Set-up. Initial instrument setup involved focusing of the slit 

aperture onto the CCD followed by focusing of the telescope itself. The former was 

coarsely achieved by directly imaging the slit (viewing an arbitrary position in the sky 

without the grism in the path) and adjusting the WFGS internal camera lens until a rough 

focus was achieved. Subsequent measurements of Ne and Hg emission lines with the 

grism in the path allowed fine tuning of the spectral focus. The telescope focus was 

coarsely achieved by imaging a star onto the CCD (no slit or grism in the path), then 

subsequent fine tuning was accomplished by inserting the slit and grism and minimizing the 

width of the star's spectrum. Final adjustments to the spectral focus were made again at this 

point to compensate for minor chromatic aberration. Another important set up procedure 

was determining the correct slit orientation with respect to the sky. Differential atmospheric 

refraction causes severe wavelength-dependent image misregistration within the cube, 
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especially in the blue. This is unavoidable using such a narrow slit, so it was decided to 

confine the bulk of this effect within each individual frame by orienting the slit 

perpendicular to the horizon (east-west). Thus a correction for this easily visualized 

refraction effect could be applied as part of the data reduction scheme. Finally, in order to 

improve the signal-to-noise of the longer wavelength data and to prevent grating order

overlap problems, glass filters were installed that blocked light shortward of 0.5 µm and/or 

preferentially reduced flux at the shorter wavelengths (where the CCD is much more 

sensitive) and allowed longer integrations without saturating the detector. 

2.3.3.2. Wavelength Calibration. A mercury-cadmium-zinc lamp was shone 

directly down the telescope to obtain a wavelength calibration spectrum in the 0.4-0.8 µm 

region. The 0.5-1.1 µm calibration was performed using a neon calibration bulb. The 

positions of known emission lines (from the CRC Tables) were used to adjust the spatial 

position of the slit (thus determining where the beam strikes the grism) so that the desired 

wavelength range would be centered on the CCD. Sixteen Hg, Cd, and Zn emission lines 

and 32 Ne emission lines were used to construct linear polynomial fits that transformed 

CCD row number (in 800x200 frames) into wavelength (Figure 2.2). An additional offset 

correction to the best-fit polynomial curve was added by aligning the data to the positions 

of known telluric and stellar absorption lines (§ 3.4.2). 

2.3.3.3. Dark Current, Flatfield, and Linearity Measurements. Bias (closed shutter) 

images were obtained every 30 minutes and showed typical temporal variations of± 0.3-

0.6 %. Typical single image pixel-to-pixel bias variations exhibited no apparent structure 

to the limit of the noise. Flatfield measurements were also obtained every 30 minutes by 

closing the dome shutter and illuminating it with a 5800K Tungsten lamp. Numerous 

flatfield images were obtained with varying integration times to verify the CCD linearity 

range, especially near the short exposure times (0.1 s) used for Mars . 
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2.3.3.4. Scanning the Slit. WFGS was transformed into an imaging spectrometer 

by scanning the slit across Mars. Both the frame rate and the track rate had to be accurately 

adjusted to obtain the desired spatial and temporal sampling frequency. The most severe 

constraint was a hardware limitation caused by the fact that WFGS is optimized to observe 

faint objects: CCD readout time is nearly two minutes per 800x800 frame, and only 12 

such frames can be stored on the data system tape recorder. I wanted to obtain an image 

cube of the whole disk in as little time as possible and have time to acquire frequent 

standard stars, so on-chip binning of the spectral axis was performed by a factor of four. 

This allowed the acquisition over 50 800x200 images per tape and reduced the frame 

readout time to under 30 seconds. Thus, it was possible to obtain a Mars whole disk image 

cube in 30 minutes (scanning at 0.002 arcsec/sec from 5" north of the planet to 5" south), 

perform a rather time-consuming tape change during the telescope slew to a standard star, 

then obtain the star image cube in 20 minutes (again scanning 5" north to 5" south), 

perform another tape change during the slew back, and repeat the procedure. A 

serendipitous bonus was the fact that Mars rotated 15 degrees during each data acquisition 

cycle, so nearly 160 degrees of martian longitude could be imaged each night. 

2 .3 .4. Data Reduction Techniques 

2.3.4.1. Bias and Flatfield Corrections. Raw spatial vs. spectral images were 

assembled through software into a data "cube" with its third axis being the second spatial 

dimension (cross-slit scan positions: Figure 2.3). Each cube had associated with it a bias or 

dark current image and a flatfield image. The mean of the bias field was subtracted from the 

entire cube and the flatfield image. Nominally at this stage one would divide the flatfield out 

of the cube to correct for pixel-to-pixel QE nonuniformity. However, I encountered a 

serious problem arising from the fact that the flatfield images were not obtained from the 

same exact region of the closed dome shutter during the course of the night. When the 

25 



• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

standard star spectrum, with its own flatfield image, was divided out of a Mars image cube 

having a different flatfield image, the resulting spectra showed an anomalously large 0.65 

µm Fe3+ absorption band with a depth an order of magnitude larger than ever before seen 

for the planet. Subsequent analysis of the flatfield images showed that there are apparent 

compositional variations on the inside of the 2.24 m telescope dome associated with a 

coating of dusty, ferric-bearing Mauna Kea palagonite. Thus, I was forced to perform the 

pixel nonuniformity correction using a single flatfield image (per night) for both the martian 

and standard star image cubes. In a classic case of the perversity of nature, the calibration 

exercise was frustrated by the fact that the observing site was located on top of one of the 

largest masses of martian spectral analog material on Earth . 

2.3.4.2. Standard Star and Extinction Corrections. The desired wavelength range 

and resolution of the spectrograph depends critically on the width and position of the input 

aperture, so obtaining photometric data of point sources for direct comparison to an 

extended object such as Mars is difficult [Lucey et al. 1991]. Observations of a star with 

the 0.29" slit used to scan Mars would be highly dependent on seeing and would not collect 

all the flux from the star; however using a wider slit would collect all the flux but degrade 

the spectral resolution and wavelength calibration accuracy. To attempt to overcome this 

problem, the slit was scanned across the star, collecting an image cube similar in form to 

the Mars data. The resulting data cube (after bias removal and flatfield correction) was 

collapsed into a single spectrum using a software aperture of 2.5" x 2.5". Significant flux 

errors (up to 15-20%) can arise from such a procedure, however, due to telescope wind 

shake and "jitter" associated with imperfect balance and tracking. Such effects can either 

cause some of the star flux to go unsampled (if the slit jumps over a scan position) or 

oversampled (if the slit stops at the same position twice). Thus, absolute flux calibration is 

not feasible via this technique . 
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Atmospheric extinction errors were minimized by observing the star at similar 

airmasses as the Mars data (to within 0.1 airmass; see Table 3.1). I experimented with 

performing an airmass vs. log(intensity) fit to the star data [McCord and Clark 1979] and 

dividing an appropriate star spectrum derived from this fit out of each Mars data cube . 

However, due to the flux collection problems discussed above, the star spectra did not 

exhibit a linear airmass vs. log(I) relationship. Thus, the star spectrum closest to that of 

Mars in airmass was divided from each Mars data cube . 

Optimally, time would have permitted collection of standard star data for both an 

atmospheric extinction correction standard and a solar spectral analog. However, it was 

practical to only obtain data for one star between acquiring Mars image cubes, so I chose a 

bright G-class star closest to Mars' position in the sky. The star chosen was ri Psc (G8ill, 

BS 437). Since the star is not exactly solar-type (G2V), it is possible that the ratio of 

Mars/ri Psc would not accurately represent Mars/Sun. The only spectral data found for Tl 

Psc in the visible to near-IR are the UVBRI magnitudes of Johnson et al. [1966]. These are 

plotted in Figure 2.4 along with blackbody curves of 4000°, 5000°, and 6000°K. Except for 

data at U (which is strongly influenced by the Balmer discontinuity), the ri Psc broadband 

spectrum is fairly well represented by a "" 5000°K blackbody. This provides some 

reassurance that although this star is not exactly solar type, its coarse spectral behavior is 

similar to that of the Sun. Apparent differences between the Sun and Tl Psc at higher 

spectral resolution show up as high frequency features in the spectral data in Chapter 3, but 

these features only occur at the shortest wavelengths and do not influence the mineralogic 

interpretations gleaned from longer wavelength data. 

2.3.4.3. Order-Overlap Correction. During collection of data for 3 of the red grism 

image cubes, the blocking filter was inadvertently removed and thus these data suffer from 

spectral order overlap. Specifically, data in the 0.8-1.0 µm region (first order) is 

"contaminated" with light from the 0.4-0.5 µm region (second order). Even though the 
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martian flux is small from 0.4-0.5 µm, the effect on the resulting Mars/Tl Psc spectra is 

drastic since the star has considerable flux from 0.4-0.5 µm. The magnitude of this 

problem can be seen in Figure 2.5, which shows Tl Psc spectra obtained with and without 

the order-overlap problem . 

An approximate correction of this order-overlap problem was possible because both 

Mars and Tl Psc 0.4-0.5 µm spectra were obtained on the same night as the contaminated 

spectra. The difference spectrum between Tl Psc "contaminated" and Tl Psc using the order 

blocking filter (Figure 2.5) effectively provides the amount of 0.25-0.50 µm light that is 

being added to the 0.5-1.0 µm spectrum. The difference spectrum also aids the calculation 

of the instrument transfer function (ITF) in the 0.40-0.50 µm region (discussed below) . 

To correct the contaminated 0.5-1.0 µm Mars spectra, the Mars cube is divided by 

the corrected Tl Psc spectrum, resulting in a 0.5-1.0 µm Mars/Tl Psc ratio that contains only 

excess Mars 0.40-0.50 µm light. Below 0.40 µm, a combination of low Mars flux and 

near-zero CCD response means that no additional contamination arises from the 0.25-0.40 

µm part of the second order. Mars/Tl Psc spectra in the 0.40-0.50 µm region measured the 

same night are merged to the 0.5-1.0 µm data using five different "reference spectra" 

representing a range of albedo units and scaled to the 0.5-1.0 µm Mars/Tl Psc values. To 

subtract the contaminated light, the 0.4-1.0 µm spectra must be converted back into "raw" 

photon flux units as originally measured by the instrument. This is accomplished by 

multiplying the merged Mars/Tl Psc spectrum by the solar spectrum and then by the ITF. 

The solar spectrum used is a combination of blackbody curves fit to the Kurucz et 

al. [1984] high resolution solar spectrum (Figure 2.6). Between 0.40 and 0.86 µm, a 

6000°K blackbody best fit the data; at longer wavelengths a 5000°K blackbody provided a 

better fit. The ITF in the 0.4-0.5 µm region was calculated using the difference spectrum in 

Figure 2.5. The 0.25-0.50 µm "raw" spectrum of Tl Psc is just the difference spectrum 

plotted at new wavelengths that are 0.5 times the 0.5-1.0 µm wavelengths. Division of this 
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"raw" spectrum by the actual spectrum of 11 Psc gives the ITF. For the actual 11 Psc 

spectrum in the 0.4-0.5 µm region, a 7th-order polynomial fit to the Johnson et al. [1966] 

data was used (Figure 2.4) rather than the blackbodies discussed above. The polynomial fit 

does a better job at the shortest wavelengths because the blackbodies do not include Balmer 

discontinuity effects. 

Symbolically, the order-overlap correction procedure can be written as: 

{ 

S r1 ( 2 * A. ) - S r2 ( 2 * A.) ( 0 .4 $ A. $ 0 . 5 ) 
S(A.) = 

S r2 (A.) ( 0. 5 < A. $ 1. 0) 

ITF = S(A.) I Smoct(A.) 

Rm(A.) = [M(A.) I S(A.)] * [Fm00(A.) * ITF] 

{
Rm(A.) (0.4 $A.$ 0.5) 

Rc(A.) = 
Rm().) - Rm ().12) (0.5 < A. ::;; 1.0) 

R(A.) = Rc(A.) I [Fmoo(A.) * ITF] 

(2.la) 

(2.lb) 

(2.2) 

(2.3) 

(2.4a) 

(2.4b) 

(2.5) 

where S(A.) = the order-overlap corrected 11 Psc "raw" spectrum; Sri (A.) = the 11 Psc raw 

spectrum in the red (0.5-1.0 µm), measured without the order blocking filter; Sr2(A.) = the 

11 Psc raw spectrum in the red measured with the order blocking filter; ITF = the instrument 

transfer function; Smoct(A.) = the 7th-order polynomial modeled 11 Psc spectrum; Rm(A.) = 

the reconstructed "raw" measured Mars flux; M(A.) = the 0.4-1.0 µm Mars I corrected 11 

Psc spectrum; Fmoct(A.) =the modeled solar flux spectrum; Rc(A.) = the order-overlap 

"corrected" Mars flux (in original raw DN units); and R(A.) =the order-overlap "corrected" 

Mars/11 Psc spectrum. This procedure is depicted graphically in Figure 2.7. It should be 

noted that this scheme assumes that the atmosphere is unchanging in all measurements . 

The correction procedure just described does a good job of removing the excess 

light contaminating the 0.8-1.0 µm region. However the resulting 0.8-1.0 µm spectral 

slope is highly dependent on the assumed form of the modeled Sun and Tl Psc spectra, so 
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mineralogic interpretations cannot be made based on the spectral slope in these data . 

However, the presence or absence of absorption features can be used to aid in mineralogic 

interpretations, since there were no features in the 0.4-0.5 µm Mars spectra that were 

subtracted from the contaminated 0.8-1.0 µm data . 

2.3.4.4. Geometric Corrections. This section details the five spatially-oriented 

corrections applied to these data: refraction, rotation, image expansion and reconstruction, 

filtering, and map projection . 

2.3.4.4.1. Refraction. As mentioned above, differential atmospheric 

refraction within this data is an unavoidable result of using such a narrow slit. The effect 

within the standard star data was ignored since the software aperture collapsed the spectrum 

to one dimension. However, refraction was a serious problem for the Mars data cubes that 

had to be corrected, otherwise spectra extracted from the cube would be severely spatially 

misregistered (Figure 2.8a). A prudent choice of slit orientation confined the bulk of the 

refraction to individual frames in the cube, so a program was developed that corrected each 

cube frame by frame. This was best accomplished by calculating the centroid column of 

each row relative to one "reference" row, fitting a second-order polynomial to these 

centroid positions, and then shifting the rows back using these polynomial fit values so that 

the resulting Mars limb vs. wavelength profile was straight (Figure 2.8b). I also ran a 

bilinear tiepoint fitting program to "rubber stretch" the refracted images to their proper 

shape, but found that this method produced more jagged, discontinuous limb profiles than 

those produced using the smoothly varying polynomial method A ratio of two images near 

the ends of the spectrum was used to test the fitting scheme, and the correction process was 

iteratively refined until the misregistration was reduced to 0.5 pixels or less . 

2.3.4.4.2. Cube Rotation. In order to take advantage of the imaging aspect 

of these data, the cube (x,z,y) =(spatial, spectral, spatial) was rotated through software to 

(x,y,z) = (spatial, spatial, spectral), thus the facing plane was an image of the planet at a 
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single wavelength. This allowed easily visualized extraction of spectra from desired regions 

on the planet, either from individual pixels or groups of pixels. It also allowed the creation 

of ratio images between wavelengths. 

2.3.4.4.3. Image Expansion and Reconstruction. The images of the planet 

after cube rotation were crude and difficult to interpret due to two effects (Figure 2.9). 

First, the cross-slit and along-slit spatial sampling frequencies are not equal. The cross-slit 

axis was sampled at approximately the seeing level("" 0.5"/pixel) but the along-slit spatial 

scale was 0.19"/pixel. Thus the images of Mars were rough ellipsoids with axial ratios of 3 

to 4. Second, telescope jitter and tracking inconsistencies produced along-slit spatial offsets 

of up to 20 pixels for each row in the ellipsoid images. In addition, rows were sometimes 

"exchanged" in their cross-slit spatial order within an image. This occurred whenever the 

telescope smoothly tracked south, then suddenly jumped further south by a few arcsec, 

then bounced back north to the proper position and continued its scan south. Such row 

exchanges are often easy to spot in this dataset, since they manifest themselves as sudden, 

inconsistent changes in surface albedo boundaries. 

All of these effects were corrected by exchanging the rows that were obviously 

misplaced, removing duplicate rows, "sliding" the rows by aligning their central columns 

until they fit an ellipsoid shape, then expanding this ellipsoid image by simply replicating 

rows into a full circle (Figure 2.9). This task was greatly facilitated by red filter CCD 

images that were obtained concurrent with each cube. The CCD image acted as a guide for 

the proper reconstruction of the spatial information within each cube. It is important to note 

that these geometric corrections are in some sense only cosmetic in that they facilitate 

visualization of spatial information; in no way did these corrections effect the spectral 

information in this data set. 

2.3.4.4.4. Spatial and Spectral Filtering. Images and spectra in this data set 

were sometimes smoothed to alleviate the effects of poor SIN, bad CCD columns, or 
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wavelength-dependent fringing. When such filtering was performed, it was always carried 

out using simple nearest-neighbor or "boxcar" averaging. Thus, in a 3x3 spatial boxcar 

filter, each pixel is replaced by the average of its eight surrounding neighbors. In a five 

channel running boxcar spectral filter, data at each wavelength are replaced by the average 

of data in the two previous and two following channels. For spectral filtering, the effective 

spectral resolution is degraded by a factor equal to the boxcar size, thus eliminating high

frequency fringing effects. For spatial filtering, the major effect is to degrade the x-axis 

spatial resolution to be roughly equal to that of the y-axis, since the boxcar size was always 

less than the row expansion factor. When data that underwent either spatial or spectral 

filtering are presented, they are clearly indicated as such . 

2.3.4.4.5. Map Projections and Photometric Angle Determinations. The 

expanded, reconstructed image cubes are orthographic or true perspective projections of 

Mars. Knowing the sub-Earth latitude and longitude of each cube and the diameter of the 

planet in pixels, I transformed these data to cylindrical and sinusoidal map projections 

using a program I wrote based on the USGS map transformation equations of Snyder 

[1982]. These projections allow easy intercomparison of data from different latitude and 

longitude ranges on a single map as well as direct comparison to similarly projected Viking 

Orbiter geologic and albedo maps [e.g., Pleskot and Miner 1981; Scott and Tanaka 1986; 

Greeley and Guest 1987; Christensen 1988]. This program also allowed the determination 

of photometric and positional angles (latitude, longitude, incidence and emission angle) for 

spectra extracted from the image cubes. 

2 .3 .5. Data Analysis Procedures 

Compared to most other spectroscopy data sets, this data set is computationally 

huge. During the 1988 opposition, 17 Mars image cubes were obtained, along with 12 

standard star cubes and hundreds of additional calibration frames. During 1990, an 
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additional 11 Mars image cubes were acquired, along with 10 standard star cubes and 

hundreds more calibration frames. This represents over 5000 images and 5x106 spectra for 

Mars alone, or a total of over 100 Mbytes of data in raw form. The data reduction scheme 

outlined above increases this volume storage requirement by at least a factor of five 

(depending on how many steps of the calibration are "saved"). Clearly, traditional methods 

of spectrum analysis must be supplemented by additional techniques that allow for 

automation and visualization of desired parameters in image form . 

Seven main procedures have been utilized in the analysis of these data: spectrum 

extraction, color ratio images, two-dimensional histogram unit mapping, band depth 

mapping, polynomial coefficient mapping, linear spectral mixture modeling, and principal 

components analysis. 

2.3.5.1. Spectrum Extraction. I carried out "traditional" analysis of spectra 

extracted from the image cubes from small areas (up to lOxlO pixels) of particular interest 

on the planet. This analysis involved plotting spectra scaled as approximate reflectance and 

as relative reflectance (spot/spot) and examining absorption bands, slopes, and color 

changes in each spectrum. Mineralogic implications of these spectra were gleaned from 

comparisons with spectral libraries containing reflectance data for thousands of minerals 

[e.g., Hovis and Callahan 1966; Adams and Felice 1967; Hunt and Salisbury 1970; Morris 

et al. 1985; Clark et al. 1990] and from some of my own laboratory research on Mars 

spectral analog materials [e.g., Bell et al. 1991; see also Chapter 5] . 

2.3.5.2. Color Ratio Images. Color ratios have been shown to be effective tools for 

displaying variations in spectral slope and absorption band depth for the Moon [e.g., 

McCord et al. 1976; Campbell et al. 1991] and other solar system bodies [e.g., Bell and 

McCord 1991]. In this research, color ratios are used to define broad classes of spectral 

units mostly on the basis of spectral slope in the visible (i.e., degree of "redness"). Ratios 

between near-IR and near-UV images are also useful in the analysis of surface and 
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atmospheric volatile units, since these materials exhibit a high spectral contrast, especially 

in the near-UV where the surface minerals have a very low reflectance. 

2.3.5.3. Two-Dimensional Histogram Unit Mapping. A two-dimensional (2-D) 

histogram is another way of examining color ratio images, except that the nature of the 

histogram allows unit boundaries to be characterized based on more quantitative spectral 

parameters. In terrestrial remote sensing, 2-D histogram units are frequently defined using 

various mathematical classification schemes [e.g., Lillesand and Kiefer 1979]. For this 

research, simple polygonal region extraction of 2-D histogram units was used [similar to 

the methods of McCord et al. 1982b] to try to define discrete Mars surface and atmospheric 

spectral units . 

2.3.5.4. Band Depth Mapping. Band depth mapping was performed in order to 

examine, in image format, variations among the absorption bands that have been detected. 

Since the absorption bands seen on Mars are rather broad (0.1-0.2 µm), this technique 

involves averaging multiple images in the center (at a relative reflectance rb) and on each 

side of the bands (r1, r2) and determining a cross-band "continuum" parameter (re). Band 

depth is then defined according to Clark and Roush [1984] as: 

(2.6) 

where: 

(2.7) 

and where the averaged out-of-band relative reflectance values r1 and r1, and the averaged 

in-band value rb are defined here at each of their central channels A. as: 

(2.8) 

The wavelength interval t:.A used was typically three to five channels (8-13 nm) . 
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2.3.5.5. Polynomial Coefficient Mapping. This data analysis procedure involves 

polynomial fitting of each image pixel along different spectral intervals within the data and 

the production of maps showing the resulting polynomial coefficient parameters [Lucey et 

al. 1989; Lucey et al. 1991]. The spectrum of each pixel within the image is fit to an nth 

order polynomial in wavelength (A.): 

fi ( ) n n-1 
It A. = anA. + an-lA + ... + ao + aresid (2.9) 

yielding n+2 (including residuals) coefficients for each pixel that can subsequently be 

displayed as n+2 (x,y) images showing how these coefficients vary across the martian 

surface. For example, a linear fit of an image cube between 0.4-0.6 µm yields three 

parameters for each pixel that can be displayed as images across the planet: spectral slope 

(a1), spectral offset (ao), and a residual error term (aresid) that shows the quality of the 

polynomial fit in a spatial context. Analysis of such coefficient images has proven useful in 

the detection of anomalous spectral regions on the Moon [Lucey et al. 1991] and for some 

preliminary Mars images [Bell et al. 1990d; see also Chapter 4]. 

2.3.5.6. Linear Spectral Mixture Modeling. Since most remote sensing 

measurements observe assemblages of rocks and soils rather than pure mineral phases, it is 

important to try to assess the "sub-pixel" contributions of different soil, rock, or mineral 

endmembers whose spectral signatures are mixed together in the measured spectra. This is 

particularly important for telescopic images and spectra, where the spatial resolution for 

Mars is at best on the order of hundreds of km and the spectra of many different materials 

and geologic environments are most certainly combining in some fashion to yield the 

observed measurements . 

The spectral mixing model approach used here is based on the simple linear (or 

"checkerboard") image-oriented model recently developed at the University of Washington 

[Adams et al. 1986, 1992; Possolo et al. 1992]. Instead of using laboratory mineral spectra 

as mixture endmembers, "image endmembers" are chosen directly from candidate pixels 
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within the scene. For example, bright region and dark region spectra can be extracted from 

a Mars image cube and used as endmembers for all the other spectra in the cube, providing 

a semi-quantitative measurement of the percentage of bright and dark "units" for every pixel 

on the planet. In this way, additional spectral effects caused by instrument artifacts and 

lighting geometry variations (which represent the limiting "noise" on the detectability and 

unique identification of minerals in the scene) can be separated from possible compositional 

variations that would have been inferred had the endmembers been from "clean" laboratory 

reference spectra. One possible drawback of using image endmembers is that the 

endmembers, even if carefully chosen, may themselves represent mixtures rather than true 

endmembers. Thus, it is important to carefully examine the image endmember spectra and 

to compare them, at least qualitatively, with laboratory reference spectra in order to assess 

the true mineralogic nature of the image endmembers. 

Image endmembers are chosen so as to minimize the total residual error for each 

pixel in the areal mixing equation [Adams et al. 1992]: 

n 

where L Fi= 1 
i=l 

(2.10) 

where DNe is the data value of each pixel in channel c, Fi is the fraction of each of then 

endmembers within each pixel, DNi,e is the data value of endmember i in channel c, Ee is 

the residual (error) of the fit in channel c, and where the total (rms) residual error, E, for 

each pixel in all M bands is defined[ as: M ] 
0 5 

E = M-1LE; . 
e=l 

(2.11) 

The calculated values of Fi, Ee, and E are displayed as images, and an iterative 

approach is used to determine the best choice of n and DNi,e· Care is also taken to examine 

the actual values of Fi within the fraction image cube, since superpositive ( > 1) and 
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supernegative ( < 0) values are not strictly prohibited in equation (2.10), yet such values 

may occur if the endmember spectra have not been properly chosen so as to completely 

bound the complex hull of the data set [Possolo et al. 1992]. 

2.3.5.7. Principal Components Analysis. Principal components analysis (PCA) is a 

technique commonly used in the interpretation of broadband terrestrial multispectral 

imaging data sets [e.g., Siegal and Gillespie, 1980]. PCA involves the calculation of the 

eigenvectors of the variance-covariance matrix of a data set and then the transformation of 

the data onto a set of orthogonal axes that are linear combinations of the original data 

[Davis, 1986]. The first axis, or first principal component (PC), contains the greatest 

amount of the overall variance of the data, with subsequent components containing 

decreasing amounts of variance. Since all of the components are by definition completely 

uncorrelated, PCA images allow the user to assess the importance of each of the input 

variables (which are, in this case, images at different wavelengths) in determining the 

overall variance of the data set. 

The coefficients of the linear eigenvector combinations are called loadings, and an 

analysis of the relative importance of the loading of each variable in determining each PC 

image is a critical part of PCA interpretation [e.g., Davis, 1986]. For the telescopic data 

discussed here, application of standard PCA techniques would result in the production of 

PC images that are composites of up to 150-170 loadings (there being 150-170 input 

wavelengths, depending on the image cube). Physical interpretation of images generated 

from this number of variables is nearly impossible. For this reason, and because of the fact 

that images at similar wavelengths are highly correlated (as there is little high-frequency 

non-telluric spectral contrast observed on Mars at the spectral resolution employed here), a 

"selective" PCA technique has been used [Chavez and Kwarteng, 1984]. In this technique, 

the original data cube is spectrally subsampled to a much smaller number of bands at key 

wavelengths chosen to maximize the potential for spectral contrast. PCA on the subsampled 
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image cubes thus generates PC images with only a few (5-12) loadings that can hopefully 

be physically interpreted as due to mappable features, such as band depth or spectral slope 

changes. Chavez and Kwarteng [1984] and others have found that this selective PCA 

technique is very successful in reducing the dimensionality of large multispectral data sets 

while maintaining nearly all of the original total variance. 

2.4. Summary 

This chapter has described in detail how the 1988 and 1990 Mars imaging 

spectroscopy data were obtained, reduced, and analyzed. Since the WFGS instrument is 

routinely used for high resolution spectroscopy, some of the procedures described here can 

be categorized as "standard" CCD-type data reduction schemes. However, since this 

instrument has never before been utilized as an imaging spectrometer, many of the data 

reduction and analysis steps are new and unique to this data set. These newly developed 

techniques exploit the information contained within the spatial domain of these data, thus 

allowing more traditional spectral analysis techniques to be expanded into an imaging 

format. Displaying parameters such as band depth and spectral endmember fractions as 

images allows for easy visualization of such variables. Also, spatially coherent patterns 

corresponding to surf ace or atmospheric spectral units can be recognized and mapped, 

increasing the total amount of information per unit "effort" that can be extracted from such 

voluminous data sets . 
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U.H. 2.24 m Telescope Grism Instrument 

2.24 m 
Cassegrain 
Telescope 

Adjustable Slit 

Collimating Lens 

Grism (Grating-Prism) 

Camera Lens 

800 X 800 CCD ~tial axis 

spectral axis 

Figure 2.1. Schematic representation of the 2.24-m telescope WFGS instrument as 
configured for the 1988 Mars observations presented here . 
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Image Cube Concept 

Raw data cube 
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Figure 2.3. The image cube concept. Individual images (spatial axis 1 vs. spectral axis, see 
Figure 2.1) are obtained at times ti, t1, t3, etc. corresponding to different slit positions 
along spatial axis 2. These images are then merged into a "cube" of data in the 
computer, rotated, and co-registered to yield facing planes with spatial information, and 
spectral data along the third cube axis . 
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original DN units. (C) The 11F and solar curves are divided back out, yielding a best-guess order-removed spectrum. 

• 



• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

Figure 2.8. Example of refraction in the image cube data. On the left is a "raw" spatial 
(x-axis) vs. spectral (y-axis) image from one slit position on Mars. The curvature of the 
limb approaching blue wavelengths is caused by atmospheric refraction. On the right is 
the image after application of the correction scheme discussed in the text. Only small 
residual curvature and single-pixel offsets remain after the refraction correction. 
Spectral features at "a" and "b" correspond to terrestrial 02-A and 02-B bands, 
re spec ti vel y . 
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Figure 2.9. Expansion and reconstruction scheme for Mars imaging data. The original data (1) at 35-55 slit positions are 
expanded by replication of rows (2) and then "cleaned up" by re-positioning of misplaced rows and removal or coadding of 
duplicate slit positions until the final image is approximately circular (3). The image is then rotated and possibly spatially 
filtered (4) for direct comparison with normal CCD red-filter images obtained simultaneously (5). 
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CHAPTER 3. OBSERVATIONS AND DATA PRODUCTS 

3.1. Introduction 

This chapter presents the data obtained from my visible to near-IR Mars 

observations during the 1988 opposition. First, the observational circumstances are 

presented, including viewing geometry, dates and times the observations were made, 

estimated spatial resolution, and the spatial and spectral dimensions of each image cube . 

Next, the data are presented, first as point spectra to facilitate comparisons with previous 

data sets in terms of absorption bands and spectral slope, then as images in order to map 

albedo features and determine their color. Finally, an analysis of the signal-to-noise ratio 

and the errors in the data set (both systematic and spurious) is presented. 

3.2. The Observations 

All the data presented here were obtained using the Wide Field Grism Spectrograph 

at the University of Hawaii 2.24-m telescope at Mauna Kea (see Chapter 2 for details of the 

instrumentation). Successful measurements were obtained on two nights in August, 1988 

and on three nights in September 1988. Mars had an angular size of 21.0 arcsec during the 

first run in August and 23.7 arcsec during the second run at opposition in September. Table 

3.1 presents additional details of the observing geometry and conditions. 

Since the cross-slit spatial dimension was 0.19 arcsec (§2.3), the theoretical 

maximum sub-earth point spatial resolution was 64 and 55 km/pixel (along the x-axis 

perpendicular to the scan direction) for the first and second runs, respectively. Since the 

seeing was almost always worse than 0.19 arcsec, this theoretical maximum resolution was 

usually not achieved. For more typical 0.5 arcsec seeing, the equatorial spatial resolution 

was 140-170 km/pixel along the x-axis. The y-axis (parallel to the scan direction) spatial 

resolution was determined by a number of factors, including seeing, scanning rate, cross-
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slit spatial dimensions, telescope tracking jitter, and wind shake. The slit design and slit

scanning scheme was chosen so that the (average) seeing would always be oversampled by 

at least a factor of 1.5, and thus the debilitating effects of jitter and wind shake would still 

allow the entire planet to be imaged at the seeing level. This scheme was very flexible: if the 

seeing was superb (0.25-0.5 arcsec), the y-axis spatial resolution approached that of the x

axis resolution. For worse seeing conditions or for inconsistent scanning, multiple slit 

images of the same effective surface region were obtained, thus allowing selection of which 

of these "snapshots" had the best x-axis spatial resolution (by visual inspection of albedo 

features) or allowing averaging of redundant slit positions to increase S/N. For most of the 

image cubes presented here, the y-axis spatial resolution is estimated at approximately 200-

250 km/pixel at the equator. Table 3.2 provides additional information on the spatial 

resolution, spectral range and resolution, latitude-longitude coverage, and image size for 

the 13 image cubes discussed here . 

3.3. The Data Set 

3.3.1. Spectroscopy From 0.4-1.0 µm 

Point spectra were extracted from the image cubes in boxes ranging in size from 3 x 

3 pixels to 7 x 7 pixels. The quoted error value for each wavelength point in these spectra is 

not a true error, per se, but is a measure of the variation of the spectrum at each wavelength 

within each box. For each extracted spectrum, the central pixel latitude and longitude, 

incidence angle, emission angle, and latitude and longitude ranges of the box have been 

calculated. These values are tabulated in Tables 3.3 and 3.4 for the spectra presented 

below . 

All of the spectra are presented as relative reflectance: Mars I Tl Psc. It was not 

possible to calculate an absolute flux level for these Martian spectra, because of calibration 

difficulties inherent in the slit-scanning procedure (see §2.3.4.2). Since 11 Psc (BS 437) is a 
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G8III-class star, it was assumed to be close enough to type G2V to act as a Solar analog . 

For wavelengths longer than 0.4 µm the broadband VBRI spectrum of Tl Psc [Johnson et 

al., 1966] is close to that of a 5000 K blackbody (Figure 2.4), thus providing some 

assurance that the star's spectrum is solar-like at least in its overall character. Since I have 

not been able to locate any high spectral resolution spectra of Tl Psc, it is unclear just how 

this star's resolved spectrum deviates from that of the Sun. As will be seen below, there are 

high-frequency features in the Mars I 11 Psc data that are not explained by telluric or solar 

absorption lines (see §3.4.), and these are ascribed to differences between 11 Psc and the 

Sun. These features do not influence the interpretations gleaned from the much broader 

mineralogic absorption features seen in the data, however. Perhaps future high spectral 

resolution absolute flux observations of Tl Psc will allow this data set to be re-calibrated to 

radiance factor or approximate normal albedo. 

3.3.1.1. Spectra From 0.4-0.8 µm. Mars /11 Psc spectra obtained with the green 

grism in the 0.397-0.801 µm wavelength region are presented in Figures 3.la-h. These 

figures show five representative spectra from each of the eight image cubes acquired in this 

wavelength region. The spectra have not been offset for clarity, so as to depict the relative 

flux differences between individual regions of the same cube. 

The overall shape of these spectra is consistent with previous Mars observations at 

lower spectral resolution (Chapter 1). The dominant characteristic is the ubiquitous and 

steep red slope from 0.40-0.75 µm. This slope is actually due to a combination of three 

effects [Sherman and Waite 1985]: (1) strong Q2- ~ Fe3+ ligand to metal charge transfer 

(LMCT) absorption features centered in the UV near 0.22-0.26 µm; (2) Fe3+ ligand field 

transitions near 0.29-0.31 µm [6A1~4T1(4P) electronic transition], 0.36-0.38 µm 

[6A1~4E(4D)], and 0.43-0.45 µm [6A1~4E,4A1(4G)]; and (3) Fe3+_Fe3+ magnetically-

coupled electron-pair transitions near 0.48-0.55 µm arising from the double excitation 

transition 6A1+6A1~4T1(4G)+4T1(4G) . 
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As shown by Sherman and Waite [1985], the three sources of the near-UV 

absorption edge may have comparable intensities. Variation in intensity between these 

sources is the primary cause of spectral variations among the major ferric oxide minerals. 

For example, the well crystallized iron oxides studied by Sherman et al. [1982] and Morris 

et al. [1985] all have discrete bands and/or slope changes in their 0.35-0.60 µm spectra. 

From the above discussion, it is apparent that these features are due to Fe3+ ligand-field 

and electron-pair transitions that are either stronger than or comparable in magnitude to the 

higher energy LMCT features. Thus, the relative smoothness of the Martian spectra in the 

0.40-0.60 µm region shows unequivocally that well crystallized iron oxide phases are not 

the dominant component of the optical surface of Mars, at least at 100-250 km spatial 

resolution. This result is consistent with previous studies at lower spectral resolution 

[McCord and Westphal, 1971; Singer et al., 1979]. 

The data of Figure 3.1 show that at high spectral resolution the 0.40-0.60 µm 

region is not entirely free of spectral structure, however. Figure 3.2 shows the results of 

performing an 11-point first derivative [Savitzky and Golay, 1964] on the brightest and 

darkest regions in Figures 3.la-h. Figure 3.2 shows the quantitative color difference 

between bright and dark regions: the brightest regions have a steeper 0.42-0.70 µm spectral 

slope than the darkest regions by a factor of 2.0-2.75. The maximum color difference is 

located near 0.57 µm. Inspection of the original spectra and of the spectral slope plots 

reveals discrete slope changes in the spectra near 0.47-0.48 µm, 0.53 µm, and 0.56-0.57 

µm that are more evident in the bright regions than in the dark regions. These slope changes 

occur at wavelengths close to the lowest energy Fe3+ ligand-field band and the double 

excitation transition discussed above. It is tempting to claim the detection of crystalline 

ferric oxide phases from these inflections; however, these bands exist in the presence of 

discrete Fe3+ cations or (Fe06)9- polyhedra in many phyllosilicates as well as iron oxides 

[Chen et al., 1979; Karickhoff and Bailey, 1973] . 
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Absorption bands in the 0.60-0.70 µm region provide more concrete evidence of 

the existence of crystalline iron oxides on Mars than the 0.40-0.60 µm data. Figure 3.1 

shows a weak band centered near 0.645-0.655 µm in Figures 3. la-f, while the band is 

centered at 0.650 µmin Figure 3.lg-h. In Figures 3.lg-h the feature has a different 

character than the corresponding band in the other cubes: it is stronger and well-resolved. 

In fact, this band is deeper than any previously published Mars absorption feature in this 

wavelength region. This fact, combined with the observation (discussed below) that the 

band does not seem to vary with albedo as it does in the other cubes, suggests that the 0.65 

µm feature in Figures 3.lg-h is related to a systematic calibration error/residual and is not 

related to Martian surface mineralogy. This possibility is discussed further in Section 3.4. 

The 0.60-0.70 µm band in the August 1988 data of Figures 3. la-f does not seem to 

show such systematic behavior. This feature is difficult to describe quantitatively since it 

cuts into the near-UV absorption edge as a "cusp" and therefore does not have a discrete 

band center. Derivative analysis (Figure 3.2) shows that the width of this band can be 

defined by two slope changes at 0.615-0.620 µm and 0.700-0.705 µm, with an effective 

band center as defined by a third slope change at 0.645-0.650 µm. While these slope 

changes can also be identified in several dark region spectra, they are most pronounced in 

spectra of the brightest regions. More detailed analysis of the band depth and spatial 

variation of this feature is presented in §4.2.5. 

The existence of this band in the Martian spectrum was first suggested by a spectral 

slope change near 0.65 µmin the data of Huguenin et al. [1977], and in retrospect there is 

evidence for this feature even in some of the earliest Mars spectra [see Figure 1.1; McCord 

and Adams, 1969]. This band was subsequently resolved using 1.5% spectral resolution 

CVF point spectra also obtained during the 1988 opposition [Bell, 1989; Bell et al., 

1990a]. The 0.60-0.70 µm slope change and absorption band in these previous spectra was 

interpreted by Huguenin et al. [1977] and Bell et al. [1990a] as due to the 6A1~4T2(4G) 
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ligand field transition of Fe3+. Bell et al. [1990a] argue that this feature, in addition to the 

previously-observed 0.86 µm Fe3+ band, provides solid spectroscopic evidence for the 

occurrence of hematite on Mars. This issue is discussed in more detail in Chapter 6. 

Data in the 0.70-0.80 µm region are relatively sparse and noisy due to the presence 

of the strong telluric 02-A band at 0.762 µm which has not been effectively removed due to 

the lack of rigorous extinction data. Despite this gap in the spectra, general trends in 0.7-

0.8 µm slope can be detected. The bright regions typically have flat or only slightly 

negative near-IR slope, while darker regions have distinct negative slopes. Negative slopes 

and weak absorption features in the near-IR, especially in the 0.9-1.1 µm region, have been 

interpreted by previous workers as an indication of Fe2+-bearing minerals like pyroxene 

preferentially occurring in the martian dark regions [e.g ., McCord et al., 1978; Singer et 

al. , 1979]. An often overlooked fact is that certain iron oxide minerals (most notably 

goethite, cx.-FeOOH) have relatively deep absorption features in the 0.9-1.0 µm region 

[e.g ., Sherman et al. , 1982; Morris et al., 1985]. While it is not possible to analyze such 

features in the 0.40-0.80 µm spectra of Figure 3.1, it is important to consider alternative 

explanations for the steeper negative near-IR slope in the dark regions, especially in light of 

the evidence at 0.60-0.70 µm for crystalline ferric oxides. This issue is discussed in more 

detail in the next section and in Chapter 4. 

Figures 3.3a-j present numerous spectra extracted from the 0.40-0.80 µm cubes 

over a wide range of albedo and photometric angles. These spectra have not been scaled, 

but each one is additively offset from the one below to facilitate viewing. Physical 

parameters for these spectra are compiled in Table 3.3. Variations in visible and near-IR 

spectral slope and in the 0.60-0.70 µm "cusp" can be seen in these figures . Also, the 

systematic, unvarying nature of the 0.65 µm band in Figures 3.3g-h is evident. Figures 

3.3i-j present spectra of the south polar cap region and the morning and north ( +50°) limb. 

Figure 3.3i, like previous lower resolution spectra and Viking Orbiter color imaging, 
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shows that the south polar cap, while often the brightest feature on the planet, is still quite 

red. This is presumably due to either surface dust or soil deposits mixed in with the polar 

ice or to intervening atmospheric dust. Clouds and hazes on the morning limb are bluish to 

white to red in color (Figure 3.3j), presumably indicating variations in composition 

between water or C02 ice-bearing clouds and atmospheric dust clouds or haze layers. The 

mineralogic and compositional implications of these spectra are discussed in more detail in 

Chapter4. 

3.3.1.2. Spectra From 0.5-1.0 µm. Mars I rt Psc spectra obtained with the red 

grism in the 0.534-0.973 µm region are presented in Figures 3.4a-e. Like Figure 3.1, this 

figure shows five representative spectra from each of the five image cubes acquired in this 

wavelength range. The 0.397-0.532 µm data of Figures 3.4c-e are from the blue grism 

image cube 936 (Table 3.2) and have been scaled to the red grism data as part of the order

overlap correction scheme discussed in Chapter 2. The 0.5-1.0 µm spectra are qualitatively 

similar to the blue grism data presented above in the wavelength overlap region; however 

there are substantial differences in spectral shape and absorption band strength between 

these two data sets. Most of the differences between these data and those of Figure 3.1 are 

caused by incomplete removal of telluric absorption bands near 0.75-0.77 µm and 0.68-

0.70 µm for the strong 02-A and -B lines and near 0.70-0.75 µm, 0.79-0.84 µm, and 

0.92-0.98 µm for H20 (see §3.4 below). These contaminated wavelength regions are 

identified by the small "error bars" labeled "H20" and "02" in the spectra of Figure 3.4. It 

is thus readily apparent that only a small region of the near-IR is unaffected by the inability 

to correct for the absorption by these telluric species. In addition, the data in Figures 3.4c-e 

have undergone an order-overlap correction (discussed in §2.3.4.3), so the spectral slope 

in this wavelength region is highly dependent on the various model assumptions that went 

into the order-overlap removal. 
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Despite the telluric atmospheric contamination and inherent uncertainties of NIR 

spectral slope, these spectra are useful in that they provide confirmation of features detected 

in the 0.4-0.8 µm data (Figure 3.1). Specifically, Figures 3.4a-c show the 0.60-0.70 µm 

absorption "cusp" due to the 6A1~4T2(4G) ligand field transition of Fe3+. This feature is 

much more pronounced in Figures 3.4d-e, and these data may suffer from the same 

apparently systematic observational error as the spectra in Figures 3. lg-h (see §3.4). 

Derivative analysis of the brightest and darkest region spectra of Figure 3.4 is presented in 

Figure 3.5. The dominant slope changes in Figure 3.5 are associated with the telluric 

absorption bands discussed above; however, a slope minimum near 0.645-0.655 µm is 

observed as is the obvious color difference between bright and dark regions (the former 

being 2.1-2.5 times redder than the latter at 0.5-0.6 µm; see Figure 3.5) . 

The large "absorption" feature near 0.85-0.87 µmin Figure 3.4 spectra is in reality 

caused by the 0.79-0.84 µm and 0.92-0.98 µm telluric water bands: these features appear 

as inverted absorption bands in the Mars/star ratio, because the bands were apparently more 

intense in the star spectrum than in the Mars spectrum [i.e., Bell and McCord, 1989]. The 

derivative spectra in Figure 3.5b reveal the location of these telluric water bands, but they 

also show what appears to be a weak slope minimum in the 0.84-0.91 µm region that may 

reflect a surface mineralogic absorption since this region is free of telluric contamination. 

This feature is centered near 0.87-0.88 µm and, if real, may be due to the 6A1~4T1(4G) 

ligand field transition of Fe3+ that has been previously observed in the martian spectrum 

[e.g., Singer et al., 1979; Morris et al., 1989; Bell et al., 1990a]. The influence of the 

nearby water bands and the uncertainties of the order-overlap method discussed in Chapter 

2 argue, however, that such a subtle feature is more of a serendipitously located artifact 

than a real absorption band. 

Figures 3.6a-f present many more spectra extracted from the red image cubes over a 

wide range of latitudes, longitudes, and photometric angles. Each spectrum is additively 
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offset from its predecessor by 0.5 relative reflectance units. Physical parameters for these 

spectra are presented in Table 3.4. The systematic nature of the telluric absorption features 

discussed above can be seen in these plots, as well as variations in VIS-NIR spectral slope. 

In Figures 3.6c-e these NIR slope variations may be partly due to the order-overlap 

corrections performed on these spectra; however, NIR slope variations in Figures 3.6a-b 

may reflect real variations in surface mineralogy associated with either ferric mineral 

absorptions near 0.8-0.9 µm and/or ferrous mineral absorptions near 0.9-1.0 µm. Figure 

3.6f presents south polar cap spectra obtained from these image cubes. These spectra are 

qualitatively similar to the blue grism data in Figure 3.3j, with the added complications of 

telluric H20 and 02 contamination. More detailed mineralogic interpretations of the spectra 

in Figure 3.6 are presented in Chapter 4 . 

3.3.2. Imaging at 0.4-1.0 µm 

As seen in Chapter 2 and Table 3.2, the slit-scanning technique allowed tens of 

thousands of individual point spectra to be obtained over the course of five nights of 

observing. It also allowed the acquisition of some 2000 near-full disk images of the planet 

in 230 spectral channels from 0.397-0.973 µm. It is the imaging aspect of these data that 

make these observations unique: never before the 1988 opposition had simultaneous high 

spatial and spectral resolution images and spectra of Mars been acquired. In this section, 

images and maps of the brightness distribution ("albedo") and color of surface features are 

presented. These images are compared with previous groundbased and Viking Orbiter 

global imaging data to assess their spatial resolution and to search for temporal albedo 

changes that occur on daily and/or seasonal timescales . 

3.3.2.1. Imaging at Red and Near-IR Wavelengths. Some representative images 

extracted from this data set at wavelengths in the red to near-IR portion of the spectrum 

(0.70-0.95 µm) are shown in Figure 3.7 for eight of the 13 reconstructed image cubes 
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(Table 3.1). Figures 3.7a-d show data obtained at 0.723 µm on 8/26/88 UT. Figures 3.7e-f 

show images obtained at 0.927 µm on 8/25/88 UT and Figures 3.7g-h are images at 0.791 

µm from 9/28/88 UT. 

All of these images show substantial surface albedo feature contrast. Many of the 

"classical" albedo markings can be identified. For example, the Syrtis Major and 

Tyrrhenum Mare dark regions are prominent in Figure 3.7a. Sinus Sabaeus and Sinus 

Meridiani make up the dark linear E-W feature near the center of disk in Figures 3.7b-d. 

The bright northern hemisphere region in Figures 3.7a-c is Arabia, while the circular 

intermediate albedo southern hemisphere feature in these same images is the Hellas basin. 

Figures 3.7f-h show the Margaritifer and Erythraeum dark equatorial regions as well as 

Solis Lacus, the "eye of Mars," near the western limb. The bright northern hemisphere 

region in Figures 3.7e-h is Chryse (site of Viking Lander 1), and the dark feature along the 

northern limb in these same images is Mare Acidalium. 

Because the sub-earth point during the opposition was near 20° S, the region north 

of about 50° N was not visible. However, this geometry allowed excellent coverage of 

southern latitudes, and the bright south polar cap (SPC) can be seen in all the images of 

Figure 3. 7. The cap extended over longitudes 300-70° at 70-90° S during August 1988 (late 

southern spring). It had shrunk to cover only longitudes 0-70° and 75-90° S by opposition 

in late September (early southern summer). 

The "striping" seen in many of these images is the result of assembling the various 

slit-scan positions into a coherent image. The image cubes have been rotated so north is at 

top, but the striping clearly shows the original scan direction. Despite the fact that it often 

took 20-30 minutes to acquire a scan across the full disk and that the images themselves 

have undergone a complicated reconstruction procedure (§2.3.4.3), the image quality is 

quite good, especially for the data taken in September 1988 when Mars was at its greatest 

angular diameter. Figures 3.7g-h are of comparable quality and resolution to some of the 
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best groundbased and HST photographic and CCD images obtained during the 1986-1988-

1990 series of near-perihelic oppositions (cf. Figure 1 in Bell and McCord, 1989; Figure 1 

in Bell et al., 1990a; O'Meara, 1988; Jan1es et al., 1991). The believability of these features 

is enhanced by comparisons with albedo maps generated from Viking Orbiter global 

approach mosaics and IRTM broadband solar albedo data (Soderblom et al., 1978; 

Palluconi and Kieffer, 1981; Paige and Keegan, 1991; Keegan et al., 1991; see Figure 

3.10). It is also worth noting that only modest "boxcar" spatial filtering has been performed 

on these images (§2.3.4), unlike several other CCD data sets that have undergone complex 

filtering or (in the case of HST) deconvolution schemes. 

3.3.2.2. Imaging at Blue and Green Wavelengths. Figure 3.8 presents images 

obtained from the same image cubes as Figure 3.7, however at wavelengths in the blue to 

green portion of the spectrum (0.40-0.55 µm) Figures 3.8a-d were obtained at 0.414 µm, 

Figures 3.8e-f at 0.549 µm, and Figures 3.8g-h at 0.412 µm. 

There is almost no surface albedo feature contrast in these images related to the 

classical bright and dark regions seen in Figure 3.7. This is because the martian surface is 

extremely absorbing in the blue (see the spectra of Figure 3.1), so spectra of both bright 

and dark regions converge to uniformly low reflectance values at wavelengths below 0.5 

µm. The major feature in these images is the bright south polar cap, which is as bright in 

the blue as it is in the red because of the bluish-white spectral behavior of C02 (and H20) 

frost across the near-UV to near-IR (e.g., Warren et al., 1990). Also prominent in these 

images, especially in Figures 3.8g-h, are bright regions along the western and northern 

limb. Because of their similarity to the SPC in previous blue photographic and CCD images 

(see Chapter 1), such features have been ascribed to condensate clouds and/or hazes. Along 

the western (morning) limb, the clouds may be water ice associated with fog. In the north 

polar region, these winter clouds/hazes are referred to as the "polar hood," and their 

composition (are they H20 or C02 ice?) is the subject of much study and debate (e.g., 
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Hanel et al., 1972; Pollack et al., 1990; Bell and Crisp, 1992). Unfortunately, the spectra 

of C02 and H20 ice in the VIS-NIR are indistinguishable at the spectral resolution used 

here. It is important to define the spatial extent of these condensate regions, though. 

Although condensates are not visible at red wavelengths (Figure 3.7), they can certainly 

influence the apparent VIS-NIR spectra of surface regions that lie below the clouds. This 

issue is discussed in more detail in Chapter 4. 

In some of the images where substantial nightly temporal coverage was obtained, 

subtle changes in surface feature brightness in the blue can be detected. For example, in 

Figure 3.9 images are presented from the shortest wavelengths obtained on August 26, 

1988. There was roughly 60-90 minute time difference between each of the rows in this 

matrix of images (the top cube is #846, bottom cube is #855 of Table 3.1). Features 

marked "H", "I", and "A" correspond to Hellas, Isidis, and Arabia, respectively. Isidis, 

which is a bright region near the terminator in the top row of images, is brighter than other 

bright regions to the west at the far blue wavelengths. Notice that Hellas in the top row is 

bright at 0.479 µm, but it is not readily distinguishable in the shorter wavelength images at 

this time. An hour later as Hellas approached the terminator, its relative brightness in the 

blue seemed to increase, especially near 0.427 µm. Arabia also seemed to undergo such a 

brightness increase at the terminator, but, like Isidis, it remained brighter all the way down 

to 0.400 µm. 

The relative brightness increases of Isidis and Arabia in the blue may be caused by 

C02 or H20 ice condensates, since these species are brighter than the surface at 0.400 µm. 

The brightness increase in Hellas, however, is hardly seen at 0.400 µm, and thus this 

increase may be related to atmospheric dust scattering. If dust is lifted into the atmosphere 

above Hellas late in the afternoon, then it would cause a preferential brightening and 

reddening of the observed spectrum (because the dust is both red and highly forward 

scattering [Pollack et al. , 1977]). This would account for the increased 0.427-0.479 
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brightness without raising the 0.400 µm flux. Additionally, there may be some component 

of the Hellas blue brightening related to condensates, as is hypothesized for Isidis and 

Arabia. The low signal level of the data at these wavelengths makes more quantitative 

estimates of the magnitude of these brightness changes difficult. Nonetheless, it is clear that 

the spatial distribution of at least atmospheric condensates and/or aerosols can change on 

hourly to daily timescales on Mars. This is certainly not a new result, as it is in agreement 

with many decades of photographic observations and Mariner and Viking spacecraft 

imaging and spectroscopic results. 

3.3.3.3. Longitudinal Coverage and Spatial Resolution. Figure 3.10 shows the 

global range of coverage of the imaging data presented here. These maps are in sinusoidal 

projection, centered on the prime meridian. Figure 3.lOa shows the extent of data obtained 

in the blue grism (0.40-0.80 µm). Nearly the whole planet south of 50° N was imaged. 

Figure 3. lOb shows the coverage for the red grism data (0.50-0.97 µm), which was limited 

mostly to the western hemisphere south of 50° N . 

Figure 3. lOc depicts the Viking Orbiter IRTM broadband solar albedo in the same 

projection as Figures 3.lOa-b [Palluconi and Kieffer, 1981; Paige and Keegan, 1991; 

Keegan et al., 1991]. The spatial resolution of the Viking data is 60 km/pixel at the equator . 

It is obvious (and not surprising) that the spatial resolution of the groundbased images is 

not as good as the Viking data. It is also obvious that the major albedo features have been 

resolved in the groundbased data, and that the spatial resolution of Figures 3. lOa-b 

approaches to within a factor of about two of the Viking data at certain regions of the 

planet, especially in the 0.4-0.8 µm data. The spatial resolution at any point within a 

particular image cube depends on the distance between that point and the sub-earth point. 

Thus, the maximum spatial resolution in these images was calculated to be approximately 

85x200 km/pixel in a latitude band near 20° S (the sub-earth latitude during these 

observations). The resolution degrades drastically (to over 500-1000 km/pixel) at high 
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northern latitudes and at longitudes far from the sub-earth meridian. Thus, while these 

images do not allow for detailed regional-scale (50-100 km) characterization of surface 

albedo features and spectral variations, they do allow somewhat larger-scale (100-200 km) 

analyses in isolated places and more synoptic-scale (300-500 km) studies of spectral 

variability of much of the martian surf ace . 

3.3.3.4. Color Information. Figure 3.11 presents composite color images of Mars 

at three wavelengths: ""' 0.79 µm (red),""' 0.53 µm (green), and""' 0.42 µm (blue). Each 

wavelength image has been stretched to bring out surface feature contrast without coming 

too near to saturation. This produces aesthetically pleasing but not "true" color images. 

Such composite images show that the spatial registration of images at widely separate 

wavelengths through the cubes is good, especially in the green to red wavelengths (A.> 

0.50 µm). The images in the blue are not as well registered, because the apparent size of the 

planet is larger in the blue than in the green or red. As discussed in §3.4 below, this is due 

to scattered light in the instrument and preferential scattering in the blue within the WFGS 

optics. 

A more quantitative estimate of the color of martian surface units in 1988 was 

attempted by convolving the blue grism image cubes over the BVR filter passbands of 

Johnson et al. [1966] to derive an effective B (0.44 µm), V (0.55 µm), and R (0.70 µm) 

filter image for each cube. The data from each pixel were convolved to images RBVR using 

the equation 

(3.1) 

where R(A.) is the Mars/11 Psc relative reflectance, and TBVR(A.) are the broadband BVR filter 

transmission functions as published by Johnson [1965] between the wavelength limits A.1 

and A.2 (Figure 3.12). However, the blue grism data do not completely cover the 

wavelength ranges of the B and R filters (there is an additional 9% of the area under the 
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curves shortward of 0.400 µm and longward of 0.800 µm for Band R respectively). A 

linear extrapolation scheme was developed whereby data from 0.449-0.479 µm were used 

to generate the 0.36-0.40 µm data and data from 0.731-0.753 µm were used to generate the 

0.80-0.96 µm data. Clearly, such a technique is not rigorously correct; however, the 

extrapolated values provide a fair approximation of the short-B and long-R responses as 

evidenced by previous observations made in the 0.35-0.40 µm region [Evans, 1965; see 

Figure 1. la] and in the 0.80-0.96 µm region [McCord and Westphal, 1971; McCord et al., 

1977a; Bell et al., 1990a; see Figures l. lb, 1.2, and 1.3]. 

The convolved BVR images were used to construct BN, VIR, and BIR ratio 

images. These ratios were then multiplied by the appropriate BN, V IR, and BIR ratios for 

the Sun also derived in the Johnson filter system [The solar flux ratios were derived from 

the magnitude-to-flux conversion equation m1-m2 = -2.5*log(f1/f2), where for the Sun, B

V = +0.65, V-R = +0.52, and B-R = +1.17; Allen, 1976]. Obvious errors can enter the 

color determinations here since the colors of Tl Psc and the Sun are not identical. 

Specifically, in the Johnson et al. [1966] system for Tl Psc, B-V = +0.97, V-R = +0.72, 

and B-R = + 1.69 . 

Despite the large potential for errors in this quantitative color determination method, 

the B-V results are in good agreement with previous photometric observations [e.g., de 

Vaucouleurs, 1954; Johnson and Gardiner, 1955; Harris, 1961]. Figure 3.13 shows a 

histogram of the B-V colors derived from the above analysis for cube 846 (Table 3.1). The 

values cluster in the 1.1-1.45 range, with a mean of 1.25. The whole-disk B-V value for 

Mars is 1.37 [Allen, 1976; Harris, 1961]; however, de Vaucouleurs [1954, p.227] and 

Johnson and Gardiner [1955] point out that the historically (photographically) and 

photoelectrically observed B-V color is variable according to season and atmospheric dust 

content. The lower mean B-V of Mars in Figure 3.13 may reflect the fact that the sub-earth 

latitude was 20°S, and the southern hemisphere has a higher percentage of dark regions 
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than the north. Calculated V-R and B-R color index values were substantially different 

from published values and are not presented here. Thus, the extrapolation method of Figure 

3.11 and/or the use of 11 Psc instead of the Sun do not allow accurate estimation of color 

indices other than B-V for the 0.4-0.8 µm data set. Problems with telluric water bands and 

spectral order-overlap in the 0.5-1.0 µm data set do not allow for accurate deconvolution of 

those data using the scheme described above . 

3.4. Data Quality and Sources of Error 

3.4.1. Signal to Noise Ratio (SIN) 

The SIN of three representative Mars image cubes is presented in Table 3.5. These 

values were calculated from transects through the original raw image data. In each case, the 

"sky" value represents the DN value obtained at least 10 pixels off the planet's limb. Some 

of the sky flux is actually from the sky brightness (especially at longer wavelengths), and 

some is due to light scattering within the instrument. Bias is the instrument's background 

DN value, and thus (sky) - (bias) is one measure of the "noise" within each image. The 

SIN varies dramatically depending on the albedo of the region imaged because the signal 

increases much faster than the noise. The highest SIN achieved in this data set was about 

80; the lowest was approximately 10. Typical SIN for an "average" martian bright region 

was approximately 50. SIN data for raw 11 Psc spectra are also shown in Table 3.5. Since 

the sky noise is a much lower fraction of the bias than in the Mars image cubes, the SIN is 

correspondingly higher for the star images at the brightest slit positions. This is probably 

the result of much less scattered light in the instrument while observing the star. The actual 

SIN values of the 11 Psc spectra after being coadded with a software aperture (§2.3.4.2) are 

much lower because coadding of images from slit positions away from the central "core" of 

the star's image results in decreased signal while maintaining the same relative background 

noise level. Thus, the typical SIN value for an average 11 Psc spectrum was about 25-30 . 
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3.4.2. Spurious Spectral Features . 

High-frequency (one or two channel) features and/or artifacts in the spectral data 

discussed above can be seen at all wavelengths of this data set. The most obvious feature is 

the sharp "emission" feature near 0.420-0.435 µm seen in many of the blue grism spectra . 

This feature is caused by an absorption in the T\ Psc spectrum that is either weaker or absent 

in the solar spectrum. The most likely candidates are the 4227 A Ca I and 4340 A Hy 

Fraunhofer lines [Lang, 1978]. Features near 0.76 µm and 0.69 µm are caused by 

incomplete removal of the strong telluric 02-A and 02-B absorption features. Small one

channel features near 0.48 µm and 0.65 µm correspond to H~ and Hex lines. The feature 

near 0.61 µm may be related to three closely-spaced Ca I lines near 6102-6162 A. Many of 

the other, small features that are seen systematically in the Figure 3.3 and 3.6 spectra are 

related to weaker stellar lines. These small features do not substantially inhibit mineralogic 

band interpretations (except for the 0.420-0.435 µm feature, which unfortunately masks a 

possible Fe3+ ligand field transition; see §3.3.1.1). In fact, these bands provide useful 

reference points for fine-tuning the wavelength calibration discussed in Section 2.3.3.2. 

Lower frequency features (5-20 channels) are also seen in these data. As discussed 

above, several of these are ascribed to Fe3+ mineralogic absorption features. The most 

prominent non-mineralogic bands are caused by incomplete removal of telluric water [see 

Table 2 in Bell et al. 1990a]. Features at 0.64-0.66 µm, 0.70-0.74 µm, 0.79-0.84 µm, and 

0.926-0.978 µmare due to H20 and result from either too large a difference in airmass 

between Mars and T\ Psc for that particular image cube, or from changes in relative 

humidity between the times that the Mars and star data were obtained. Several of the nights 

in September 1988 were not photometric (Table 3.1), and thus telluric water contamination 

was basically unavoidable in these data. Telluric contamination caused by the 0.64-0.66 µrn 

band provides the most reasonable explanation for the stronger, more well-resolved 0.650 

µm feature seen in Figures 3.lg-h and 3.4d-e, especially when considering that occasional 
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fog patches interfered with data acquisition during some of the nights that those data were 

obtained. 

3.4.3. Accuracy of Relative Reflectance (A,1/A,2 ) Values . 

While absolute calibration of these spectral data is not possible at this time due to 

reasons discussed above and in Chapter 2, comparison of these spectra to previously 

obtained data (Chapter 1; Table 5.3) shows that the relative reflectance level at different 

wavelengths within the same spectrum is accurately represented in these data. This is not 

the same as saying that the relative reflectance of two different surface regions is accurate. 

The latter is not strictly true since different regions were obtained at different slit positions 

(and thus different ainnasses, possibly different humidity, etc.), while the former is true 

because all of the spectra presented above were extracted from data within a single slit 

position. Under conditions of low humidity and ainnass of about 1.00, relative reflectance 

values between different surface regions are more reliable. Even then scattered light within 

the instrument was different at each slit position, due to the variable length of the Mars 

chords being imaged. This effect can be seen most dramatically in the blue (0.4-0.5 µm), 

where the scattering is strongest. Spectra of Figures 3. la-h sometimes show an additive 

offset between bright and dark regions in the blue, while previous spectra have indicated 

that martian surface spectra converge to nearly uniformly low albedo in the blue regardless 

of the red albedo. In polar regions or along the limb some of this offset may be due to C02 

or H20 ice condensates, which are relatively bright in the blue. It can also be seen for more 

equatorial regions, indicating that preferential scattering in the blue provides an additional 

source of error when determining colors or producing spectral ratios between red and blue 

wavelengths. The general agreement between the B-V values of Figure 3.13 and those 

from previously published studies provides additional support that the relative reflectance 

level at different wavelengths within the same spectrum is accurately represented in the 

data . 
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3 .4.4. Image Reconstruction and Accuracy of Photometric Angles . 

The image reconstruction scheme outlined in §2.3.4.4 relied most heavily on the 

accurate determination of the limbs (or terminator) so that the resulting output image would 

have the smoothest and most circular limb possible. For image cubes where the seeing was 

excellent and the telescope tracking was smooth, the limb-aligning procedure worked 

remarkably well , and the resulting images (cf. Figure 3.11) were basically 

indistinguishable from CCD narrowband filter images obtained nearly simultaneously . 

Sometimes, though, the best attempts at producing a smooth limb resulted in choppy and 

irregular output images or even output images with large swaths of missing latitude bands. 

Spatial filtering alleviated some of this effect at the cost of degraded spatial resolution . 

The determination of positional and photometric quantities for each image pixel 

[latitude (0), longitude (ct>), incidence angle (i), and emission angle (e)] relied most heavily 

on the accurate determination of the sub-earth and sub-solar pixels within each image. The 

sub-earth pixel was determined by a two-step process. A first guess was made by the 

process known in photometry as "centroiding," whereby all the DN values are summed 

within a circular region surrounding the planet, and the center of the circle is iteratively 

changed until the DN sum is maximized. This initial guess, and the actual radius of the 

planet in pixels, was then further refined by eye by superimposing various-sized circles 

over the reconstructed Mars images and determining the center pixel and radius that best fit 

the limb. If the limb was not smooth and circular then a positional error of ±3-5 pixels out 

of 100-120 was possible for the determination of the sub-earth pixel. For images with 

smooth, circular limbs, this technique found the sub-earth pixel and radius within ±1 pixel. 

The errors on the determination of the sub-earth pixel and the planetary radius 

determine the accuracy of e, ct>, i, and e for each pixel. Values of the sub-earth and sub

solar latitude, longitude [(e, ct>)sE and (e, ct>)ss respectively] and the north pole position angle 

(PA) were obtained from standard ephemeris tables. The orthographic-projection images 
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(§2.3.4.4.5) were unrotated by the PA around the center pixel, and then a map projection 

program was used to determine the ( e, <!>) coordinate of each pixel. This procedure relied on 

the assumption that all of the slit-scan positions were obtained simultaneously (i.e., at the 

same (e, <J>)sE ). In reality, this was not the case because there was typically 10 minutes of 

time between the "first contact" and "last contact" slit positions and the slit position 

corresponding to the (e, <J>)sE point. At Mars' 15°/hour rotation rate, this translates into a 

maximum <l>sE uncertainty of ±2.5°, or in effect, an effective "spiraling" of the planet as the 

slit was scanned across. There is no corresponding uncertainty to 0sE as this quantity 

changes on a weekly, not hourly, timescale. 

The distance in pixels, b, between (e, <J>)sE and any other point in the image was 

used to calculate e for that point using the relationship e = arcsin(b/r), where r = the radius 

of the planet in pixels. The corresponding value of i was similarly determined after first 

transforming the image so that it was centered on (0, <J>)ss· Depending on the original error 

on the determination of r and the (e, <J>)sE pixel, typical accuracy of points within 0.6-0.7r 

of the center (e < 45°) is 0±3°, <j>±5°, based on comparisons with higher resolution images 

such as Figure 3.lOc. Farther toward the limbs, the error increases because each pixel is 

covering more of a range of latitude-longitude space. Beyond e or i > 60° the quoted (0, <!>) 

value really represents an approximate estimate of the latitude and longitude within the 

center of the surface region mapped by that pixel. Typically, this approximation is found to 

have an accuracy of e±5°, <j>±l0° . 

3.5. Summary of Data Products 

Two imaging spectroscopic data sets were obtained during the 1988 opposition: a 

0.4-0.8 µm data set consisting of eight image cubes covering 90% of the planet south of 

50°N and a 0.5-1.0 µm data set consisting of five image cubes covering 55% of the planet 

south of 50°N. Spectra extracted from these image cubes reveal the detailed character of the 
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martian near-UV to visible absorption edge, which is caused by ferric-iron bearing 

minerals. A 0.60-0.70 µm Fe3+ absorption feature is detected in the spectra, in agreement 

with other recent observations. Many of the 0.5-1.0 µm image cubes are contaminated by 

substantial telluric H20 and 02 absorption due to non-photometric observing conditions . 

The 0.4-0.8 µm data are much higher quality and exhibit typical SIN of 50. 

Images in 240 colors were also generated from these data sets. The "classical" 

albedo markings on Mars are easily identified in red to near-IR imaging. Several image 

cubes appear to have a spatial resolution on the order of 100-200 km near the sub-earth 

point. Imaging at blue wavelengths reveals little surface feature contrast due to the strong 

near-UV to visible ferric absorption edge. Condensates and polar ice dominate these 

images. Some evidence exists for diurnal-scale variability of either atmospheric 

condensates or dust, particularly near the early evening terminator. Quantitative estimates of 

the B-V colors and spectral slope ratios of different surface units are in broad agreement 

with previous measurements, providing confidence that the Mars/11 Psc values are a good 

approximation to scaled Mars/Sun reflectance, and that the relative differences between the 

spectra at different wavelengths are accurately represented . 
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• TABLE 3.1. Observational parameters for 1988 Mars opposition observing from Mauna Kea. All dates and 
times UT, all angles in degrees. 

range (~tart tQ end) sub-S!Z filill:.Q Dia. 
Date Time Airmass Cube a. Ls Lat. Lon. Lon. n P.A. CQnditiQns 

• Mars 
8/25 1332-1351 1.08-1.10 840 27 259 -20 9 39 21.0 60 RH 10%; T 34 °F; Clear 

1443-1505 1.19-1.26 843 27 259 -20 26 56 21.0 60 
8/26 0852-0913 2.14-1.86 846 27 259 -20 292 321 21.2 328 RH 13%; T 34°F; Clear 

1036-1059 1.28-1.21 849 27 259 -20 317 346 21.2 328 
1152-1215 1.10-1.08 851 27 259 -20 336 5 21.2 328 

• 1249-1311 1.06-1.07 853 27 259 -20 350 19 21.2 328 
1351-1413 1.10-1.14 855 27 259 -20 5 34 21.2 328 RH 10%; T 36°F; Clear 

9/24 1255-1322 1.31-1.41 927 5 278 -21 95 99 23.8 330 RH 9%; T 38°F; Clear 
1323-1336 1.45-1.51 928 5 278 -21 100 104 23.8 330 

9/25 0814-0836 1.32-1.24 931 5 278 -21 15 18 23.7 330 RH 25-40%; T 28°F; 
1211-1232 1.19-1.24 933 5 278 -21 73 76 23.7 330 occasional fog 
1446-1505 2.45-2.96 936 5 278 -21 111 113 23.7 330 

• 9/28 1059-1121 1.10-1.12 939 3 280 -22 29 29 23.6 331 RH 50-60%; T 36°F; 
1138-1159 1.15-1.20 940 3 280 -22 44 44 23.6 331 minor cirrus 

1J Psc (BS 437) 
8/25 1219-1233 1.06-1.04 839 RH 10%; T 34 °F; Clear 

1407-1420 1.01-1.02 841 

• 8/26 0950-1001 1.66-1.57 847 RH 13%; T 34°F; Clear 
1116-1131 1.19-1.15 850 
1226-1238 1.04-1.03 852 
1323-1337 1.00-1.00 854 RH 10%; T 36°F; Clear 

9/24 1405-1419 1.23-1.28 929 RH 9%; T 38°F; Clear 
9/25 1133-1147 1.00-1.00 932 RH 25-40%; T 28°F; 

1250-1303 1.06-1.08 934 occasional fog 

• 1425-1434 1.32-1.36 935 
9/28 1232-1254 1.05-1.08 941 RH 50-60%; T 36°F; 

minor cirrus 

The sub-solar latitude for all image cubes was -25°. a= phase angle; Ls= areocentric longitude of the Sun 
(L8 = 270° is first day of southern summer); P.A.= north pole position angle (degrees CCW from N); RH 

• = relative humidity; T = air temperature . 

• 
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• TABLE 3.2. Physical characteristics of 1988 Mars image cubes 

Mars Image Eq. spatial Spectral Region 
Size (uix~ls)a r~sQl, Ocm)b number Qf A. cover sampling image.de 

Cube Date x ~ x ~ imag!.<s suectrn (um} Al'i}.iX (!.<g, lQng,} 
840 8/25 110 20 65-100 260 166 1730 0.534-0.950 175 290°-70° 

• 843 8/25 110 29 65-100 230 166 2375 0.534-0.950 175 330 - 115 
846 8/26 106 29 130 210 150 2130 0.397-0.801 27 225 - 25 
849 8/26 106 26 65-100 260 150 2010 0.397-0.801 27 270 - 30 
851 8/26 106 31 65-100 220 150 2460 0.397-0.801 27 300 - 45 
853 8/26 106 32 65-100 210 150 2580 0.397-0.801 27 310 - 65 
855 8/26 106 23 130 250 150 1910 0.397-0.801 27 320 - 90 

• 9278 9/24 124 57 165-220 180 229 4770 0.393-0.973 25 10 - 180 
931 9/25 124 24 110-165 260 229 2350 0.393-0.973 25 295 - 100 
933 9/25 124 27 110-165 250 229 2420 0.393-0.973 25 340 - 160 
936 9/25 124 23 165-220 270 150 1865 0.393-0.802 27 45 - 190 
939 9/28 124 35 55-85 190 150 3400 0.399-0.803 27 300 - 115 
940 9/28 124 34 55-85 190 150 3300 0.399-0.803 27 330 - 130 

• TOTAL 2220 33300 0.397-0.973 µm 225° - 190° 

aLimb-to-limb distance in pixels along the original axes perpendicular to the scan direction (x) and parallel 
to the scan direction (y). They values are the number of slit positions obtained during the scan. 
bspatial resolution at the equatorial sub-earth point, estimated using a subjective determination of seeing 
quality (based on albedo features), the spatial dimensions of the slit, the angular size of Mars, the number of 

• y-axis image pixels, and an equatorial diameter of 6788 km . 
CLongitudes along the equator that were image.cl. Latitude coverage for all cubes was from 90°S to 50°N . 

• 

• 
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• Name 

ara846-1 
syr846-2 
ssy846-3 
tyr846-4 
wli846-5 
ser846-6 • whe846-7 

mer846-8 
esp846-9 

sno846-10 
sab846-11 
aer846-12 

• moa846-13 
typ846-14 
sar846-15 

nmo846-16 
ehe846-17 
csp846-18 

wsp846-19 
wia846-20 
eia846-21 
aus846-22 • wer846-23 
sty846-24 

amp846-25 
lim846-26 
eli846-27 
ast846-28 

• hsp846-29 

ara849-1 
nsy849-2 
iap849-3 
ser849-4 

whe849-5 
mer849-6 • wsa849-7 
esp849-8 
eno849-9 

arm849-10 
moa849-11 

sar849-12 
aer849-13 

n mo849-14 • hid849-15 
srb849-16 

geh849-17 
ssy849-18 
typ849-19 
wli849-20 
eia849-21 
aus849-22 • ehe849-23 
ast849-24 
deu849-25 
csp849-26 
wsp849-27 
csa849-28 

enb84Q-2Q 

• 

• 

TABLE 3.3. Physical parameters of 0.397-0.801 µm spectra presented in Figure 3.3 . 

Siu Central Pixel 
<12ix) Lat Lon 

Cube 846, 8126188 Uf 
arabia 5x5 18 315 47 
syrtis 5x5 13 277 74 
s. syrtis 5x5 -5 281 47 
tyrrhenum 5x5 -9 252 68 
w. libya 5x5 11 264 71 
serpentis 5x5 -23 318 3 
w. hellas 5x5 -39 296 25 
meridiani 5x5 -1 355 31 
e. SPC 5x5 -78 310 55 
s. noachis 5x5 -39 349 23 
sabaeus 5x5 -13 324 12 
aeria 5x5 12 301 46 
moab 5x5 5 327 31 
typhon 5x5 -3 308 25 
s. arabia 5x5 8 310 36 
n. moab 5x5 11 319 37 
e. hellas 5x5 -38 284 34 
cen. SPC 5x3 -75 341 50 
w.SPC 5x4 -70 341 46 
w. iapygia 5x5 -14 293 29 
e. iapygia 5x5 -13 278 45 
ausonia 5x5 -22 262 62 
w. eridania 5x5 -35 246 72 
s. tynhenum 5x5 -18 248 69 
amphitrites 5x5 -53 336 28 
limb haze 5x5 -9 3 30 
e. libya 5x5 11 253 78 
australe 5x5 -57 264 58 
hellespontus 5x5 -36 326 12 

Cube 849, 8126188 Uf 
arabia 5x5 13 311 58 
n. syrtis 5x5 10 273 82 
iapygia 5x5 -14 282 87 
serpentis 5x5 -26 304 37 
w. hellas 5x5 -38 295 47 
meridiani 5x5 -10 345 15 
w. sabaeus 5x5 -14 331 17 
e. SPC 5x4 -80 304 60 
e. noachis 5x5 -43 324 25 
a ram 5x5 -12 359 17 
moab 5x5 1 325 34 
s. arabia 5x5 -1 312 42 
aeria 5x5 6 300 66 
n. moab 5x5 11 324 46 
hiddekel 5x5 9 334 39 
s. arabia 5x5 4 317 45 
gehon 5x5 4 347 31 
s. syrtis 5x5 -1 278 71 
typhon 5x5 -7 303 48 
w. libya 5x5 1 262 86 
e. iapygia 5x5 -16 270 73 
ausonia 5x5 -25 266 76 
e. hellas 5x5 -38 283 63 
australe 5x5 -60 281 65 
deucalionis 5x5 -21 322 20 
cen. SPC 5x4 -78 358 53 
w.SPC 5x5 -72 10 47 
cen. sabaeus 4x4 -13 319 27 
e. noachis 5x5 -45 353 20 

Size 
e Oan) 

45 662 
37 365 
18 374 
39 596 
42 465 
25 499 
20 479 
65 1237 
59 466 
52 524 
32 521 
35 478 
44 528 
23 355 
34 235 
42 582 
19 485 
61 308 
58 486 

6 420 
15 462 
28 454 
43 582 
40 451 
47 512 
70 1053 
49 595 
42 461 
35 540 

34 367 
53 467 
33 364 
13 444 
26 467 
29 482 
15 331 
60 376 
24 369 
41 593 
23 355 
19 355 
31 236 
33 261 
34 482 
25 374 
39 426 
42 474 
18 486 
57 489 
44 342 
47 430 
34 467 
47 315 
6 505 

61 259 
60 331 
7 346 

3Q 43Q 

71 

Name 
sno849-30 s. noachis 
pan849-31 pandorae 

limb849-32 limb haze 
npo849-33 n. polar haze 

Siu Central Pixel 
<12ix) Lat Lon 
5x5 -55 334 32 
5x5 -29 0 12 
5x5 -10 27 30 
5x4 38 348 70 

Siu 
e ()an) 

38 429 
41 574 
68 780 
66 867 

Cube 851, 8126188 Uf 
ara851-1 arabia 
eia851-2 e. iapygia 
ser85 l-3 serpentis 
he1851-4 hellas 

wme851-5 w. meridiani 
wsa851-6 w. sabaeus 
csp851-7 cen. SPC 
eno851-8 e. noachis 
pyr851-9 pyrrhae 

mar851-10 margaritifer 
arg851-11 argyre 
eat851-12 e. australe 

moa851-13 moab 
ede851-14 eden 
chr851-15 chryse 

nmo851-16 n. moab 
sar851 -17 s. arabia 
aer851-18 aeria 
syr851-19 syrtis 
esa851-20 e. sabaeus 
typ851-21 typhon 
geh851-22 gehon 
npo851-23 n. polar haze 
lim851-24 limb haze 
esp851-25 e. SPC 
wsp851-26 w. SPC 
deu851-27 deucalionis 
cer851-28 cen. erythr. 

pan851 -29 pandorae 
wno851-30 w. noachis 
eme851-31 e. meridiani 
hsp851 -32 hellespontic1 
eer851-33 e. erythr. 

wia851 -34 w. iapygia 

5x5 16 305 76 47 472 
5x5 -16 278 84 55 580 
4x4 -25 307 60 27 430 
5x5 -34 290 72 43 316 
5x5 -8 351 21 19 372 
5x5 -9 330 39 12 263 
5x4 -78 325 58 58 463 
5x5 -44 322 41 27 446 
5x5 -2 23 26 49 638 
5x5 -11 9 14 34 369 
5x5 -40 22 19 44 438 
5x5 -57 323 45 38 521 
5x5 6 333 48 27 471 
5x5 19 340 57 40 448 
5x5 8 16 35 49 631 
5x5 14 330 61 35 364 
5x5 5 314 75 33 486 
5x5 1 298 71 42 474 
5x5 1 275 85 63 721 
5x3 -8 318 53 21 235 
5x5 -7 297 69 40 470 
5x5 11 351 41 35 465 
5x3 42 8 78 70 369 
4x5 -17 44 27 64 931 
5x3 -78 299 65 61 285 
5x3 -74 351 51 55 367 
5x5 -18 325 38 10 451 
5x5 -29 14 9 36 481 
5x5 -27 338 23 8 243 
5x5 -42 347 22 24 358 
5x5 -9 342 27 13 424 
5x5 -47 7 21 37 475 
5x5 -28 356 8 20 337 

5 -19 293 69 40 448 

Cube 853, 8126188 Uf 
ara853-1 arabia 5x5 15 305 85 57 474 
iap853-2 iapygia 5x5 -14 288 86 58 698 
ser853-3 serpentis 5x5 -21 312 86 35 443 

wme853-4 w. meridiani 5x5 -1 353 35 19 355 
wsa853-5 w. sabaeus 5x5 -1 330 63 27 265 
csp853-6 cen. SPC 5x4 -78 334 60 58 486 
eno853-7 e. noachis 5x5 -40 324 52 30 454 
mar853-8 margaritifer 5x5 -10 12 16 24 482 
hsp853-9 hellespontici 5x5 -47 348 33 27 404 
ast853-10 australe 5x5 -55 338 46 37 272 
arg853-l 1 argyre 5x5 -43 23 17 36 425 
aur853-12 aurorae 5x5 -15 28 13 37 517 
chr853-13 chryse 5x5 8 24 35 45 631 

moa853-14 moab 5x5 10 333 70 34 370 
ede853-15 eden 5x5 18 352 59 39 254 

eme853-16 e. meridiani 5x5 -1 345 42 19 355 
nmo853-17 n. moab 5x5 15 339 70 38 514 
typ853-18 typhon 5x5 0 305 77 48 593 
esa853-1Q e. sabaeus 5x5 -5 320 7Q 32 472 



• 

• Name 
ann853-20 
deu853-21 

pan853-22 
wsp853-23 
esp853-24 
lim853 -25 

npo853 -26 • hel853 -27 
eer853 -28 
cer853-29 

wno853 -30 

ser855 -1 • wme855-2 
wsa855-3 
wsp855-4 
eno855-5 
mar855-6 
ast855-7 
arg855-8 
eau855-9 • chr855-10 

moa855-ll 
eer855-12 
cer855-13 
wer855 -14 
wau855-15 
geh855 -16 
ann855-17 

• thy855-18 
deu855-19 
esa855-20 

wno855-21 
esp855-22 
lim855-23 

npo855 -24 
sxn855-25 

• ner855-26 

sol936-1 
sth936-2 
nth936-3 
can936-4 
bos936-5 

• spc936-6 
npo936 -7 
nba936-8 
nbb936-9 
fet936-10 

fwt936-1 l 
eso936-12 

wm e939-l • 
mar939-2 
aur939-3 
eer939-4 
arg939-5 
eat939-6 

csnO".I0.7 

• 
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TABLE 3.3. (continued) 

Size Central Pixel 
Rec ion <i;iix) Lat Lon 

a ram 5x5 3 3 34 
deucalionis 5x5 -11 330 52 
pandorae 5x5 -25 343 32 
w. SPC 5x3 -74 354 52 
e. SPC 5x3 -80 305 68 
limb haze 4x5 -21 62 29 
n. polar haze 5x4 47 359 90 
hellas 5x5 -33 295 79 
e. erythr. 5x5 -22 0 16 
cen. erythr. 5x5 -20 15 5 
w. noachis 5x5 -36 354 24 

Cube 855, 8126188 UT 
serpentis 5x5 -24 314 77 
w. meridiani 5x5 -3 354 49 
w. sabaeus 5x5 -4 332 65 
w. SPC 5x4 -76 5 54 
e. noachis 5x5 -41 327 70 
margaritifer 5x5 -12 13 23 
australe 5x5 -54 354 44 
argyre 5x5 -44 15 24 
e. aurorae 5x5 -10 27 16 
chryse 5x5 12 23 42 
moab 5x5 7 333 71 
e. erythr. 5x5 -25 9 21 
cen. erythr. 5x5 -24 25 7 
w. erythr. 5x5 -25 45 9 
w. aurorae 5x5 -12 40 14 
gehon 5x5 15 346 70 
a ram 5x5 3 3 44 
thymiamata 5x5 16 2 59 
deucalionis 5x5 -16 331 81 
e. sabaeus 5x5 -6 321 74 
w. noachis 5x5 -35 352 39 
e. SPC 5x5 -75 339 63 
limb haze 5x4 -28 80 29 
n. polar haze 5x5 42 9 92 
s. xanthe 5x5 7 37 33 
nereidum 5x5 -43 51 20 

Cube 936, 9125188 UT 
solis 7x7 -25 82 29 
s. tharsis 7x7 -21 117 6 
n . tharsis 7x7 -5 121 21 
candor 7x7 -1 82 40 
bosporus 7x7 -46 115 21 
SPC 5x4 -81 85 55 
n. polar haze 7x5 27 133 58 
n. bosborus 3x3 -20 99 15 
n. bosporus 3x3 -12 95 23 
far e. tharsis 3x3 -9 147 34 
far w. th a rs is 3x3 -6 83 36 
e. solis 3x3 -35 96 19 

Cube 939, 9128188 UT 
w. meridiani 5x5 -4 2 33 
margaritifer 5x5 -12 17 17 
aurorae 5x5 -12 43 18 
e. erythr. 5x5 -24 1 25 
argyre 5x5 -41 27 17 
e. australe 5x5 -59 2 38 
cen. SPr 5x4 -81 R ~ 

Size 
e <km) 

27 427 
20 481 

8 345 
54 261 
63 437 
67 1114 
69 665 
50 398 
10 457 
23 334 
17 226 

48 541 
21 374 
36 487 
56 437 
39 447 
12 479 
35 418 
26 284 
24 482 
37 367 
42 372 
7 447 

20 497 
38 494 
35 479 
41 472 
23 473 
37 456 
33 456 
45 471 
19 408 
57 245 
68 1069 
63 558 
42 263 
45 425 

27 447 
6 505 

19 529 
34 474 
25 556 
61 351 
53 574 
11 111 
17 166 
36 167 
30 167 
19 228 

31 355 
14 348 
16 348 
25 451 
20 358 
42 449 
61 4?.'i 

72 

Size Central Pixel 
Name ( 12ix) Lat Loo. 

bos939-8 bosporus 5x5 -32 56 
dia939-9 dia 5x5 -52 81 

can939-10 candor 5x5 -2 63 
chr939-11 chryse 5x5 4 40 
ede939-12 eden 5x5 21 352 
wnl939-1 3 w. niliacus 5x5 21 38 
xan939-14 xanthe 5x5 5 52 
oxi939-15 oxia 5x5 10 21 
swa939-16 s.w. acidal. 5x5 29 25 
sea939-17 s.e. acidal. 5x5 29 17 

npo939-18 n. polar haze 5x5 47 22 
lim939-19 limb haze 4x6 -25 100 
so1939-20 solis 5x5 -22 80 
cer939-21 cen. erythr. 5x5 -25 20 
wer939-22 w. erythr. 5x5 -23 34 

nbo939-23 n. bosporus 5x5 -22 49 
hsc939-24 hellaspontic 5x5 -40 0 
wat939-25 w. australe 5x5 -61 36 

eme939-26 e. meridiani 5x5 -5 354 
csa939-27 cen. sabaeus 5x5 -8 338 

smo939-28 s. moab 5x5 5 341 
deu939-29 deucalionis 5x5 -17 338 

hsp939-30 hellaspontus 5x5 -43 327 
wsp939-31 w. SPC 6x3 -77 29 
esp939-32 e. SPC 5x6 -84 308 
ann939-33 aram 5x5 2 9 

Cube 940, 9128188 UT 
wme940-l w. meridiani 5x5 -4 
mar940-2 margaritifer 5x5 -7 
aur940-3 aurorae 5x5 -14 
eer940-4 e. erythr. 5x5 -21 
arg940-5 argyre 5x5 -42 
csp940-6 cen. SPC 5x4 -77 
sol940-7 sol is 5x5 -22 
can940-8 candor 5x5 0 
dia940-9 dia 5x5 -51 

chr940-10 chryse 5x5 8 
nil940-11 niliacus 5x5 29 

geh940-12 gehon 5x5 12 
bos940-13 bosporus 5x5 -30 
xan940-14 xanthe 5x5 10 
oxi940-15 oxia 5x5 11 
swa940-16 s.w. acidal. 5x5 32 
sea940-17 s.e. acidal. 5x5 31 

npo940-l 8 n. polar haze 5x5 56 
lim940-l 9 limb haze 4x5 -22 
cer940-20 cen. erythr. 5x5 -19 

wer940-21 w. erythr. 5x5 -21 
nbo940-22 n. bosporus 5x5 -21 
hsc940-23 hellaspontic · 5x5 -43 
eat940-24 e. australe 5x5 -62 

wau940-25 w. australe 5x5 -61 
eme940-26 e. meridiani 5x5 -4 
csa940-27 cen. sabaeus 5x5 -9 

smo940-28 s. moab 5x5 5 
deu940-29 deucalionis 5x5 -16 

wsp940-30 w. SPC 5x3 -74 
esp940-3 l e. SPC 6x3 -78 
arm940-32 aram 5x5 3 
sya940-33 syria 5x5 -6 

8 
25 
52 
18 
32 
44 
87 
71 
82 
49 
54 

1 
67 
67 
29 
38 
26 
25 

122 
31 
43 
61 
8 
6 

53 
1 

350 
347 
355 

62 
21 
14 
95 

25 
46 
40 
31 
61 
48 
39 
37 
56 
59 
86 
62 
47 
7 
5 

18 
28 
36 
40 
53 
57 
48 
52 
49 
61 
34 

40 
25 
14 
24 
20 
51 
38 
38 
39 
34 
58 
58 
21 
43 
39 
60 
63 
80 
69 
13 
4 

15 
33 
44 
36 
47 
56 
66 
47 
49 
52 
41 
53 

Size 
e (km) 

27 325 
50 280 
38 375 
28 264 
56 443 
44 332 
36 486 
33 369 
51 415 
53 331 
70 389 
65 743 
48 564 

8 345 
5 349 

19 250 
31 384 
40 369 
38 354 
51 469 
55 472 
48 577 
56 529 
55 352 
68 500 
31 374 

39 355 
23 235 
11 420 
24 332 
23 352 
55 251 
40 250 
35 530 
42 395 
31 371 
52 474 
54 464 
22 331 
39 369 
36 369 
54 322 
56 383 
80 510 
72 1264 
12 336 

1 252 
16 252 
36 433 
48 334 
41 369 
45 236 
54 351 
63 590 
47 470 
54 229 
57 343 
38 488 
52 591 



• 
TABLE 3.4. Physical parameters of 0.534-0.973 µm spectra presented in Figure 3.6 . 

• Size !::enlI!!l ~illel Size Size !::entr!!l ~illel Size 
Name Rei: ion (pix) Lat Lon e lkm) Name Rei: ion (pix) Lat Loo e lkm) 

Cube 840, 8125188 Uf Cube 933, 9125188 UT 
ech840-1 e. chryse 4x4 3 21 36 27 489 eth933-1 e. tharsis 4x4 6 96 38 36 527 
wch840-2 w. chryse 4x4 6 41 33 41 488 can933-2 candor 4x4 14 80 41 36 364 
rner840-3 rneridiani 4x4 -6 343 70 29 375 wch933-3 w. chryse 4x4 8 38 53 45 263 
rnar840-4 rnargaritifer 4x4 -12 11 29 8 374 wac933-4 w. acidal . 4x4 36 50 75 61 399 

• ery840-5 erythr. 4x4 -15 23 17 14 424 cla933-5 claritas 4x4 -25 98 20 24 402 
aur840-6 aurorae 4x4 -16 46 11 36 374 esi933-6 e. sirenurn 4x4 -30 132 47 54 570 

rnoa840-7 rnoab 4x4 6 336 73 43 529 dia933-7 dia 4x4 -55 84 30 35 238 
eac840-8 e. acidal. 4x4 29 9 87 50 410 spc933-8 SPC 4x4 -84 20 57 65 377 
wac840-9 w. acidal. 4x4 24 25 58 47 486 bos933-9 bosporus 4x4 -27 51 22 20 317 

spc840-10 SPC 4x4 -84 45 61 66 546 arg933-10 argyre 4x4 -41 21 47 47 545 
arg840-11 argyre 4x4 -45 36 20 34 292 aur933-11 aurorae 4x4 -10 49 30 25 370 
aus840-12 australe 4x4 -61 326 76 51 244 

• noa840-13 noachis 4x4 -41 352 45 26 356 

Cube 843, 8125188 Uf 
can843 -1 candor 4x4 0 71 28 49 474 
wch843-2 w. chryse 4x4 2 56 29 38 474 
chr843-3 chryse 4x4 5 40 36 29 375 
ech843-4 e. chryse 4x4 7 15 59 29 356 
rner843-5 meridiani 4x4 -5 343 74 45 474 

• rnar843-6 margaritifer 4x4 -11 4 59 23 374 
ery843-7 erythr. 4x4 -28 24 28 8 371 
aur843-8 aurorae 4x4 -14 46 13 21 237 
sol843-9 solis 4x4 -27 83 19 53 340 

eac843-10 e. acidal. 4x4 31 1 86 57 718 
wac843-11 w. acidal. 4x4 28 36 68 50 593 
spc843-12 SPC 4x4 -85 51 61 65 863 
arg843-13 argyre 4x4 -48 36 28 29 502 
aus843-14 australe 4x4 -64 323 89 60 563 • noa843-15 noachis 4x4 -47 359 57 35 356 

Cube 9278, 9124188 UT 
eth9278-1 e. tharsis 4x4 0 98 24 21 237 
tha9278-2 tharsis 4x4 1 119 30 31 237 
sol9278-3 solis 4x4 -26 82 18 15 320 
aur9278-4 aurorae 4x4 -6 53 51 45 471 
esi9278-5 e. sirenurn 4x4 -44 124 27 32 284 • wsi9278-6 w. sireurn 4x4 -39 148 40 47 442 

bos9278-7 bosporus 4x4 -37 49 47 45 473 
dia9278-8 dia 4x4 -59 77 38 41 390 
spc9278-9 SPC 3x4 -81 125 67 76 593 

cla9278-10 claritas 4x4 -3 1 103 7 11 328 

Cube 931, 9125188 Uf 
chr931-1 chryse 4x4 6 359 38 32 167 • rnoa931-2 rnoab 4x4 5 336 54 47 472 
rner931-3 rneridiani 4x4 -9 349 33 28 371 
sab931-4 sabaeus 4x4 -14 322 55 51 575 
mar931-5 rnargaritifer 4x4 -19 13 8 3 254 
ery931-6 erythr. 4x4 -32 20 7 12 234 
aur931 -7 aurorae 4x4 -17 42 24 26 361 
eth931-8 e. chryse 4x4 5 26 32 29 373 
wch931-9 w. chryse 4x4 3 43 38 38 374 • eac931-10 e. acidal. 4x4 28 354 63 54 334 

wac931-11 w. acidal. 4x4 22 19 49 44 249 
spc931-12 SPC 4x4 -86 307 59 67 495 
arg931-13 argyre 4x4 -50 28 26 31 229 

noa931-14 noachis 4x4 -41 344 33 33 447 

• 
73 

• 
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• TABLE 3.5. Signal to noise (SIN) calculations for representative Mars and Tl Psc data 

Raw DN Value (rounded off) 
sk:y-bias 

SIN A. bias 
Cube Cµm) Brightest Area Darkest Area Sky Bias (%) Bright Dark • Mars Image Cubes 
846 0.750 17000 10000 3150 2880 9.4 52 26 

0.425 5100 4400 2950 2880 2.5 31 21 
936 0.749 17500 11000 3100 2920 6.1 81 45 

0.420 4800 4400 3100 2920 6.1 11 8 
939 0.751 14000 11500 3010 2860 5.1 76 59 • 0.426 5600 5000 2930 2864 2.3 41 32 

TJ Psc at Brightest Slit Position 
847 0.750 15000 2910 2870 1.4 303 

0.587 22000 2980 2870 3.8 174 
0.425 4800 2880 2870 0.5 148 

941 0.751 7000 2885 2850 1.2 126 

• 0.588 12000 2930 2850 2.7 117 
0.426 4300 2870 2850 0.6 91 

TJ Psc, Coadded in Software Aperturea 
847 0.750 630000 488880 482160 1.4 22 

0.587 800000 500640 482160 3.8 17 
0.425 550000 484340 482160 0.5 31 

• 941 0.751 690410 484680 479140 1.2 38 
0.588 949130 492240 479140 2.7 36 
0.426 560330 481820 479140 0.6 30 

a Software aperture consisted of summing the DN values across 21 columns and through eight planes of the 
raw image cube (see §2.3.4.2) 

• 

• 

• 
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Figure 3.1. Relative reflectance (Mars I Tl Psc) spectra for 0.4-0.8 µm image cubes. Five representative spectra covering the 
complete range of albedo from each cube are shown. Spectra are not scaled or offset. (A) Data from cube 846, 8/26/88 UT; 
(B) Data from cube 849, 8/26/88 UT; (C) Data from cube 851, 8/26/88 UT. 
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Figure 3.1 (continued). (D) Data from cube 853, 8/26/88 UT; (E) Data from cube 855 , 8/26/88 UT. 
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Figure 3.1 (continued). (F) Data from cube 936, 9/25/88 UT; (G) Data from cube 939, 9/28/88 UT; (H) Data from cube 940, 
9/28/88 UT. 
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Figure 3.2. First derivative spectra of representative 0.4-0.8 µm data. The first derivative was calculated for the brightest and darkest spectra of each of 
the cubes in Figure 3.1. The arrow near 0.57 µm indicates the wavelength of the greatest color difference between bright and dark regions. The arrow 
near 0.65 µm shows the effective center of the 0.6-0.7 µm Fe3+ band. 
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Figure 3.3. Comparison of Mars/11 Psc spectra from 0.4-0.8 µm. From 25-30 spectra of""' 5x5 pixel regions were extracted from 
each cube (Table 3.3). Spectra are offset for clarity. (A) Data from cube 846, 8/26/88; (B) Data from cube 849, 8/26/88 UT. 
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Figure 3.3 (continued). (C) Data from cube 851, 8/26/88 UT; (D) Data from cube 853, 8/26/88 UT . 
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Figure 3.3 (continued). (E) Data from cube 855, 8/26/88 UT; (F) Data from cube 936, 9/25/88 UT. 
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Figure 3.3 (continued). (I) Data of the integral south polar cap from all 0.4-0.8 µm image cubes; (J) Data of limb clouds and 
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Figure 3.4 (continued). (C) Data from cube 9278, 9/24/88 UT; (D) Data from cube 931, 9/25/88 UT; (E) Data from cube 933 , 9/25/88 UT. 
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Figure 3.6. Comparison of numerous Mars/11 Psc spectra from 0.50-0.95 µm data. From 10-15 spectra of typically 5x5 pixel 
regions were extracted from each cube (see Table 3.4). Spectra have been offset for clarity. (A) Data from cube 840, 8/25/88 
UT; (B) Data from cube 843, 8/25/88 UT. 
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Figure 3.6 (continued). (C) Data from cube 9278, 9/24/88 UT; (D) Data from cube 931, 9/25/88 UT. 
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Figure 3.6 (continued). (E) Data from cube 933, 9/25/88 UT; (F) Data of the integral south polar cap from all 0.50-0.95 µm 
image cubes. 
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Figure 3.7. Red wavelength Mars images from representative image cubes. Surface albedo markings have high contrast at these 
wavelengths. (a) 0.790 µm, cube 846; (b) 0.790 µm , cube 849; (c) 0.790 µm, cube 851; (d) 0.790 µm, cube 853; (e) 0.801 
µm , cube 840; (f) 0.801 µm , cube 843; (g) 0.777 µm, cube 939; (h) 0.777 µm , cube 940. 
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Figure 3.8. Blue or green Mars images from representative image cubes. Surface albedo features have little contrast but polar and 
limb condensates are bright at these wavelengths. (a) 0.425 µm, cube 846; (b) 0.425 µm, cube 849; (c) 0.425 µm, cube 851; 
(d) 0.425 µm, cube 853; (e) 0.549 µm, cube 840; (f) 0.549 µm, cube 843; (g) 0.420 µm, cube 939; (h) 0.420 µm, cube 940. 
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Figure 3.9. Evidence of spatial and temporal variability in far blue Mars images. From top to bottom, the 
rows correspond to cubes 846, 849, 851, 853, and 855. The wavelength of each column is indicated. 
Images have been harshly contrast enhanced to bring out subtle blue brightenings. "I" = Isidis; "H" = 
Hellas; "A"= Arabia . 
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Figure 3.10. Global percent coverage of 0.4-0.8 µm and 0.50-0.95 µm data sets . 
Sinusoidal map projection images with the north pole at top and the prime meridian 
running through the center. (A) Global coverage of the 0.4-0.8 µm image cubes (Table 
3.2). (B) Global coverage of the 0.50-0.95 µm image cubes (Table 3.2). (C) 
Broadband Viking Orbiter IRTM albedo as measured during 1976-1978 for spatial 
resolution comparison and identification of major albedo features . IRTM data have been 
smoothed to"" 60 km/pixel resolution at the equator. 
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Figure 3.11. Mars color images. Data in red and blue colors are from the images in Figures 
3.7 and 3.8 respectively. Green color data are from wavelengths halfway between the 
red and blue. The images are not true color but have been stretched to bring out greater 
surface contrast and to show the regions where condensates "contaminate" the spectral 
signatures of adjacent or underlying surface regions . 
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CHAPTER 4. ANALYSIS AND INTERPRETATION OF TELESCOPIC DATA 

4.1. Introduction 

This chapter presents detailed analyses and interpretations of the data products 

presented in Chapter 3 (images and spectra) using both "traditional" techniques and the new 

image-oriented analysis techniques discussed in Chapter 2. First, mineralogic 

interpretations of the telescopic data are discussed, beginning with an examination of 

absorption features and spectral slope changes seen in the Mars/Tl Psc spectra and in relative 

reflectance ratio spectra (Mars spot 1/Mars spot 2). Next, the results of the data analysis 

schemes discussed in §2.3.5 are presented, including mapping of spectral units based on 

color ratio images, 2-D histograms, polynomial fit coefficients, and absorption band depth. 

Results of linear spectral mixture modeling and principal components analysis on these 

image cubes are also presented. Several different and independent techniques point to the 

existence of crystalline hematite and possibly other ferric oxide/oxyhydroxide minerals on 

Mars. The spectral evidence, spatial distribution, and possible origin and evolution of these 

important weathering/alteration products are discussed in greater detail in Chapter 6 . 

4.2. Imaging Spectroscopy of Mars: Results and Interpretations 

4.2.1. Spectrum Analysis 

4.2.1.1. Absorption Bands. The most conspicuous feature in the spectra presented 

in Chapter 3 is the steep near-UV to visible absorption edge. As discussed earlier 

(§3.3.1.1), this absorption band results from a combination of three bands associated with 

the Fe3+ cation [Sherman and Waite, 1985]. All the spectra converge on uniformly low 

relative reflectance values at wavelengths < 0.5 µm, therefore the effective band depth of 

this feature is higher for the bright regions than the dark regions. This also results in the 
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common observation that the bright regions are "redder" than the dark regions [e.g., 

Slipher, 1962; McCord and Westphal, 1971; Bell et al., 1990a]. 

The only other absorption feature seen in the spectra that is clearly mineralogic in 

origin (§3.4.2) is the 0.60-0.70 µm "cusp" that cuts into the side of the near-UV 

absorption edge. This feature was first characterized at moderate spectral resolution (')J!!J.. = 

80) by Bell et al. [1990a]. Evidence for the existence of this band in older full-disk and 

disk-resolved spectra can be seen in Figures 1.1, 1.2, and 1.3 as a slope change in the 0.6-

0.7 µm region. This slope change was interpreted by Huguenin et al. [1977] as evidence of 

the 6A1~4T2(4G) ligand field transition of Fe3+. This assignment was confirmed by the 

observations of Bell et al. [1990a]. 

The existence of the previously-observed 0.86 µm 6A1~4T1(4G) Fe3+ band in the 

spectra discussed by Singer et al. [1979], Morris et al. [1989], and Bell et al. [1990a] 

means that two fairly well-resolved (though subtle) absorption bands in the visible to near

IR have been identified on Mars. Laboratory reflectance studies of terrestrial rocks and 

minerals indicate that the common ferric-bearing oxide/oxyhydroxide minerals (referred to 

collectively as the "iron oxides" here) have absorption features at wavelengths similar to 

those observed in the new Martian spectra [e.g., Sharanov, 1961; Sagan et al., 1965; 

Hovis and Callahan, 1966; Sherman et al., 1982; Morris et al., 1985]. Figure 4.1 shows 

reflectance spectra of a number of common and less-common iron oxides and other ferric

bearing minerals in the 0.4-1.1 µm region. The most common, well crystallized iron oxides 

(hematite, goethite, maghemite, and lepidocrocite) have much deeper ligand field bands and 

a steeper near-UV absorption edge than the Mars spectra, indicating that none of these 

minerals are the dominant volumetric component of the optical surface (or airborne dust) of 

the planet [Van Tassel and Salisbury, 1964; Binder and Cruikshank, 1966; Adams and 

McCord, 1969]. However, the positions of the weak absorption bands measured in the 

telescopic spectra are at nearly the same wavelengths as those measured in laboratory iron 
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oxide spectra. Since these bands occur in well crystallized terrestrial samples, the telescopic 

observations presented here and discussed earlier provide clear evidence for the existence 

of a crystalline ferric mineral phase(s) on Mars. The positions of the 0.60-0.70 µm and 

0.80-0.90 µm bands in the telescopic spectra have been interpreted as being most 

consistent with the presence of hematite as (at least one of) the ferric-bearing phase(s). This 

issue is discussed in more detail in §6.2. 

4.2.1.2. Spectral Slope Changes. The first derivative spectra in Figures 3.2 and 3.5 

show numerous slope changes in the Martian spectra. Many of the minima and maxima 

observed in these plots are related to telluric and/or standard star "contamination" features 

(§3.4). However, more gradual slope changes seem to be related to differences in 

absorption band strength. For example, the spectral slope is seen to increase at 0.48-0.49 

µm and 0.54-0.55 µmin Figure 3.2 in both bright and dark regions. The magnitude of this 

increase is greater for the bright regions, however. The "band" defined by the slope 

minimum near 0.65 µm in the bright region spectra of Figure 3.2 is accompanied by 

steeper 0.60-0.64 µm and 0.66-0.70 µm slope changes than for the dark region spectra. 

This suggests that the 0.60-0.70 µm "cusp" in the spectra of Figure 3.1 is deeper for the 

bright regions, in turn suggesting a higher abundance of crystalline ferric mineral(s). The 

issue of spectral slope variability will be examined in more detail in an imaging context in 

Sections 4.2.2 and 4.2.3. 

4.2.1.3. Relative Reflectance Ratio (Spot/Spot) Spectra. Relative reflectance ratio 

spectra between different surface regions can be extremely useful in characterizing 

mineralogic differences between those regions because many of the calibration problems 

inherent in the "absolute" spectra can cancel out [e .g., McCord et al., 1976, 1977b; Bell 

and McCord, 1989; Bell et al., 1990a]. This has been repeatedly demonstrated in Lunar 

spectroscopy [see references in McCord et al., 1976 and Campbell et al., 1992]. Some 

examples from previous Mars telescopic data are presented in Figure 4.2 . 
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The bottom four spectra in Figure 4.2a are ratios between bright and dark regions 

and the top spectrum is a ratio between similar albedo regions (data from Bell et al. 

[1990a]). All of these spectra show that the region in the numerator is redder and brighter 

than that in the denominator. In addition, there are discrete slope changes near 0.55 µm 

and 0.65-0.70 µmin several of these ratios (most notably in the Tharsis (5,7) I Argyre (3) 

ratio). The ratios in Figure 5.2b are also between bright and dark regions, however only in 

the Tharsis (5,7) I Xanthe (2) ratio is there any evidence of strong spectral slope 

differences. In the other ratios, there appears to be only a relative color difference between 

the spots observed, even though the albedo differences are quite large. 

In Figure 4.2c, similar ratios are presented from measurements made in 1973 by 

McCord et al. [1977b]. Although these data are of lower spectral sampling and resolution, 

there are many similarities to the data in Figures 4.2a,b. Specifically, ratios between bright 

and dark regions (ratios 7/1, 8/1, 9/1, and 10/1) show the color differences between 

regions, while ratios between similar albedo regions are relatively flatter. However, in 

ratios 3/1 and 8/1 distinct changes in slope near 0.55 µm and 0.65 µmare seen that are 

similar to the slope changes at the same wavelengths noted for several of the ratios in 

Figures 4.2a,b. In addition, ratios between the brightest regions and the dark reference 

region show an apparent 0.63-0.75 µm absorption feature, suggesting the presence of a 

deeper 0.63-0.75 µm band in the bright regions relative to the reference dark region. 

Unfortunately, McCord et al. [1977b] did not present absolutely calibrated spectra from 

their low resolution imaging spectroscopic measurements. In summary, the ratio spectra in 

Figure 4.2 demonstrate that there is measurable 0.4-1.1 µm spectral heterogeneity between 

certain bright and dark regions as well as between certain regions of similar bright or dark 

albedo. 

A similar spectral ratio analysis is presented in Figures 4.3 and 4.4 for the new data 

discussed here. The ratio spectra in Figures 4.3a and 4.4a are between some of the 
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brightest and darkest regions within each image cube (spot locations can be found in Tables 

3.3 and 3.4). Like the ratios of Figure 4.2, these spectra show that the brighter regions are 

redder than the dark regions. In addition, discrete slope changes can be seen near 0.55 µm 

and 0.62 µm, wavelengths similar to the slope changes seen in several of the spectra of 

Figures 4.2a and 4.2c. Several of the ratios show an apparent "band" in the 0.6-0.7 µm 

region, suggesting that the 0.6-0.7 µm Mars surface absorption feature discussed above 

and in Chapter 3 is slightly deeper in the bright regions than in the dark regions. This 

possibility is examined further in §4.2.5. 

Figures 4.3b and 4.4b show ratio spectra between high and intermediate albedo 

regions. The spectral contrast is not as large as in the high/low albedo ratios, but there is 

evidence for color differences between the regions and weaker slope changes near 0.55 µm 

and 0.62 µmin some of the spectra. Figures 4.3c and 4.4c show ratios between different 

dark regions within the same image cubes. There are only small spectral differences 

between dark regions for the 0.4-0.8 µm and the 0.5-1.0 µm data sets. Some of the 

features in Figure 4.4b,c are related to variable telluric H20 and 02 contamination (see 

§3.4.2). Mineralogic interpretation of the ratio spectra in Figures 4.3 and 4.4 is discussed 

in detail in §6.2 . 

4.2.2. Color Ratio Images: Spectral Slope and Curvature 

Ratios of groundbased telescopic and Viking Orbiter and Lander images and spectra 

of Mars at different wavelengths have been used by numerous researchers to assess the 

variability of spectral slope in the visible [e.g., McCord et al., 1977b, 1982b; Evans et al., 

1981; Guinness et al., 1987; Arvidson et al., 1989]. Spectral slope has been related to 

mineralogic composition through laboratory studies of terrestrial weathering and alteration 

products, specifically, hematite, goethite, and palagonite [Evans et al., 1981; McCord et 

al., 1982b; Arvidson et al., 1989]. These authors, using Viking Orbiter red (R: 0.59 µm) 
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and violet (V: 0.45 µm) filter images, found that most surface units studied plot along a 

mixing line between unaltered basalts and weathered basalts and tephra [Figure 9 of 

McCord et al., 1982b]. No units were identified that had RN ratio behavior like that of 

pure hematite or goethite, although several dark regions were found that appeared to map 

along a hematite-basalt mixing line rather than a weathered tephra-basalt mixing line . 

McCord et al. [1982b] noted that groundbased spectra of such dark red "hematitic" 

materials had never been obtained. Alternate factors influencing spectral slope and 

curvature include grain size variations, and the spectral behavior and abundance on Mars of 

relatively dark, "basaltic" materials which influence the overall visible to near-IR continuum 

[e.g., Adams, 1968; Adams and McCord, 1969]. 

Color ratio and spectral curvature images are presented in Figures 4.5-4.8 in order 

to map slope variations and to possibly make comparisons between the new telescopic data 

presented here and previously obtained laboratory spectra and telescopic and Viking 

images. Color ratio values are shown as either slope index (SI: R;1.1/Ru) or curvature index 

(CI: R:1.1*R:1.:JR 2>..?), where A.I > A.2 > A.3 and R is the Mars/11 Psc relative reflectance at a 

wavelength A. [Guinness et al., 1987; Morris and Lauer, 1990]. While some authors claim 

that SI and CI are directly related to the degree of crystallinity and oxidation [e.g., 

Guinness et al., 1987], Morris and Lauer [1990] have pointed out that a combination of 

crystallinity, pigment concentration, and the spectral effects of matrix materials actually 

determine SI and CI. These additional concerns must be addressed in the interpretation of 

mineralogy and/or crystallinity from SI and CI images. 

SI images for the 0.4-0.8 µm data set are presented in Figures 4.5a,b. Five color 

ratios were generated: (1) 450/405 nm (0.450/0.405 µm) for mapping spectral slope 

changes associated with condensate or atmospheric dust variability (see §3.3.2.2); (2) 

550/450 nm for near-UV spectral slope; (3) 600/450 nm for blue to red spectral slope and 

for comparison with broadband Viking RN images; ( 4) 600/550 nm for mapping slope 
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changes associated with the 550 nm slope break seen in Figures 4.2-4.4; and (5) 750/600 

nm for red to near-IR spectral slope. SI images for the 0.5-1.0 µm data set are presented in 

Figure 4.6. Three color ratios were generated for these images: (1) 600/550 nm; (2) 

750/600 nm; and (3) 900n50 nm for mapping of near-IR spectral slope. Minimum and 

maximum values of SI for all of the images are given in Tables 4.1 and 4.2. 

4.2.2.1. S4s0/405 Images. These ratio images exhibit poor SIN due to the low flux 

level of Mars at near-UV to blue wavelengths. Vertically curved striping in the images 

results from poor calibration of original CCD image columns, which have been distorted by 

the geometric corrections discussed in §23.4.4. Horizontal striping indicates the original 

slit-scan positions and reveals minor gain differences between different slit positions. Both 

of these effects are relatively minor in the other ratio images because they have higher S/N. 

Regardless, spatially coherent features can be identified in the 450/405 nm images that are 

not related to noise artifacts. For example, the dark region Syrtis Major has a lower 

S4s0/405 value (1.1) than the bright region Arabia (1.3) in Figure 4.5a (cube 846). This is 

due to the fact that the dark regions are not as red as the bright regions. The highest 

S4s0/405 value (1.4) occurs in Hellas, consistent with the blue "brightening" observed in 

Hellas in Figure 3.9. This higher S4s0/405 value for Hellas is also seen in images from 

cubes 849, 851, and 853, as Hellas approaches the evening terminator. A similar blue 

brightening is seen along the morning limb in these three cubes, associated with the Argyre 

region. Brightening in the Argyre region is not seen in the data obtained one month later 

(Figure 4.5b, cubes 939, 940). The south polar cap in all of the 450/405 nm images is dark 

(S4s0/405"" 1) and there is no evidence of other similarly "blue" frost or cloud regions in 

the ratios (including the Isidis region noted in Figure 3.9). The distinct difference between 

the polar cap and Hellas in these ratio images indicates that the Hellas blue brightening is 

probably caused by either a surface deposit of anomalously bright dust or by an increased 

amount of atmospheric dust. Additional evidence from other ratio images presented below 
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suggests that airborne dust is the cause. This is probably also true for the anomalous 

brightening in Argyre. 

4.2.2.2. SI550/450 and SI600/450 Images. These ratios are dominated by the 

increasing bright/dark albedo contrast of the surf ace. The bright regions Arabia and Hellas 

have comparable SI values at these wavelengths, suggesting that the brightening seen in 

Hellas in the 450/405 nm images is related to additional scattering in the blue by 

atmospheric particles, rather than to a brighter or redder surface dust deposit. The dark 

regions Syrtis Major, Tyrrhenum Patera, Sinus Meridiani, and Sinus Sabaeus are all 

relatively homogeneous in these ratio images. The dark regions Serpentis and Erythraeum, 

however, have higher ratio values and exhibit apparent spectral slope heterogeneity on the 

scale of hundreds of kilometers. This is perhaps best seen in ratios from cubes 853 and 855 

in Figure 4.5a and from cubes 939 and 940 in Figure 4.5b. In these images, especially in 

the SI550/450 image of cube 855, a dark (less red) "V"-shaped feature can be seen in 

Erythraeum extending from 30°S to 10°N at longitudes 0-60°. In the higher resolution 

images of Figure 4.5b, the eastern part of this "V" is seen to be composed of several dark 

blotches, rather than a continuous feature. These dark spots correspond somewhat to 

regions of lower albedo seen in the IR.TM albedo images and in the Viking Orbiter mosaics 

of this region studied by McCord et al. [1982b]. The brighter (redder) areas of Erythraeum 

in these images correspond roughly with the red, low albedo units also mapped by these 

authors. Detailed comparisons between these telescopic data and Viking Orbiter studies is 

difficult, however, due to calibration uncertainty, the large difference in scale, and the pixel 

latitude, longitude positioning errors discussed in §3.4.4. 

4.2.2.3. SI600/550 and SI750/600 Images. These ratios, like the previous ones, are 

dominated by the surface albedo contrast. The dark regions are more homogeneous in the 

750/600 ratios than in the 600/550 ratios. The latter images show many features similar to 

those noted in the 550/450 and 600/450 ratios. There are two southern hemisphere features 
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in the ratios from cubes 939 and 940 (Figure 4.5b) that are substantially different in 

600/450 and 750/600 ratios. One is near 45°S, 50°W in Argyre and the other is near 60°S, 

350°W in southern Noachis. Only the feature near 60°S shows up as a distinct dark feature 

in the albedo images. The feature in Argyre can also be seen in the 7 50/600 image from the 

0.5-1.0 µm data in Figure 4.6 (cubes 840, 843). Both of the anomalous features have 

lower SI750/600 than SI600/550, indicating that the spectral slope decreases longward of 

0.60 µm relative to that from 0.55-0.60 µm. The magnitude of this slope decrease is 

similar to that observed in the reddest (highest SI75Q/600) dark regions. Thus, these two 

areas may correspond to either: 1) low albedo regions that are covered by an extremely thin 

layer of dust so that the spectral signature of the underlying dark material is still somewhat 

observed, 2) regions where dark materials and red dust are areally mixing at the sub-pixel 

scale, or 3) regions where the dark materials are inherently redder in color. These 

possibilities will be examined further below. 

4.2.2.4. SI9001750 Images. These ratios are not as sensitive to surface albedo 

differences as the previous ratios, because the spectra of surface regions flatten out 

considerably in the near-IR. The features seen in the 900n5o images still seem to have a 

high correlation with albedo boundaries in places, though (e.g., the clear northern-southern 

hemispheric boundary in the 900/750 images from cubes 840, 843 (Figure 4.6)). In 

general, high albedo regions in the northern hemisphere have higher values of SI90017so 

(1.1-1.3) than either low albedo regions or high albedo regions in the southern hemisphere 

(0.9-1.1). The lower near-IR slope of dark regions has been interpreted in previous 

imaging and spectroscopic observations as indicative of the presence of higher Fe2+ 

mineral (pyroxene) content [e .g., Singer et al., 1979; Pinet and Chevrel, 1990]. Such an 

observation has not been made for high or intermediate albedo regions, however. Thus, the 

reasons for the observed hemispheric near-IR spectral slope dichotomy are unclear. As 

evidenced by albedo images and other ratio images, there are high albedo regions at 
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southern latitudes that are just as red and nearly as bright as their northern counterparts . 

The fact that these bright, red regions have distinctly lower near-IR spectral slope than 

northern hemisphere bright regions may be due to sub-pixel scale mixing of substantial 

amounts of relatively bright, Fe2+-bearing materials with the bright red, Fe3+-bearing dust. 

This possibility will be examined in §4.2.6. Alternatively, the 0.75-0.90 µm spectral slope 

may be dominated by ferric mineral absorption, rather than or in addition to ferrous mineral 

absorption (cf. Figure 4.1). Thus, the low near-IR slope of southern hemisphere bright 

regions may reflect the presence of more crystalline ferric oxide phases in the surface or 

atmospheric dust at those regions. Some of the low near-IR slope of low albedo regions 

may also be explained by ferric mineral absorption features in the 0.8-0.9 µm region, 

although the presence of the weak "1 µm" ferrous mineral band in the dark regions seems 

to be well established from both groundbased and spacecraft spectral data [e.g., McCord et 

al., 1978; Singer and Roush, 1985; Erard et al., 1991]. Additional analysis techniques 

discussed below provide more information with which to interpret these ratio images. 

4.2.2.5. CI Images. Four different curvature index images are plotted for the 0.4-

0.8 µm data set in Figure 4.7: (1) (600)(450)/(550)2 for mapping of curvature changes 

associated with the near-UV absorption edge; (2) (750)(450)/(550)2 and (750)(550)/(600)2 

for mapping curvature changes in the blue to red; and (3) (405)(550)/(450)2 for mapping 

possible condensates. In addition to the (750)(550)/(600)2 images, maps were produced of 

the (900)( 600)/(7 50)2 spectral curvature for images in the 0.5-1.0 µm data set. These 

images are shown in Figure 4.8. Since CI images depict the ratio of ratios, they are of 

lower SIN than single ratio images. Nonetheless, these CI images show surface feature 

contrasts of up to 15-20% (see Tables 4.3 and 4.4).The most striking features in the 

images are associated with the dark regions Acidalium and Sinus Meridiani and the 

intermediate albedo southern hemisphere region Noachis. In the (750)(450)/(550)2 CI 

images, Acidalium is the dark region along the northern limb in cubes 939 and 940 . 
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Acidalium has lower CI values ( =0.85) than any other region, implying that its spectrum is 

less steeply curved into the near-IR than other bright or dark regions. This can also be seen 

from the (750)(550)/(600)2 CI images for cubes 939 and 940 (Figure 4.7), and 840 and 

843 (Figure 4.8). In these latter images, Sinus Meridiani and Oxia Palos also have lower 

CI values than many other dark regions. This shows that these two dark regions have a 

slightly more negative spectral slope in the red than other dark regions, a fact verified by 

examination of the spectra in Figures 3.3 and 3.6. The (900)(600)/(750)2 CI images in 

Figure 4.8 shows Acidalium to have the highest near-IR spectral curvature of any surface 

region, although the sense of the curvature is opposite of that seen in the previously 

discussed images (Acidalium is bright, not dark, in cubes 840 and 843 of Figure 4.8). The 

Solis Lacus region in cube 9278 also exhibits an anomalously high CI value relative to 

other dark regions. Most other major contrast features in the CI images are correlated with 

albedo changes . 

There are several possible explanations for the anomalous red to near-IR spectral 

curvature changes seen in Acidalium and Solis Lacus. First, the dark materials of these 

regions could contain a lower abundance of ferrous-bearing minerals than all other dark 

regions, accounting for the upward curvature in the 0.75-0.90 µm region (Figure 3.6). 

Alternately, these two dark regions could contain a lower abundance of ferric-bearing 

minerals, also resulting in a more upward curvature at these wavelengths. Finally, the 

spectral signature of these regions could be mixed with that of a white or a blue substance 

(like frost, clouds, etc.) that effectively causes the spectrum to appear "bluer" than other 

regions where condensates are not present. Other data, including images at near-UV 

wavelengths that reveal the prominent north polar hood (Figure 3.8), suggest that the latter 

explanation is the cause of the curvature variability observed in Acidalium. There were no 

clouds or hazes observed in Solis Lacus during this time, and thus one of the first two 

explanations must be the cause of its anomalous red to near-IR curvature . 
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4.2.3 . 2-D Histogram Unit Mapping 

Two-dimensional histograms, also known as scatter plots or cluster plots, are 

shown in Figures 4.9-4.13 for several image cubes in this data set. These plots 

schematically display the level of correlation between images at different wavelengths 

(Figure 4.9-4.10) or between images and color ratios (Figures 4.11 -4.13). The x- and y

axes indicate the relative reflectance (R = Mars I 11 Psc) or spectral slope (Rlµm) of each of 

the images compared, and the size of the point plotted at that (x,y) location is proportional 

to the frequency of occurrence of that (x,y) value. Points along the edges of the plots 

represent summed bins of all pixels outside of the plot limits, and are due to either sky 

pixels, "hot" pixels due to bad CCD columns, or in some cases, the bright south polar cap. 

Since the distribution of albedo features is different for each cube (Figure 3.7) and the data 

have not been calibrated to an absolute reflectance scale, brightness and ratio values have 

different x and y ranges depending on the hemisphere studied and the date and time of the 

observation. Thus, direct comparisons between these histogram plots and similar ones 

derived from Viking Orbiter images, other groundbased studies, or laboratory mineral 

studies, is not possible at this time. 

Two-dimensional histogram plots of Ro.750 vs. Ro.sso (Figure 4.9a) show the data 

points clustered along a straight line corresponding roughly to values of 0.750 µm I 0.550 

µm = 1.0-2.0. Reflectance values between these two bands are well correlated (r = 0.984). 

Images of the martian surface in the near-IR are even more highly correlated, as is evident 

from the Ro.900 vs. Ro.750 plot (Figure 4.9b; r = 0.999). The dominant trend in these plots 

indicates that to first order, most surface units exhibit similar RIG and NIR/R color values. 

Exceptions occur in the south polar cap and other condensate regions (RIG and NIR/R :::::: 1, 

see §6.4 ). These general trends are consistent with decades of previous imaging and 

spectral studies (see Chapter 1) . 
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The value of 2-D histogram plotting as an analysis tool lies in being able to identify 

trends and clusters in the data beyond such dominating trends as those of Figure 4.9 [e.g., 

McCord et al. 1982b; Bell and McCord, 1991]. In Figure 4.10, images are compared 

between two colors that are not as highly correlated: 0.750 µm vs. 0.405 µm (r = 0.49-

0.92). The images at 0.750 µm display a wide range of relative reflectances, while the 

0.405 µm images show little contrast because of the deep near-UV absorption edge 

(Chapter 3). The resulting histogram plots show surprising structure. For dark regions at 

low values of Ro.750 and Ro.405. there is a general correlation (linear trend) between the 

images: higher reflectance in the red is accompanied by higher reflectance in the blue 

(Figure 4.10). The trend becomes less correlated at intermediate reflectance values, and 

approaches a relatively random cluster for several image cubes at the highest reflectance 

values. Beyond a certain threshold Ro.750 (:=::: 5.0-6.0 for cubes 846-855), the Ro.405 value 

varies considerably without any corresponding change in Ro.750· resulting in a vertically-

oriented cluster . 

Mapping of the histogram clusters back onto the original images reveals that the 

vertical clusters in Figures 4.lOa-e at low to medium values of Ro.750 (clusters labeled "A") 

correspond to the intermediate albedo region Noachis in cubes 846-851 and to the darker 

region Erythraeum in cubes 853-855. Vertical clusters at high Ro.750 values (clusters 

labeled "C") correspond to the bright regions Arabia and Chryse in cubes 846-851 and 

853-855 respectively. These 0.405 µm reflectance variations may be caused by small cloud 

or haze regions, increased martian atmospheric blue scattering associated with condensates 

and/or path length changes, or increased instrumental scattering in the blue as discussed in 

§3.4.3. Clusters of points in cubes Figures 4.lOf-h at medium to low Ro.750 values and 

high Ro.405 values (clusters labeled "B") correspond to the south polar cap, hazes and 

clouds along the western limb, and the north polar hood . 
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The variation of near-IR spectral slope that was hidden in the trend of Figure 4.9b 

is examined in more detail in the plots of Ro.750 vs. Ro.9oo'R0.750 in Figure 4.11. By using 

a ratio image as the ordinate, the majority of the albedo information of Figure 4.9b is 

removed, thus allowing the second-order trends to be studied. In Figure 4.11 there remains 

a weak correlation between red albedo CRo.150) and near-IR spectral slope: darker regions 

generally have a 5-7% lower 0.900/0.750 µm ratio. The distribution of points leads to the 

same result as that discussed in §4.2.2.4: northern hemisphere bright regions have a flat to 

slightly positive near-IR slope, while nearly all southern hemisphere regions have a lower 

near-IR slope value. Regions with the lowest Ro.9oo'R0.750 values (clusters labeled "A") 

correspond to the dark region Erythraeum in cubes 840 and 843, and to the Solis 

Lacus/lcaria region in cubes 9278, 931, and 933. There is considerable overlap, however, 

such that there are several bright regions (clusters labeled "B") that exhibit Ro.9oo/R0.750 

values as low as those of several dark regions [for example, in Figure 4.1 lc (cube 9278) 

some of the Tharsis region at Ro.750 = 3.5-4.0 (labeled "B ") overlaps the Solis Lacus 

region (labeled "A") at Ro.750 = 2.0-2.5 along the ordinate]. 

These observations imply that the long-standing belief that dark regions have lower 

near-IR spectral slope than bright regions is not true for all regions of Mars (cf. Figure 

4.11). As discussed in §4.2.2.4, the association between dark regions and low near-IR 

slope has often been used to invoke the presence of Fe2+ -bearing minerals. The presence of 

basaltic minerals probably does not explain the low near-IR slope observed in several 

bright to intermediate albedo regions, however. Mixing studies have shown that an increase 

in near-IR ferrous mineral absorption band depth is accompanied by a decrease in visible to 

near-IR reflectance [Adams and McCord, 1969; Singer and McCord, 1979; Singer, 1981] . 

More likely, an additional bright component with absorption features in the near-IR is 

causing the relative slope changes within bright regions. Crystalline iron oxides are 

reasonable candidate materials, since they exhibit near-IR absorption features and are 
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relatively bright at those wavelengths (Figure 4.1). Thus, the trends of Figure 4.11 may 

indicate two separate causes of near-IR slope variations on Mars due to variations in 

ferrous vs. ferric minerals. The lowest Ro.900/Ro.750 values occur in dark regions and are 

most likely due to broad but strong absorption features from 0.8-1.1 µm, indicating a 

relative increase in ferrous mineral content. The highest Ro.9oo/Ro.750 values occur in 

bright regions, where the flat to positive near-IR slope indicates the lack of well crystallized 

ferric or ferrous minerals. Intermediate Ro.9oo/Ro.750 values occur in both bright and dark 

regions, and are due to weaker ferrous mineral absorption and/or increased ferric mineral 

absorption features (which are weak but relatively narrow). The scatter among the 

groupings in Figure 4.11 indicates substantial mixing between the histogram units. 

A further attempt is made to quantify the mineralogic variability in this data set in 

Figures 4.12 and 4.13. These plots depict relative reflectance in the green (Ro.sso) vs. 

green/blue spectral slope (Ro.s5cYR0.450) and red/green spectral slope (Ro.6QO/Ro.s50). The 

ordinate is plotted as slope in R/µm and both figures are plotted over the same relative 

ranges of x and y to facilitate comparisons. These particular plots were chosen because the 

near-UV absorption edge characteristic of ferric oxide minerals is located in the 0.45-0.60 

µm region (depending on the specific mineralogy: Figure 4.1). The general trend evident in 

all of the cubes is that brighter regions are redder, both in Ro.60Q/Ro.s50 and Ro.sso/Ro.450 

ratios. Distinct clusters are evident, however, and mapping back to the original images 

reveals their spatial location. For example, the brightest cluster in cube 846 (labeled "A" in 

Figures 4.12a and 4.13a) corresponds to Arabia, the darkest (labeled "B" in Figures 4.12a 

and 4.13a) corresponds to Syrtis Major. Overall values of Ro.600/Ro.sso are higher than 

those of Ro.55o/Ro.450 because of the steeper spectral slope into the red. What is more 

important, though, is the fact that the plots of Figure 4.13 span a wider range of 

Ro.6oofR0.550 values than the corresponding Ro.s50/Ro.450 range of Figure 4.12. This is 

most evident in the brightest regions (highest Ro.s50). The implication is that while all 
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regions have a certain distribution of 0.550/0.450 µm and 0.600/0.550 µm slopes, the 

distribution of 0.600/0.550 µm slope is broader and skewed towards higher slope values in 

the bright regions. That is to say, while there is a relatively linear trend of Ro.s5o'Ro.450 vs. 

Ro.550 for all non-condensate regions in Figure 4.12, a similar trend in Figure 4.13 is seen 

only below a certain threshold value of Ro.s50 (i.e. , Ro.550 :5 2.8 in Figures 4.13a-c) . 

Above this threshold value, the Ro.60ofR0.550 slope vs. Ro.550 brightness plots exhibit a 

different and typically steeper linear trend. This spectral slope change corresponds directly 

with the slope change observed in the relative reflectance spectra of Figures 4.2 and 4.3 . 

4.2.4. Polynomial Coefficient Mapping 

Polynomial fit coefficient images (§2.3.5.5) have been generated from the blue 

grism 0.4-0.8 µm data set. The steep near-UV absorption edge was fit with a first order 

polynomial (y = aiA. + ao) in the A. = 0.55-0.63 µm region. The resulting images (not 

shown) of the coefficients ao (offset) and ai (slope) reveal two things: first, the offset 

images are essentially albedo maps; and second, 0.55-0.63 µm slope is highly correlated 

with albedo, consistent with classical bright regions having "redder" spectra. Only two 

regions were identified where the slope-albedo correlation is not as strong [Bell et al., 

1990c,d]: (1) in the south polar region near latitude 80-85°S and longitude 300-355°W there 

is a relatively high albedo region with a low spectral slope value, and (2) in the 

Thaumasia/Erythraeum region near 30°S, 60-90°W there is an intermediate albedo area that 

exhibits a very low spectral slope. The south polar slope anomaly is most likely due to the 

presence of the polar cap and of condensate clouds, both of which reduce the relative 

spectral contrast between red and blue images. The Thaumasia anomaly may also be related 

to condensates or atmospheric dust, as this region was within 30° of the limb. 

A similar first-order polynomial fit was applied to the 0.735-0.795 µm data in an 

effort to map slope variations associated with possible ferric absorption features in the 0.8-
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0.9 µm region (Figure 4.1). Again, the ao or intercept maps were found to contain only 

albedo information. The slope maps were relatively "bland" and somewhat noisy because 

the martian spectrum is relatively flat to slightly "blue" at these wavelengths (see Figure 

3.1). The only structure found in the images was associated with the dark region Sinus 

Meridiani/Sinus Sabaeus. The main core of this albedo feature was found to have a 

relatively flat 0.735-0.795 slope similar to that of other dark regions, but its southern 

boundary exhibited a steeper slope. This anomalous region may also contain some of the 

intermediate to bright albedo region Deucalionis. While it is not possible to rule out the 

occurrence of a small, localized dust storm in this region, it is more likely that some of 

these materials, either in Deucalionis or Meridiani, are either more ferric- or ferrous-rich 

than surrounding regions, and thus the near-IR slope curves down more steeply. 

Polynomial fitting of the 0.5-1.0 µm red data was not performed because of the 

debilitating effects of the telluric H20 and 02 contamination discussed in §3.4. Preliminary 

analysis of higher-order polynomial fitting results to the 0.4-0.8 µm data did not reveal any 

surface regions that displayed anomalous spectral slope or curvature behavior. However, 

most of the variance of the spectra seems to be accommodated in only the lowest order fit 

coefficients (ao, ai), and thus the SIN of higher-order coefficients is lower using this 

technique than for the SI and CI image methods discussed in §4.2.2. 

4.2.5. Band Depth Mapping 

4.2.5.1. Band at 0.6-0.7 µm. The 0.6-0.7 µm absorption "cusp" seen in the 

spectra of Figures 3.3 and 3.6 is studied here in more detail using the band depth analysis 

techniques of Clark and Roush [1984] (see §2.3.5.4). In order to quantify the depth of this 

subtle band, a linear continuum was fit across the 0.63-0. 71 µm region, and the resulting 

relative reflectance/continuum spectra are shown in Figure 4.14 for the brightest, 

intermediate, and darkest spectra of Figures 3.1 and 3.3. The band depth at 0.67 µm does 
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not exceed 4-5% for any region. The accuracy of this band depth determination depends 

critically on the choice of continuum points, but it is typically ±1-3%, depending on the 

SIN of the individual spectrum. The continuum-removed band center is difficult to establish 

uniquely because of the interfering effects of Solar Hex and telluric Oi absorption features 

near 0.658 µm and 0.692 µm respectively. The best estimate of the band center is 0.670-

0.675 µm, although there is some variability and several spectra have apparent band centers 

near 0.68 µm (855a, 843c). The observed level of band center variability is within the 

noise level, so it cannot be used as an indicator of mineralogic changes in these data. 

The spatial variability of 0.6-0.7 µm band depth is examined in an imaging context 

in Figures 4.15 and 4.16. Two different band center positions were examined in order to 

evaluate the possibility of systematic errors or small solar or telluric absorption features 

dominating the apparent band depth. In Figure 4.15a, the 0.677 µm band depth images 

(column labeled 677 BD) do not show any spatial structures besides those related to bad 

CCD columns and to gain differences between slit positions (see §4.2.2.1). The 0.663 µm 

band depth (663 BD), however, does show spatially contiguous features that are somewhat 

correlated with major albedo boundaries. For example, in row A of Figure 4.15a (cube 

846), the lowest band depth (1.3%) is observed in Syrtis Major and Sinus Sabaeus. 

Slightly greater band depth is observed in Tyrrhenum and Serpentis (1.5-2.0%). The 

highest 0.663 µm band depth (4.5%) occurs in a confined region in Eastern Arabia along 

the Arabia-Syrtis border. Slightly lower values are seen in other bright regions, including 

western Arabia and Hellas. These trends can also be seen in the images in row B (cube 

849), obtained 90 minutes later. In row D (cube 853), a portion of the dark region 

Erythraeum has a lower band depth (1.7-2.0%) than the bright regions Chryse and Moab 

(3.2-3.8%). 

In Figure 4.15b, band depth maps in rows B and C (cubes 939 and 940) show 

only minor evidence of spatial features. The most prominent feature is an arcuate strip of 

114 



• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

low band depth (1.5%) in cube 939 associated with the low albedo region near the south 

polar cap. This is apparently the same region that exhibited low Sl600/550 and Sl750/600 

values in Figure 4.5b (§4.2.2.3). The images from cube 940 (Figure 4.15b, row C) show 

a very weak inverse relationship between band depth and albedo. Part of this effect may be 

caused by poor positioning of the continuum level, however the spectra of Figure 4.14 do 

reveal a slightly deeper feature for brighter regions of this cube. The most prominent dark 

regions exhibiting a relatively high 0.678 µm band depth are the tip of Sinus Meridiani 

(3.0-3.3%) and Acidalium (2.7-3.2%). For Meridiani, this result is somewhat consistent 

with the images of Figure 4.15a, since Meridiani does not show up as a region of distinctly 

lower band depth. Lower SIN hampers the identification of similar spatially contiguous 

regions in cubes 851, 855, and 936. 

Band depth images in Figure 4.16 from cubes 840 and 843 (rows A and B) confirm 

some of the observations in Figures 4.15a,b. For example, Acidalium has a relatively high 

0.680 µm band depth (2.0-2.5%) in cube 840. In cube 843, the region of higher band 

depth in Acidalium (1.7-2.0%) seems to be confined to a ring surrounding a zero band 

depth core. There are other higher band depth features in this image that correspond to 

Sinus Meridiani and Solis Lacus, and Erythraeum has a lower band depth consistent with 

Figure 4.15 images. Images from cubes 9278, 931, and 933 are dominated by systematic 

and spurious noise. 

Figures 4.15 and 4.16 suggest that the correlation between 0.6-0.7 µm band depth 

and albedo is not globally uniform. Certain dark regions have a deeper band than other dark 

regions, and similar variability in band depth is observed within and between several bright 

regions. These variations, though subtle, could indicate changes in the abundance and 

distribution of well crystallized ferric minerals on the martian surface. Alternately, some of 

this observed effect could be due to non-mineralogic factors, such as grain size variations. 

If changes in dark region band depth are due to mixing with bright dust, a corresponding 
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increase in albedo would be expected. At least in Sinus Meridiani and Acidalium, this is not 

observed. Thus, a relatively dark material with a weak 0.6-0.7 µm absorption band is 

required to match the observations. Changes in band depth without a corresponding albedo 

change in the bright regions could be due to mixing between poorly- and well crystallized 

ferric-bearing dust. Finally, the presence of condensate clouds and ices at high northern 

and southern latitudes will mask the surf ace to some extent, resulting in lower observed 

band depth (the south polar cap has low to zero band depth in all the images). This may be 

the cause of the dark zero band depth "core" observed in Acidalium and possibly also of the 

arcuate feature near the south pole in cube 939. 

4.2.5.2. Band at 0.8-0.9 µm. An attempt to map spatial variability of the 

previously-detected 0.8-0.9 µm band [Singer et al., 1979; Bell et al., 1990a; Morris et al., 

1989] is presented in Figure 4.16 in the column labeled "860 BD" for 0.860 µm band 

depth. All of these images show dark regions to have a deeper 0.860 µm feature . 

However, band depth in these images is defined along a continuum between 0.8-0.9 µm 

which includes telluric H20 features (see Figure 3.6). Thus, the continuum level varies 

according to the telluric water contamination, and the result is that 0.8-0.9 µm slope 

variations are not entirely removed from the images. Thus, these images exhibit many of 

the same feature boundaries as the SI90017so maps of Figure 4.6. There are small 

differences, though, that may be related to true 0.8-0.9 µm band depth variations rather 

than to near-IR spectral slope. For example, the northern-southern hemisphere near-IR 

slope dichotomy is not apparent in cubes 840 and 843 (rows A and B of Figure 4.16). The 

Erythraeum region appears to be composed of regions of varying 0.8-0.9 µm band depth, 

although systematic noise makes it difficult to draw distinct regional boundaries. In cubes 

840 and 931, the tip of Sinus Meridiani has a higher band depth value than Sinus Sabaeus 

and some parts of Erythraeum. This behavior was also observed for this region in the 0.6-

0.7 µm band depth images. Overall, evidence for spatial variability of the weak 0.8-0.9 µm 
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ferric mineral absorption band in these data is compelling but not conclusive because of the 

debilitating effects of both systematic noise and telluric atmospheric contamination. 

4.2.6. Mixing Model Analysis 

Linear spectral mixing analysis of these image cube data has been performed using 

the image-oriented model of Adams et al. [1986] discussed in detail in §2.3.5.6. 

Preliminary mixing models using all 150-170 wavelength bands showed that the high 

frequency (1-3 channels) spectral features in the data are not correlated with any surface 

features. This is not surprising since these features have been shown to be due to tell uric, 

solar, and stellar absorptions (§3.4.2). Thus, mixing analyses were carried out on 

subsampled image cubes of 7 to 15 bands. Subsampling allowed for increased computing 

speed as well as simplified analysis of residual images (equation 2.10) without any 

substantial loss of spectral variance. The spectral subsampling was accomplished by 

choosing new bands at key wavelengths (Table 4.5) where the most spectral contrast could 

be expected (for example, at the 0.55 µm spectral slope change, within the 0.67 µm Fe3+ 

absorption band, etc.). Images at ±2 channels from these key wavelengths were coadded to 

increase SIN. This section describes the results of a two-step approach: first, mixing 

models between bright and dark image endmembers were performed. The residuals of this 

simplified analysis were then used to develop more detailed models involving more 

endmembers. The mineralogic interpretations of these endmembers are also discussed. 

4.2.6.1. Simple Bright/Dark Mixing. Singer and McCord [1979] were the first to 

try to spectrally "unmix" the contaminating effects of bright region spectra on dark regions. 

They found that Fe2+ features were enhanced and Fe3+ features were reduced in dark 

regions where a substantial bright component had been removed. They also noted that the 

observed dark region spectra could be accounted for by areal coverage of at most 40% of 

"bright region" materials. The analysis discussed in this section is an extension of the work 
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of Singer and McCord [1979] into the imaging domain; here the spectrum of each pixel can 

be "unmixed" into its respective bright and dark fractional abundances. 

Figure 4.17 presents endmember fraction and residual images from a linear mixing 

analysis of the 7-band 0.4-0.8 µm subsampled data set. For each cube, the brightest and 

darkest non-limb and non-SPC regions were chosen as image endmembers. This model 

tests how well all martian surface regions plot along a mixing line between these brightest 

and darkest image endmembers. Fractional abundance values are most sensitive to overall 

albedo changes in these 7-band cubes, so that the bright region fraction image is essentially 

an albedo map while the dark region fraction image is its inverse (Figure 4.17). This was 

verified by 2-D histogram analysis (not shown) that revealed that the albedo and the bright 

region fraction images are highly correlated. Typical bright regions in this model exhibit 

90-95% fractional abundance of the brightest image endmembers, while typical dark 

regions are modeled as 60-90% of the darkest image endmembers and 10-40% of the 

brightest image endmembers. These results are in rough agreement with the analysis of 

point spectra by Singer and McCord [1979]: if each image pixel represents an areal average 

of sub-pixel scale bright and dark units, then the dark regions cannot contain more than 

about 40% areal coverage of bright image endmember material. Actually, there is a wide 

range of bright vs. dark fractional abundances for many dark regions; the bright regions 

have a much more uniform fractional abundance distribution. 

Perhaps more useful information is obtained by analyzing the residual images (data 

minus model: Ee in equation 2.10) at each of the seven bands. Low residual values indicate 

regions where there is apparently a stronger or unmodeled absorption in the data relative to 

the input endmembers, while high values indicate areas where the model has 

underestimated the data values. For example, residuals for bands 5-7 of Figure 4.17 are 

very low ("" -3.5% to -5.0% residuals) in many classical bright regions. This implies that 

the 0.40-0.55 µm spectra for these regions have lower values than that predicted by a 
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simple linear mixture of very bright and very dark image endmembers. Since the effect is 

much weaker in band 4, this indicates that many bright regions apparently have either 

steeper spectral slope or a deeper absorption feature in the 0.40-0.55 µm region than the 

regions chosen as image endmembers. Such a result is consistent with many of the 

previously discussed spectral analysis techniques. 

The SPC and other limb and polar condensates appear brightest in residual images 

shortward of 0.55 µm (bands 5,6, and 7). This is because the spectra of these regions are 

only slightly red as compared to the bright and dark endmembers chosen, so the model 

predictably underestimates the spectra of these "white" materials at the shortest 

wavelengths. Likewise, the model overestimates the spectra of these regions at the longest 

wavelengths, explaining why the SPC is dark in bands 1-3. The north polar hood on 28 

September (cubes 939 and 940) appeared to completely cover Acidalium, and the presence 

of this large cloud/ice region obviously effects the interpretation of Acidalium spectra 

discussed earlier. 

4.2.6.2. Additional Image Endmembers Derived from Residual Analysis. In order 

to reveal even more spectral structure than the 7-band cubes discussed above, a second set 

of subsampled cubes was generated at 15 wavelengths in the 0.4-0.8 µm region. Several 

different mixing models have been run on these cubes, and the results from these models 

have been combined to define six surface spectral units (cf. Figure 4.18): (1) a red, high 

albedo unit with a steep near-UV absorption edge, distinct crystalline absorption band at 

0.6-0.7 µm, and flat or positive near-IR spectral slope (type region: Arabia); (2) a red, low 

albedo unit with a shallower near-UV band, little or no indication of crystalline iron oxide 

bands, and a negative spectral slope in the near-IR (type region: Western Syrtis Major); (3) 

a red, low albedo unit with a deeper near-UV ferric absorption feature than unit 2 and with 

a negative near-IR slope (type regions: Eastern Syrtis Major, Hellas); (4) a bright but still 

red unit corresponding to the south polar cap; (5) a slightly blue, moderate albedo unit that 
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occurs along the morning limb and surrounding the north polar region; and ( 6) a very low 

flux and slightly red "sky" unit corresponding to scattered Mars light. These six units are 

not necessarily all spectrally independent, as will be shown below. 

As seen in §4.2.6.1 for the 7-band data, modeling of the surface as a mixture between 

units 1 and 2 only (dark and bright, referred to as Model A) accounts for nearly 95% of the 

spectral variance in the data. Examination of the E and Ee residual images (equations 2.10, 

2.11) from such simplified models allowed the other four units to be characterized. For 

example, analysis of residual images in Model A in the 0.6-0.7 µm region revealed a 

spatially coherent boundary between eastern and western Syrtis Major Planitia, with the 

western half of Syrtis looking spectrally similar to unit 2 (classical dark) and the eastern 

half having a distinctly more ferric character, corresponding to unit 3 (Figure 4.19, top 

row). This boundary has also been observed in other groundbased images and in the 

Phobos-2 ISM data set [Pinet and Chevrel 1990; Erard et al. 1991]. Residual analysis was 

crucial in the identification of unit 3 because except for the weak band between 0.6-0.7 µm, 

unit 3 appears to be a linear mixture of 80-90% unit 2 and 10-20% unit 1 (Figure 4.18) 

Other anomalous features identified in the residual images include the border of Sinus 

Meridiani (Figure 4.19, middle and bottom rows), and Hellas (Figure 4.19, top row) . 

Residuals from Model A at the shortest wavelengths were also used to reveal the 

volatile units, 4 and 5. The south polar cap is known to be predominantly C02 ice, 

however its spectrum has a substantial ferric component [e.g. Bell et al. 1990a]. Thus, 

using the cap as an image endmember does not allow the contributions of ice vs. dust to be 

unmixed. In a preliminary attempt to determine the ice/dust ratio for the polar cap region, a 

"reference endmember" spectrum [Adams et al. 1986] of C02 snow [Warren et al. 1990] 

has been added to Model A. Analysis of the "C02 ice" fraction images from this model 

(Model B) show a bimodal distribution of volatile species. The brightest materials with the 

highest volatile fractions correspond to the south polar cap (unit 4). A substantially lower 
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but still discrete fraction corresponds to bright morning limb clouds and the north polar 

hood (unit 5). Besides this fractional abundance difference, an important difference 

between units 4 and 5 is that unit 5 appears to be a mix of both bright and dark surface 

units (depending on geographic location), while unit 4 is always best fit by mixing with 

darker unit 2 materials. It is important to note that accurate fractional abundances of C(h ice 

vs. ferric dust in the polar cap (or the polar hoods) cannot be uniquely determined using 

these scaled data since grain size produces large variations in visible to near-IR ice 

reflectance [Warren et al. 1990]. Additionally, H20 ice cannot be uniquely discriminated 

from C02 ice in the visible and near-IR without additional albedo and grain size 

information. Additional spectral data on polar and limb condensates is discussed in §6.4. 

In summary, linear spectral mixture modeling has been successful in detecting 

subtle, spatially-coherent spectral variability in the Mars image cubes presented here. The 

most simple models, using classical bright and dark regions as endmembers (which are 

themselves, in fact, mixtures of materials at this spatial scale), can account for almost all of 

the spectral variability in the data. Only through analysis of residual images (data minus 

model) can additional image endmembers be identified. Much of the residual remaining 

after running simple two-component bright/dark mixing models is due to condensates in the 

SPC and polar hood and limb clouds. Beyond these, there appear to be small, isolated 

regions of spectral heterogeneity associated predominantly with dark regions. In particular, 

there is evidence for a dark, more Fe3+-rich unit in several dark areas that is similar to the 

"Dark Red" unit defined by Soderblom et al. [1978] and McCord et al. [1982b] from 

Viking Orbiter data . 

4.2.7. Principal Components Analysis (PCA) 

This section presents results from the selective PCA procedure described in 

§2.3.5.7. PCA was performed on five representative image cubes that were spectrally 
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subsampled and coadded as described in §4.2.6. Table 4.5 presents the variance

covariance and eigenvector matrices (loadings) used to produce the PC images for cubes 

846 (0.4-0.8 µm ) and 843 (0.5-1.0 µm ). Images at the reddest wavelengths have 

variances from 5-20 times greater than those at the bluest wavelengths. As pointed out by 

Loughlin [1991] and others, bands with higher variances will dominate the signal in the 

lowest-order PC images, leaving less overall variance for the higher-order PC's. Thus, 

higher order PC images may contain information unique to certain bands or combinations 

of bands, but this information is lost in the noise because so little of the total variance is 

being used (cf the eigenvector values in Table 4.5). Mars presents an extreme example of 

this variance asymmetry because of its steep red slope and the fact that all of the bands in 

the data set are relatively highly correlated. PCl and PC2 account for over 99.5% of the 

total variance in cubes 846 and 843. 

In order to allow a greater fraction of the total variance to be spread over a greater 

number of PC images, the subsampled image cubes were "normalized" by stretching the 

data to an 8-bit (0-255 DN) range so as to make the means and variances of the all bands as 

similar as possible before calculating the PC loadings [Loughlin, 1991]. The variance

covariance matrix and loadings of these stretched images for cubes 846 and 843 are shown 

in Table 4.6. The distribution of variances has been substantially evened out at all 

wavelengths. The effect in the 0.4-0.8 µm data has been to increase the percentage of 

variance used to generate PC images higher than order 3. In the 0.5-1.0 µm cubes, there 

was less of an effect because the original variance asymmetry (Table 4.5) was much less 

than that of the 0.4-0.8 µm data. Because of the large contrast differences between Mars 

images acquired in red vs. blue wavelengths (cf. Figures 3.7, 3.8), it is not possible to 

truly equalize variance throughout the cubes. Nonetheless, image normalization in this data 

set does substantially reduce the dominating effects of the bands with the highest variance 

values, allowing higher-order PC images to be more easily interpreted . 
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Figure 4.20 displays images of PCl through PC4 for five image cubes that are 

representative of the entire data set. Relevant statistics and loadings can be found in Table 

4.6 and Figure 4.21. The first principal component of all these images represents albedo 

and is composed of positive loadings in all bands. For 0.4-0.8 µm data, PCl represents 

79.5-91.8% of the total variance in the normalized data (93.8-97.4% in the "raw" data). 

For the 0.5-1.0 µm data, PCl represents roughly 96-98% of the variance in both raw and 

normalized data. The second principal component images represent a combination of two 

effects, as can be seen in the loadings. Except for cube 939 (row C), areas that are bright in 

PC2 images either have high values of band 7 (bluest) or low values of band 1 (reddest). 

Thus, condensate regions like the polar cap and limb clouds are the brightest features 

because they are bright in the blue and the band 7 loading is largest. Low albedo regions 

are also bright because they have lower near-IR values than the mean (negative near-IR 

spectral slope; see Figures 4.5 and 4.6) and are multiplied by negative band 1, 2, and 3 

loadings. Cube 939 displays similar behavior, but the loadings have the opposite sign. For 

the normalized data, PC2 accounts for 7.5-18.7% of the variance in the 0.4-0.8 µm data 

and 1.2-2.1 % of the total variance in the 0.5-1.0 µm data (Table 4.5). 

The remaining PC images are more difficult to interpret. PC3, which accounts for 

only 0.5-1.2% of the total variance in the normalized data, is composed of negative 

loadings at the bluest and reddest wavelengths and positive loadings in between (Figure 

4.21). For the 0.4-0.8 µm data, the strongest positive loadings are in bands 5 and 6 (0.471 

and 0.549 µm), suggesting that blue to green spectral slope may be correlated with the PC3 

images. Inspection of Figure 4.20 rows A and B (cubes 846 and 853) shows that spatially 

coherent bright regions occur in Hellas, Eastern Syrtis Major, and along the southern and 

western limb. The limb values may be due to slight image misregistration giving a lower 

0.409 µm value than the mean that is then multiplied by a large negative loading value. 

Misregistration within these data occurs mostly in the blue because the effects of differential 
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atmospheric refraction and chromatic aberration are greatest at the shortest wavelengths 

[Chapter 2; Lucey et al., 1991]. Other bright features in PC3 images may be due to higher 

band 5 and 6 values with or without lower band 1 and 2 values. Since classical bright 

regions do not appear bright in PC3 images, it is most likely the combination of band 5, 6 

data values greater than the mean and band 1, 2 values less than the mean that produces 

bright PC3 pixels. The features in Hellas and Syrtis correlate well with the location of Unit 

3 (dark, ferric-rich) seen in the mixing model calculations of §4.2.6.2. This is consistent 

with the interpretation of PC3 values correlating with high blue-green slope and low near

IR slope. The Thaumasia region southeast of Solis Lacus in Cube 843 PC images (Figure 

4.20 row E) is also anomalously bright, suggesting that it too has a distinctly higher blue

green and lower near-IR slope. In cube 939 (row C), the north polar hood over Acidalium 

has very high PC3 values. Since this image is mostly composed of the differences between 

bands 6 and 7 and negative band 1-3 loadings (Figure 4.21c) and there are no substantial 

differences between the classical bright and dark regions, the cube 939 PC3 brightness may 

be correlated with regions of flat blue-green slope and negative near-IR slope. The high 

polar hood PC3 value thus may represent the fact that the hood is optically thicker at blue 

wavelengths than at near-IR wavelengths, where the spectral signature of the underlying 

Acidalium dark region is still seen. This interpretation is not unique, however. 

PC4 images represent only 0.1-0.5% of the variance in the normalized data, and 

hence reveal much of the systematic and spurious noise in the data. There is no systematic 

behavior among the PC4 loadings in Figure 4.21, and thus each cube may have a different 

physical cause for structures (if any) observed in PC4 images. The "cleanest" PC4 image is 

from cube 939 (Figure 4.20 row C). The loading values indicate that bright PC4 pixels can 

be caused by 0.549 µm data values less than the mean multiplied by a large negative 

loading or by near-IR data values greater than the mean and multiplied by small positive 

loadings. The former interpretation is preferred because spectra that deviate from the mean 
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only in near-IR wavelengths but not in blue-green wavelengths have not been observed in 

these image cubes (Figures 3.3 and 3.6). Thus, the cube 939 PC4 image seems to 

represent a deeper 0.549 µm absorption, corresponding to a stronger near-UV Fe3+ 

absorption edge, that preferentially occurs in the bright northern hemisphere regions 

Chryse and Oxia but is not seen in intermediate-albedo southern hemisphere regions. PC4 

images in cubes 931 and 843 are composed of the differences between the bluest 

wavelengths and the differences between the reddest wavelengths. Thus, bright PC4 pixels 

for these cubes could be due to regions that have flat to red spectra in the blue with flat to 

blue spectra in the red or to regions with continuously red spectra. Again, the images and a 

priori knowledge of the spectra (Chapter 3) are used to distinguish between these 

possibilities. Since the Oxia-Moab region appears dark in these images, the first 

explanation is more likely to be the cause of PC4 variations. Notice, however, that Chryse 

is rather bright, suggesting a very subtle spectral difference between that region and the 

Oxia-Moab region to the west. Again, as in the case with PC3, these interpretations are not 

necessarily unique, since there are many different loading combinations that could 

potentially arrive at the same PC value. 

To summarize this section, PCA has proven to be a useful analysis tool in the study 

of these new imaging spectroscopic data. Although most of the variance within the data is 

caused by overall albedo changes, application of "nonstandard" techniques like selective 

PCA and band normalization help to reveal spatially coherent trends within the"" 3-15% of 

the variance that is not due to albedo. Images of PC2 through PC4, combined with the 

necessary examination of the values of the eigenvector loadings that comprise each PC 

image, appear to be correlated with physically interpretable quantities. For example, PC2 

images reveal surface regions with either high blue albedo or low near-IR spectral slope. 

PC3 images are correlated with either high blue-green spectral slope, low near-IR albedo, 

or both. PC4 images are at or only slightly above the noise level, and although there are no 
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systematic loading trends between image cubes, there appear to be correlations within 

individual cubes between PC4 values and 0.549 µm albedo or red vs. blue spectral slope. 

Higher order PC images reveal only systematic and spurious noise within the data . 

4.3. Summary and Conclusions 

This chapter has presented analyses of the new 1988 Mars imaging spectroscopic 

data using many different new and "standard" spectroscopic and image analysis techniques . 

Many of the techniques yield complementary results, giving additional support to 

interpretations obtained from any one method. The main results are summarized here: 

(1) Spectrum analysis indicates that the 0.6-0.7 µm absorption feature seen in these 

new spectra, when combined with previous observations of the 0.8-0.9 µm band, confirms 

the detection of crystalline ferric oxide minerals on the Martian surface. Spectral slope 

analysis indicates that the 0.6-0.7 µm band is slightly deeper in most classical bright 

regions. Also, there is a slope increase at 0.55 µm, the strength of which is correlated with 

albedo for most regions. Ratio spectra show that the greatest level of spectral heterogeneity 

is between bright and dark regions, although there are apparent spectral slope and 

absorption band differences between regions of similar high and low albedo . 

(2) Color ratio slope index (SI) images reveal apparent differences in atmospheric 

condensates and airborne dust (S4s0/405 images), spectral slope correlations with albedo 

(SI600/550 and SI1s0/600), the presence of dark, apparently ferric-rich regions (Siss0/450 

and SI600/45o), and a north-south hemispheric dichotomy in near-IR spectral slope: both 

bright and dark southern hemisphere regions have low SI90017so while bright northern 

hemisphere regions have high Sl90017so values. Curvature index (CI) images reveal 

anomalous dark regions that may have lower Fe2+ or Fe3+ content than other dark regions. 

(3) Two-dimensional histogram images show the very high correlation between 

individual bands at nearly all wavelengths. Scatter plots of albedo vs. SI remove much of 
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this trend and indicate that the 0.55 µm spectral slope change is greater for bright regions 

than dark regions in general, although there are several dark regions with a 0.55 µm slope 

change as great as that in several bright and intermediate albedo regions. 2-D histograms 

also support the conclusion that both ferric and ferrous minerals determine near-IR spectral 

slope, not just ferrous minerals alone. 

(4) Polynomial coefficient mapping shows that blue-green spectral slope is 

correlated with albedo except for a few very small regions near the south pole and near 

Sinus Meridiani that have an opposite slope-albedo correlation. 

(5) Band depth mapping shows that the 0.6-0.7 µm Fe3+ feature is always< 5% 

deep, but that there are subtle variations even at this level between and within individual 

bright and dark regions. In general, bright regions have a 1-3% deeper 0.6-0.7 µm band; 

however, this correlation is not globally uniform. Band depth maps of the 0.8-0.9 µm 

feature yield inconclusive results due to the effects of telluric atmospheric contamination . 

(6) Spectral mixing model analysis indicates that modeling the spectra as simple 

linear combinations of classical bright and dark regions accounts for over 95% of the 

variance in the data. Examination of the residual 5% of the signal reveals four additional 

endmember units, including condensate clouds and ices of varying opacity and a dark, 

apparently ferric-rich unit that has small, spatially confined boundaries. 

(7) Principal components analysis (PCA) indicates that the first PC is due to albedo 

and the second PC is caused by either high blue albedo or low near-IR spectral slope . 

These two components account for 97-99% of the total variance in normalized 7-band 

image cubes. Of the remaining components, only PC3 and PC4 show spatially coherent 

trends above the noise level. Analysis of PC loadings yields the interpretation that these 

trends correlate with blue-green and near-IR spectral slope (PC3) and the strength of the 

0.55 µm spectral slope change (PC4) . 
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TABLE 4.1. Contrast stretch values for SI images of Figure 4.5 

Row Cube 450/405 550/450 600/450 6001550 750/600 
Figure45a 

A 846 1.0-1.4 1.5-2.2 1.9-3.1 1.2-1.6 1.0-1.5 
B 849 1.0-1.3 1.4-1.9 1.7-3.0 1.2-1.6 1.0-1.4 
c 851 1.0-1.25 1.4-1.9 1.9-2.8 1.2-1.5 1.0-1.4 
D 853 1.0-1.25 1.4-1.8 1.8-2.7 1.25-1.5 1.0-1.3 
E 855 1.0-1.2 1.4-1.7 1.8-2.4 1.25-1.5 1.0-1.3 

Figure 45b 
A 936 1.0-1.4 1.5-2.1 1.8-3.2 1.2-1.6 1.0-1.6 
B 939 0.9-1.15 1.0-1.5 1.4-2.0 1.1-1.4 1.0-1.2 
c 940 0.9-1.15 1.1-1.5 1.4-2.0 1.2-1.4 1.0-1.2 

TABLE 4.2. Contrast stretch values for SI images of Figure 4.6 

Row Cube 6001550 750/600 9001750 

A 
B 
c 
D 
E 

Row 

A 
B 
c 

840 1.1-1.4 1.0-1.25 0.9-1.05 
843 1.2-1.5 1.0-1.3 0.9-1.05 
9278 1.2-1.6 1.1-1.4 0.75-0.95 
931 1.25-1.5 1.15-1.4 0.8-1.0 
933 1.3-1.6 1.1-1.4 0.8-1.0 

TABLE 4.3. Contrast stretch values for CI images of Figure 4.7 

Cube ( 600)( 4 50)/(550)2 (750)(450)/(550)2 (405)(550)/(450)2 (7 50)(550)/(900)2 

936 0.7-0.85 0.75-1.15 125-1.65 0.8-1.0 
939 0.85-1.05 0.85-1.2 1.15-1.45 0.8-0.95 
940 0.9-1.1 0.9-1.2 1.15-1.45 0.75-0.9 

TABLE 4.4. Contrast stretch values for CI images of Figure 4.8 

Row Cube (7 50)(5 50)/( 600)2 (900)( 600)/(7 50)2 

A 
B 
c 
D 
E 

840 
843 
9278 
931 
933 

1.1-1.4 
1.2-1.5 
1.2-1.6 
1.25-1.5 
1.3-1.6 
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TABLE 4.5. Principal components statistics on two representative Mars telescopic image cubes. 

• Data values are in original unscaled Mars/rt Psc units . 

Cube 846, Statistics on 7388 pixels 

Input Band _ 1_ _2 _ _L _4 _ _i__ -6._ _i_ 
A. (µm) 0.785 0.720 0.671 0.620 0.549 0.471 0.409 

• Band Mean 4.473 4.615 4.427 4.038 2.642 1.726 1.333 
Band Std. Dev. 1.511 1.510 1.382 1.192 0.684 0.425 0.320 

Covariance: 2.284 2.273 2.071 1.765 0.928 0.494 0.298 
2.282 2.080 1.779 0.946 0.509 0.309 

1.909 1.635 0.880 0.480 0.295 
1.422 0.782 0.438 0.275 • 0.468 0.280 0.188 

0.181 0.129 
0.103 

Eigen- Variance 
Loadings: ~ __(%1_ 

• PCl -0.518 -0.519 -0.476 -0.409 -0.221 -0.121 -0.075 8.418 97.351 
PC2 0.338 0.198 0.048 -0.204 -0.521 -0.533 -0.497 0.196 2.272 
PC3 0.616 -0.039 -0.309 -0.443 -0.123 0.129 0.544 0.015 0.172 
PC4 -0.454 0.400 0.389 -0.229 -0.422 -0.069 0.498 0.007 0.080 
PCS 0.132 -0.508 0.117 0.596 -0.540 -0.028 0.250 0.005 0.060 
PC6 0.123 -0.517 0.713 -0.412 0.188 -0.019 -0.061 0.005 0.053 
PC7 -0.0lS -0.062 -0.062 0.131 0.399 -0.824 0.370 0.002 0.017 

• 
Cube 843, Statistics on 9402 pixels 

Input Band _1_ _ 2_ _L _4 _ _5_ -6._ _i_ 
A. (µm) 0.942 0.872 0.778 0.720 0.650 0.600 0.5SS 

• Band Mean 15.877 lS.243 lS.482 lS.841 14.610 13.036 9.910 
Band Std. Dev. 4.384 4.321 4.2632 4.282 3.794 3.260 2.3S6 

Covariance: 19.222 18.876 18.588 18.617 16.341 13.7S3 9.273 
18.671 18.366 18.414 16.182 13.6SO 9.244 

18.178 18.227 16.063 13.600 9.277 
18.333 16.187 13.728 9.419 

• 14.399 12.291 8.554 
10.626 7.521 

5.551 

Eigen- Variance 
Loadings: ~ __(%1_ 

• PCl -0.428 -0.423 -0.419 -0.421 -0.372 -0.316 -0.218 103.429 98.523 
PC2 0.404 0.301 0.141 0.032 -0.217 -0.4S2 -0.689 1.344 1.280 
PC3 0.729 -0.033 -0.314 -0.42S -0.231 0.060 0.363 0.091 0.087 
PC4 -0.343 0.821 -0.110 -0.195 -0.314 -0.026 0.243 O.OS2 0.049 
PCS 0.039 0.204 -0.767 0.187 0.5Sl -0.116 -0.134 0.029 0.027 
PC6 0.022 -0.093 O.OS7 0.363 -0.047 -0.765 0.518 0.024 0.023 
PC7 -0.052 0.070 0.322 -0.661 0.598 -0.305 0.047 0.010 0.010 
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TABLE 4.6. Principal components statistics on two representative Mars telescopic image cubes. 

• Data values are in normalized, stretched (0-2SS) DN units . 

Cube 846, Statistics on 7388 pixels 

Input Band _ 1_ _2 _ _L _4_ _L -6._ _]_ 
A. (µm) 0.785 0.720 0.671 0.620 0.549 0.471 0.409 

• Band Mean 134.88 141.80 145.77 156.84 162.81 161.80 159.36 
Band Std Dev. S6.23 SS.41 S6.40 SI.SS S4.38 S0.84 47.21 

Covariance: 3162.29 3103.26 3146.47 2840.97 2787.06 2306.19 179S.71 
3070.36 311S.08 2823.01 2797.04 2337.71 1836.59 

3181.51 2887.53 2886.52 243S.77 1928.42 

• 26S7.3S 270S.92 2338.16 1887.37 
29S7.69 2680.26 2269.52 

2S84.94 2288.13 
2228.98 

Eigen- Variance 
Loadings: value:! ~ 

• PCl -0.402 -0.400 -0.410 -0.379 -0.397 -0.351 -0.292 18214.61 91.793 
PC2 0.369 0.311 0.266 0.129 -0.194 -0.464 -0.653 1485.63 7.487 
PC3 0.277 O.lSO 0.046 -0.101 -O.S09 -0.418 0.674 90.93 0.4S8 
PC4 -0.593 -0.007 0.402 O.S64 -0.407 0.047 0.024 18.S6 0.093 
PCS -0.349 0.018 0.186 -0.011 0.611 -0.663 0.17S 18.27 0.092 
PC6 0.267 -0.3S7 -0.498 0.707 0.084 -0.212 0.043 8.28 0.042 
PC7 0.28S -0.770 O.S61 -0.104 0.008 -0.004 0.003 6.80 0.034 • 

Cube 843, Statistics on 9402 pixels 

Input Band _1_ _2 _ _L _4_ _L -6._ _7_ 
A. (µm) 0.942 0.872 0.778 0.720 0.6SO 0.600 o.sss 

• Band Mean 126.28 127.49 130.08 137.24 13S.17 146.81 158.34 
Band Std. Dev. 46.32 46.65 46.03 49.04 47.48 48.11 47.79 

Covariance: 214S.27 21S3.20 2120.46 22S4.56 216S.43 2168.10 2087.63 
2176.60 2141.SS 2278.24 2189.84 2193.SO 2111.Sl 

2119.21 22S4.19 2172.46 2180.88 2107.36 
240S.47 2321.2S 2332.12 2260.53 • 22S4.23 2273.02 2217.14 

2314.39 2274.13 
2283.64 

Eigen- Variance 
Loadings: vfil!J~:! ~ 

• PCl -0.369 -0.373 -0.369 -0.394 -0.381 -0.385 -0.375 1S466.76 98.522 
PC2 0.397 0.359 0.227 0.152 -0.068 -0.325 -0.727 196.09 1.249 
PC3 0.642 0.113 -0.165 -0.300 -0.46S -0.22S 0.437 17.93 0.114 
PC4 -0.42S 0.321 0.232 0.286 -0.llS -0.660 0.364 6.62 0.042 
PCS 0.337 -0.640 -O.OS2 0.299 0.422 -0.4SO 0.07S S.81 0.037 
PC6 0.001 0.442 -0.778 0.022 0.427 -0.12S -0.003 3.68 0.023 
PC7 0.011 0.104 -0.3Sl 0.749 -0.510 0.208 -0.044 1.91 0.012 • 
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Figure 4.1. Reflectance spectra of major Fe3+-bearing minerals. (A) The most common iron oxides/oxyhydroxides; (B) Less 
common iron oxides/oxyhydroxides and nanophase hematite; (C) Other ferric-bearing clays , sulfates, silicates , and 
"mineraloids" like palagonite. Data from references indicated in figure. 
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Figure 4.2. Relative reflectance ratio spectra from previous studies. Ratios are stacked for clarity with the offset given to the left 
of each. (A) High albedo divided by low albedo regions from Bell et al. [1990a]; (B) Ratios of regions of comparable albedo 
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circumstances as the image cube data. 
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Figure 4.5 (continued). (b) September 1988. Rows: A=cube 936; B=cube 939; C=cube 940. Numbers in column labels refer to 
wavelengths in nm. Images labeled IRTM are broadband Viking Orbiter albedo, for comparison. 
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Figure 4.6. Slope index (SI) images for 0.50-0.95 µm data. Rows: A=cube 840; B=cube 
843; C=cube 9278; D=cube 931; E=cube 933. Numbers in column labels refer to 
wavelengths in nm (=1000 * wavelength in µm). Images labeled IRTM are 
orthographically-projected broadband Viking Orbiter albedo, as would be seen under 
the same observing circumstances as the image cube data . 
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Figure 4.7. Curvature index (CI) images for 0.4-0.8 µm data. September 1988. Rows: A=cube 936; B=cube 939; C=cube 940. 
Numbers in column labels refer to wavelengths in nm. Images labeled IRTM are broadband Viking Orbiter albedo, for 
comparison. 
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Figure 4.8 . Curvature index (CI) images for 0.50-0.95 µm data. Rows: A=cube 840; 
B=cube 843; C=cube 9278; D=cube 931; E=cube 933. Numbers in column labels refer 
to wavelengths in nm. Images labeled IRTM are broadband Viking Orbiter albedo, for 
comparison . 
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Figure 4.1 3. 2-D histograms of 0.550 µm vs. the 0.600/0.550 µm ratio. These plots show variations in 0.55-0.60 µm spectral slope with albedo for 
comparison with Figure 4.12. The cluster labeled "A" in cube 846 corresponds to Arabia, the cluster labeled "B" corresponds to Syrtis Major. See 
text for interpretations. 
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Figure 4.14. Continuum-removed 0.6-0.7 µm band depth spectra. The brightest (labeled "a") most intermediate (labeled "b") and 
darkest (labeled "c") spectra from Figures 3.1 and 3.3 are plotted. The 0.6-0.7 µm band depth never exceeds 4-5% (see text). 
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Figure 4.15. Band depth (BD) images for 0.4-0.8 µm data. (a) August 1988. Rows: 
A=cube 846; B=cube 849; C=cube 851; D=cube 853; E=cube 855. Numbers in column 
labels refer to wavelengths in nm (=1000 *wavelength in µm). Images labeled IRTM 
are orthographically-projected broadband Viking Orbiter albedo, as would be seen 
under the same observing circumstances as the image cube data . 
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Figure 4.15 (continued). (b) September 1988. Rows: A=cube 936; B=cube 939; C=cube 940. Numbers in column labels refer to 
wavelengths in nm. Images labeled IRTM are broadband Viking Orbiter albedo, for comparison. 
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Figure 4.16. Band depth (BD) images for 0.50-0.95 µm data. Rows: A=cube 840; B=cube 
843; C=cube 9278; D=cube 931; E=cube 933. Numbers in column labels refer to 
wavelengths in nm (=1000 * wavelength in µm). Images labeled IRTM are 
orthographically-projected broadband Viking Orbiter albedo, as would be seen under 
the same observing circumstances as the image cube data . 
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Figure 4.17. Fraction images and residuals from linear spectral mixing analysis. The brightest and darkest regions were input as 
image endmembers for a 2-component mixing model, yielding the observed Bright % and Dark % distributions (white 
=100%, black= 0%). Residuals (corresponding to the Ee term in equation 2.10) ranged between -5.0% and +4.0% of total 
variance and are plotted for Bands 1 through 7 (Table 4.5) for each of the models shown here. Typical residual values for 
non-polar and non-limb regions were ±1.0-1.5%. These residuals were used to construct more detailed models with more 
endmembers (see text) . Rows: A=cube 846; B=cube 849; C=cube 853; D=cube 939. 
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Figure 4.18. Image endmember spectra from linear mixing models. Representative data 
from spectrally-subsampled image cube 846. Units: l=red, high albedo with a deep 
near-UV absorption edge, distinct crystalline absorption band at 0.6-0.7 µm, and flat or 
positive near-IR spectral slope (type region: Arabia); 2=red, low albedo with a 
shallower near-UV band, little or no indication of crystalline iron oxide bands, and a 
negative spectral slope in the near-IR (type region: Western Syrtis Major); 3=red, low 
albedo with a deeper near-UV ferric absorption feature than unit 2 and with a negative 
near-IR slope (type regions: Eastern Syrtis Major, Hellas); 4=bright but still red unit 
corresponding to the south polar cap; 5=slightly blue, moderate albedo unit that occurs 
along the morning limb and surrounds the north polar region ; 6=very low flux and 
slightly red "sky" unit corresponding to scattered Mars light. These six units are not 
necessarily all spectrally independent (see text) . 
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Figure 4.19. Fraction and RMS images from 3-component mixing model. Image endmembers corresponded to bright regions 
(unit 1 in Figure 4.18), dark regions (unit 2); and condensates (a combination of units 4 and 5). The RMS error images (max 
error= 4.5%) show systematic errors, misregistration, and spatially coherent regions corresponding to unit 3. 
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Figure 4.20. Results of normalized principal components analysis. Seven-band 
subsampled cubes were used to compute these images, which are composed of the 
loadings shown in Figure 4.21 (Table 4.6). The PC images have been inverted for 
more simplified interpretation. See text for image interpretation. Rows: A=cube 846; 
B=cube 853; C=cube 939; D=cube 931; E=cube 843 . 
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CHAPTERS. LABORATORYSTUDIESOFTHERMALLYALTEREDPALAGONITIC 

TEPHRA AS AN ANALOG TO THE SOIL AND DUST OF MARS 

5.1. Introduction and Background 

As discussed in the previous Chapters, there is considerable debate on the 

mineralogy and mode of formation of the red, windblown soils and dust on Mars. Most of 

the data currently used to assess these parameters have been provided by groundbased 

telescopic spectral observations [e.g., Chapters 1 and 3; Singer et al., 1979; Bell et al., 

1990a] and Viking Lander geochemical measurements [e.g., Toulmin et al., 1977]. 

Because the Martian spectrum in the visible to near-infrared (VIS-NIR, 0.4-1.1 µm) is 

relatively red and lacks strong absorption features (Chapter 3) and the Lander XRF data 

provide evidence for an iron-rich clay-like composition, there is a general consensus that 

the near-surface materials are dominated by poorly crystalline or even amorphous minerals 

similar to certain terrestrial palagonites [Toulmin et al., 1977; Soderblom and Wenner, 

1978; Evans and Adams, 1979; Singer, 1982]. Recent telescopic observations at high 

spectral resolution presented in Chapter 3 and by Bell et al. [1990a] and Singer et al. 

[1990b] and re-interpretation of previous data by Morris et al. [1989] have led to the 

identification of crystalline hematite (a-Fe203) on Mars, but only as a minor accessory 

phase in a matrix of a much more abundant non-crystalline component. 

Four principal environments for the production of poorly crystalline palagonite-like 

materials on Mars by the weathering or alteration of primary igneous rocks have been 

proposed: hydrothermal alteration induced by impact, volcanism, or geothermal gradients 

[e.g., Newsom, 1980; Allen et al., 1982; Clifford and Carr, 1991], sub-permafrost 

magmatic intrusion [Soderblom and Wenner, 1978; Allen et al., 1981], sub-aerial intrusion 

above the permafrost layer [Berkley and Drake, 1981], and static gas-solid weathering 

[Gooding and Keil, 1978]. The relative importance of each of these mechanisms in altering 
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the composition and mineralogy of Martian surf ace materials is determined by a number of 

factors, including the contemporaneous state of the Martian climate and hydrosphere, and 

the amount of time that the process operates. 

As part of an ongoing study of potential Mars surface analog materials, I have 

collected samples of a suite of thermally altered and palagonitized tephra from Mauna Kea, 

Hawaii. In this chapter I report the results of laboratory studies (VIS-NIR reflectance, 

Mossbauer spectroscopy, water analysis, X-ray diffraction, magnetic analysis, and particle 

size distribution) of these tephra samples. The goals of the effort described in this chapter 

are (1) to examine changes in the mineralogy of these samples as a function of distance 

from the heat source; (2) to examine to what degree thermally altered palagonitic tephra is a 

Mars surface mineralogical and process analog material; and (3) to examine the validity of 

the martian alteration/weathering schemes proposed above in light of this and other 

terrestrial analog studies and other currently available Mars surface compositional and 

mineralogic information. 

5.2. Samples and Geolo~c Settin~ 

The samples were obtained in 1987 and 1990 from Puu Huluhulu, a cinder cone on 

the island of Hawaii. This cone is located in the Humuula district at 2040 m elevation in the 

"saddle" between Mauna Kea and Mauna Loa, roughly 15 km due south of the summit of 

Mauna Kea. Wolfe et al. [1992] have mapped this 300 m diameter, 40 m high cone as a 

part of the Laupahoehoe Volcanic series (hawaiitic composition), with an age of late 

Pleistocene. Unlike the summit region of Mauna Kea, Puu Huluhulu receives moderate 

amounts of annual rainfall and is densely vegetated in places with grass, trees, and low 

brush. The western side of the cone has been partially quarried, exposing in cross-section a 

steeply dipping (55°) 15 to 20-m elevation lava slab that apparently "baked" the pre-existing 

tephra to form a 1.5-m wide zone of alteration (Figure 5.1). The region within 0.5 m of the 
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slab is bright reddish-orange in color, and has presumably undergone the highest degree of 

alteration/oxidation [Evans et al., 1981]. Less altered tephra occurs in the region between 

0.5 and 1.5 m from the slab, where the color grades from reddish-orange to dark tan

brown. The tephra 1.5 m and further from the slab is coarse and black and has apparently 

not been thermally altered. These cinders far from the lava slab have undergone minor 

palagonitization, however, as evidenced by minor amounts of orange-yellow glass 

(interpreted as palagonitized sideromelane after the analogous study by Morris et al. 

[1990a,b]). Samples of the tephra were taken at six 30 cm intervals along two separate 

transects perpendicular to the slab. 

The origin of the steeply dipping lava slab is not readily apparent because quarrying 

dating back to the 1930s has removed much of this "cap rock" in order to excavate the 

cinders below. Thus, the age relationship between the time of cone formation (late 

Pleistocene according to Wolfe et al. [1992]) and the time of the thermal alteration event is 

unclear. The cone itself is intruded by at least two 30-50 cm-wide dikes, and it is 

surrounded by numerous recent (1935) and prehistoric (1500-2000 year old) Mauna Loa 

pahoehoe and a'a flows (E. Wolfe, pers. comm., 1991; J. Lockwood, unpublished data, 

1991]. Thus, it is possible that the steep lava slab could be a Mauna Loa lava flow that 

"sloshed up" the side of the cone or was highly inflated when it encountered the cone, and 

subsequent "slosh back" or deflation left just the thin slab coating the cinders (and causing 

the thermal alteration) (E. Wolfe, pers. comm., 1991). However, it seems unlikely that 

either of these processes could raise lava to 20 m above its base level. 

It is more likely that the slab originated from one of the dikes internal to the cone 

that "broke out" to the surface, creating a small flank eruption [e.g ., Porter, 1972] that 

produced the meter-thick slab and which altered the underlying cinders. Preliminary 

analyses of samples of the slab and the internal dikes shows them to be tholeiitic and nearly 

identical to each other in composition [Bell et al., 1992]. These data support the previous 
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suggestion that the dikes are Mauna Loa lavas that have intruded this previously-existing 

Mauna Kea cinder cone [E. Wolfe, unpublished data, 1991]. This surprising result is no 

doubt due to the cinder cone's intermediate location between Mauna Kea and Mauna Loa 

and probably to the interaction of relatively recent Mauna Loa magma with the cone's pre

existing plumbing system. In this scenario, the thermal alteration of the tephra subjacent to 

the extruded slab may have occurred any time up to many tens of thousands of years after 

the end of the original Puu Huluhulu (Mauna Kea) eruption. The most important 

implication of this result for this study is that the pre-existing tephra was exposed at the 

surface for a substantial amount of time before being thermally altered, thus allowing it to 

begin the process of palagonitization and soil formation that is ubiquitous on other Mauna 

Kea cinder cones of the same age. The eruption history and timing of the palagonitization 

and thermal alteration at this intriguing geologic site are the subject of a more detailed study 

in progress [Bell et al., 1992] . 

5.3. Measurements and Results 

5.3.1. Particle Size Distribution 

The samples were wet seived in freon into nine size fractions using 20-, 45-, 90-, 

150-, 250-, 500-, and 1000-µm rhodium-plated nickel screens and a 2-mm stainless steel 

wire mesh. Mean particle size calculations [Folk and Ward, 1957] show that the samples 

closest to the heat source are generally finer-grained than those farther away (Figure 5.2) . 

This presumably results from the higher degree of alteration closer to the slab. Microscopic 

examination of the > 90 µm seive fraction samples reveals qualitative color and 

morphologic changes between the samples closest to and farthest from the lava slab. The 

most thermally altered tephra particles exhibit a thick reddish-brown palagonitization rind 

that flakes off and accounts for the greater number of fine particles in these samples. Many 

of the cinders have been altered so thoroughly from this process that they no longer have 
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any unaltered cores. The tephra far from the lava slab shows many black, "pristine" cinders 

as well as minor amounts of orange-yellow glass. The 90-150 µm size fraction of all 

samples also show numerous white and green particles, most likely plagioclase and olivine . 

5 .3 .2. Water Analysis 

Both adsorbed (H20-) and structural (H20+) water abundances were determined for 

these samples using a DuPont 902 moisture evolution analyzer (Figure 5.2d,e). Adsorbed 

water content ranges from 1-8 wt.% for all samples and there is a slight increase in H20- at 

the finer grain sizes (Figure 5.3). Structural water content ranges from 1-15 wt.% and also 

shows a slight increase with decreasing grain size (Figure 5.3). The samples closest to the 

heat source are depleted in H20+ by a factor of 2-3 relative to samples farther away, which 

is consistent with a decreasing thermal gradient from the lava-tephra contact. The H20-

abundance also decreases for the samples closest to the slab. This may reflect a mineralogic 

change associated with this thermal alteration event, because these otherwise finer-grained 

particles might be expected to contain more adsorbed water than adjacent coarser grains. 

Figure 5.2d,e shows a slight general decrease in H20+ and H20- with distance for the 

samples farthest from the slab, and this trend is consistent with the general increase in grain 

size as seen in Figure 5.2a. 

5.3.3. Magnetic Analysis 

Saturation magnetization (Js) and magnetic susceptibility (Xp) values were 

determined for all size fractions using a parallel field vibrating sample magnetometer in 

fields up to 2.1 T. For bulk samples ( < 1 mm size fraction), there is a strong increase in Js 

approaching the slab (Figure 5.2c), which implies that the increase is associated with the 

thermal event. The observed range of Js (5-17 Am2fk:g Fe) indicates the presence of a 

strongly magnetic phase(s). The Js of hematite (0.7 Am2fk:g Fe) is too small to account for 
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the observed values. For comparison, the values of Js for pure and well crystallized 

maghemite (y-Fe203) and magnetite (Fe304) are 105 and 127 Arn2fkg of Fe, respectively 

[Nagata, 1961]. For each sample, there is a general decrease in Js with decreasing particle 

size (Figure 5.4) similar to that noted for the Hawaiian palagonitic soil HWMKl by Morris 

et al. [1990a], who determined that decreasing Js values were coupled with increasing 

oxidation state. Variations in total Fe content (Figure 5.2b) as a function of distance from 

the heat source and particle size may contribute somewhat to the "S" shape of the Js curves, 

although preliminary compositional data do not support such a large percentage variation 

among different size fractions of the same sample. An alternate explanation, supported by 

Mossbauer and XRD data (see below), is that there is a greater abundance of magnetite in 

the coarser fractions of these samples. Even less than 1 wt.% magnetite, which would not 

be detectable by either reflectance or Mossbauer measurements, could account for the 

change in Js with particle diameter. It is clear that the alteration event has caused a 

significant increase in the overall magnetization of the samples nearest to the slab; however, 

the mineralogy of the magnetic phase(s) responsible for this increase cannot be determined 

from magnetic measurements alone . 

5 .3 .4. Reflectance Spectroscopy 

Diffuse reflectance spectra were obtained in the 0.35-2.2 µm region using a Cary-

14 spectrophotometer and Halon-coated integrating sphere as described in detail by Morris 

et al. [1985, 1989]. The spectra have been converted to absolute reflectance using the 

Halon values of Weidner and Hsia [1981]. Absorption band centers were determined using 

the spectral derivative method of Savitzky and Golay [1964] as well as standard gaussian 

curve-fitting routines. Interpretation of the ferric mineralogy responsible for these features 

is based on the laboratory studies of ferric minerals by Sherman et al. [1982], Morris et al. 

[1985], and Sherman and Waite [1985] (see Table 2 of Bell et al. [1990a]) . 
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The VIS-NIR reflectance of bulk ( < 1 mm seive fraction) PH-1 to PH-6 samples is 

displayed in Figure 5.5. Several prominent features dominate these spectra. First and 

foremost is the steep reflectance dropoff in the visible to near-UV at wavelengths shortward 

of 0.75 µm. This absorption edge is caused by a combination of several effects, some of 

which can be seen as discrete "shoulders" or slope changes in these spectra: a very strong 

02- ~ Fe3+ charge-transfer absorption band centered near 0.25-0.35 µm, intense Fe3+ 

ligand-field transitions between 0.4 and 0.6 µm, and Fe3+_pe3+ electronic-pair transitions 

in the 0.5-0.7 µm region. As the samples approach the heat source, there is a general 

increase in reflectance, an overall particle size decrease (Figure 5.2), and presumably a 

greater degree of oxidation. This latter point is further strengthened by the positive near-IR 

(0.9-1.3 µm) slope of the brighter spectra and by the Mossbauer data presented below. 

Bands near 1.4 µm and 1.9 µmare due to adsorbed and structural water in the samples. 

Figure 5.6 shows the VIS-NIR reflectance of the seive fractions of PH-6, which is 

located farthest from the lava slab. These relatively coarse, predominantly dark brown to 

black samples are representative of the tephra deposits that have not been significantly 

thermally altered. Tephra similar in form and color to the black particles within PH-6 

samples comprises the vast majority of the Puu Huluhulu cinders that have been exposed 

within the quarry (Figure 5.1). The coarsest size fractions of PH-6 have a low reflectance 

and weak near-UV reflectance dropoff, while the finest particles are over 3 times brighter 

and exhibit a distinct tan-yellow color. None of the PH-6 samples exhibit crystalline Fe3+ 

absorption features in the 0.5-0.9 µm region, but they all show either a slope change or a 

weak Fe3+ ligand-field transition band near 0.47 µm. This band occurs at the same 

wavelength as the cubic 6A1 ~ (4E, 4A1) transition of ferric iron [e.g., Sherman et al., 

1982; Morris et al., 1985]. However, the lack of evidence in PH-6 samples for other 

crystalline iron oxide bands at other wavelengths (as well as in the Mossbauer data 

discussed below) and the fact that the 0.47 µm band disappears in the spectra of samples 
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closer to the heat source argues that this band may be caused by Fe3+ cations in glass or in 

other minerals such as olivine. The spectra in Figure 5.6 are also relatively flat in the near

IR and there is some evidence for a subtle Fe2+ band centered in the 0.90-0.95 µm region. 

This band and the lack of a 0.8-1.4 µm slope increase may be further indicative of minor 

amounts of olivine and/or pyroxene in these samples. 

The VIS-NIR reflectance of the seive fractions of PH-3 (60 cm from the slab) are 

plotted in Figure 5.7. The coarse fractions of PH-3 are substantially brighter than those of 

PH-6, reflecting the greater degree of alteration that has occurred for these particles. 

Golden et al. [199la] and Allen et al. [1981] ascribe such a change to the formation of a 

more or less complete rind of iron oxide/smectite particles on their palagonitic samples. All 

of the PH-3 samples have a red-brown color due to a relatively steep near-UV reflectance 

dropoff. In addition, all of these samples have a positive near-IR slope and much less 

flattening beyond 1.0 µm than the PH-6 series (Figure 5.6). There is a stronger indication 

in the PH-3 spectra of a weak feature in the 0.9 µm region but the spectra are otherwise 

relatively smooth from 0.4-0.8 µm. The 0.9 µm feature probably results from ferric iron, 

but ferrous iron in olivine could also contribute, since this phase is observed in Mossbauer 

and XRD data (below). 

Figure 5.8 presents the spectra for the seive fractions of PH-1, which was collected 

at the lava slab/tephra contact. The fine fraction of these samples are abundant (Figure 5.2), 

very bright, and tan-orange in color. The coarse fractions are darker (though still not as 

dark as PH-6) and show distinct, crystalline Fe3+ absorption features at 0.80-0.95 µm and 

0.62-0.73 µm. The positions of these features are consistent with those seen in bulk 

hematite powders [Morris et al., 1985], although the amount of hematite present must be 

small (<10 wt.% maximum using the mixing results of Morris et al. [1989]) to produce 

such subtle features. These two crystalline Fe3+ absorption features can still be identified in 

the PH-1 fine fraction spectra, suggesting that fine-grained crystalline ferric oxide particles 
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have been formed by the thermal alteration process, possibly as a rind on larger particles 

[Allen et al., 1981; Golden et al., 1991a,b], and then have been abraded or flaked off and 

compose a large quantity of the sampled fines . 

5 .3 .5. Mossbauer Spectroscopy 

Room temperature 1024-channel 57Fe Mossbauer spectra of the samples were 

obtained on Ranger Scientific spectrometers using the methods described in detail by 

Morris et al. [1985, 1989]. These spectra were used primarily as a "fingerprinting" tool for 

the identification of the iron-bearing phases present in the samples, using laboratory 

mineral reference spectra such as those of Morris et al. [1985] and Murad [1988]. The 

curve-fitting program described by Morris et al. [1989] was used to fit the spectra and to 

calculate the Mossbauer parameters [isomer shift (IS), quadrupole splitting (QS), and 

hyperfine field strength (Bhf)] in Tables 5.1 and 5.2 . 

Bulk ( < 1 mm) sample Mossbauer spectra are presented in Figure 5.9 and the 

Mossbauer parameters are presented in Table 5.1. Even by visual inspection, these spectra 

show the differences in the ferric and ferrous mineralogy of these samples. PH-1 shows a 

strong sextet resulting from bulk (well crystalline) ferric oxides. Samples PH-2 and PH-3 

also show weak sextets. All samples have a strong ferric doublet near 0 mm/sec. The 

proportion of ferrous-bearing phases (olivine, pyroxene, glass) increases with distance 

from the heat source. PH-6 has the highest proportion of glass and olivine. A more detailed 

discussion of the Mossbauer mineralogy of these samples is given below, where 

Mossbauer data are considered for all of the seive fractions. 

Figure 5.10 shows the Mossbauer spectra of the seived samples farthest from the 

heat source (PH-6). These spectra are somewhat similar to those of the Hawaiian 

palagonite HWMKl studied by Morris et al. [1990a] in that they show little evidence, to 

the limit of the noise, of crystalline ferric oxides. A ferric doublet (D2) can be seen near 0 

163 



• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

mm/sec that decreases in strength with increasing particle size. This doublet indicates the 

existence of either nanophase (superparamagnetic) ferric oxides and/or paramagnetic ferric 

iron in these samples [Morris et al. 1990a]. In addition, two ferrous doublets (Dl, D3) are 

seen in the data that increase in strength and complexity towards the coarser particle sizes . 

The increase in ferrous mineral content in the coarser size fraction (Table 5.2) is consistent 

with the interpretations of the reflectance spectra presented in Figure 5.6. The complex 

structure of the doublet near 2 mm/sec in the coarsest fractions may indicate the presence of 

olivine, pyroxene, and/or glass in the samples. 

The Mossbauer spectra of the seived samples 30 cm from the lava slab (PH-2) are 

plotted in Figure 5.11. All of these spectra show three doublets at low velocities: the 

stronger one (D2) due to either superparamagnetic (SP) ferric oxides and/or paramagnetic 

Fe3+ and the weaker ones (DI, D3) due to the presence of olivine, pyroxene, or glass. 

Additionally, the < 250 µm samples show evidence of a weak, relaxed sextet with peak 

positions consistent with either hematite (Sl), maghemite (y-Fe203; S2), cation-deficient 

(low Fe2+) magnetite (S2), or all three (the sextet is most obvious in the 150-250 µm size 

fraction, but it is too weak to model uniquely). The> 250 µm samples show a weak sextet 

that may be due to titanomagnetite (S3; Morris et al., [1990a]) or to the same phase(s) that 

produce the < 250 µm sextet with higher Ti content. 

Figure 5.12 shows the Mossbauer spectra of the seived samples closest to the heat 

source (PH-1). All of these spectra show evidence for the hematite sextet (Sl), with the 

peak band strength occurring in the 150-500 µm size range. Peaks 1, 5, and 6 of the sextet 

in the samples> 150 µm appear to be composed of two peaks, and the peak parameters 

(Table 5.2) are consistent with the presence of bulk hematite (Sl) and the tetrahedral site of 

magnetite (S2). In the latter case, the phase is most likely cation-deficient magnetite. Both 

of these phases could also contain Ti, and magnetite could easily explain the increased 

magnetism of PH-1 relative to the other samples (Figures 5.2b and 5.4). All of these 
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samples also show the SP ferric doublet (02) and the samples > 20 µm in size show 

evidence of ferrous doublets (01, 03) at low velocities, possibly due to pyroxene alone in 

the 20-90 µm fractions (03) and to both olivine and pyroxene in the larger size fractions 

[Morris et al., 1989, 1990a]. The identification of hematite (both bulk and possibly 

nanophase) in these spectra is consistent with the reflectance results of Fig. 8 . 

5.3.6. X-ray Diffraction (XRD) and Instrumental Neutron Activation (JNAA) Data 

XRO measurements were performed on a Scintag Model 2000 instrument using 

sample preparation methods similar to those described by Golden et al. [1991a]. Coarse 

and fine fractions of the samples closest to (PH-1) and farthest from (PH-6) the heat source 

were analyzed. Initial analysis of the X-ray diffraction patterns reveals that all the samples 

have a high abundance of plagioclase and minor to trace amounts of pyroxene. Both fine 

fractions contain minor amounts of smectite clay and hematite, although there appears to be 

more hematite in PH-1 than PH-6. Both coarse fractions contain minor amounts of 

magnetite or maghemite, and the PH-6 coarse fraction also shows minor amounts of olivine 

and a trace of smectite clay. Lastly, the PH-1 fine fraction shows evidence for a minor 

amount of either magnetite or maghemite. These results are consistent with several of the 

reflectance and Mossbauer spectra discussed above although they appear to be more 

sensitive to minor amounts of ferric oxides than any of the above methods. 

INAA measurements have been obtained for some major, minor, and trace elements 

for the < 1 mm size fraction of all six PH samples. Fe abundances (Figure 5.2b) were 

used to correct the bulk J8 values (Figure 5.2c) for total iron content. Abundances of other 

components (i.e ., Na20, CaO, La) were used to identify the composition of the lava slab 

(tholeiitic) and of the unaltered tephra (hawaiitic) based on variation diagrams [Basaltic 

Volcanism Study Project, 1981; Frey et al., 1990]. Additional analyses of INAA and XRF 
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data and more quantitative refinement of mineral abundances is part of a more detailed 

study in progress [Bell et al., 1992]. 

5.4. Discussion and Implications for Mars 

5.4.1. Puu Huluhulu Tephra Formation Environment 

Certain terrestrial palagonites have been advocated as Mars analog materials based 

on their visible to near-IR reflectance and on their abundance in environments where 

volcano-ice interactions have occurred [e.g., Soderblom and Wenner, 1978; Allen et al., 

1981; Singer, 1982]. Many palagonitic soils from the summit region of Mauna Kea, such 

as those studied by Singer [1982], Morris et al. [1990a,b], and Golden et al. [1991a,b] 

may have been formed in an ice-rich environment while the volcano was glaciated [Porter, 

1979, 1987; Ugolini, 1974]. The samples discussed here, however, are from much lower 

elevation (2040 m) in a region that has never been glaciated and probably never has had 

even seasonal ground ice. As mentioned above, though, the region does receive modest 

rainfall and frequent fog associated with clouds passing between Mauna Kea and Mauna 

Loa. Thus, some of the observed palagonitization of the tephra far from the lava slab (i.e., 

the yellow weathered glass in PH-6) may have occurred during and shortly after the 

eruption and creation of the cone from self-baking of the still-hot emplaced cinders. 

Subsequent weathering of glassy tephra to palagonite [i.e., Gooding and Keil, 1978] has 

occurred in this relatively warm, moist environment since the creation of the cone in the late 

Pleistocene. Clearly, the emplacement of the slab produced substantial additional alteration 

of the palagonitic tephra. The majority of this thermal alteration is confined to a narrow 

zone adjacent to the slab (PH-1 site). Within this zone, the tephra was intensely heated (for 

reference, typical Kiluaea lava temperatures are 1100-1200 °C [Williams and McBirney, 

1979]) and has had most of its water driven off, resulting in the production of stable, 

anhydrous ferric oxide phases like hematite, magnetite, and possibly maghemite. Thus, the 
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heat from the lava slab has effectively changed the "weathering path" of the tephra samples 

closest to the slab relative to those far away. Specifically, it appears that crystalline ferric 

oxide phases are not forming in this environment when the "weathering" does not involve 

sufficient heat. 

5.4.2. Comparisons to Mars: Mineralogy 

Spectroscopically, there are many similarities between the most altered samples 

(Figure 5.8) and the visible to near-IR spectrum of Mars. Figure 5.13 presents a direct 

comparison between the laboratory spectra discussed here and Mars reflectance data 

obtained by McCord and Westphal [1971], McCord et al. [1977a], and Bell et al. [1990a] . 

In addition, comparison is made to several of the new spectra presented in Chapter 3. 

Although the telescopic data only approximate the actual surface reflectance, it is 

possible to determine that the positions of the absorption features seen in the Mars data are 

consistent with those in several of the PH-series samples (Table 5.3). In fact, because of 

the combination of spectral features from both well- and poorly-crystalline phases in these 

laboratory spectra, the most thermally altered samples (PH-1 series) are better spectral 

analogs in the visible and near-IR than any previously studied materials. The position of the 

near-UV absorption edge (which governs the color of the samples and of Mars) is highly 

dependent on particle size (see Figures 5.6-5.8) and on the crystalline ferric oxide 

abundance [Morris eta!., 1989; Bell and Morris, 1992]. Thus, while it is not possible to 

invert the telescopic spectra to obtain accurate particle size estimates, it is possible to 

constrain the presence of certain crystalline ferric oxide phases on Mars from a combination 

of near-UV slope, color, and the positions of ferric absorption bands seen near 0.60-0.70 

µm and 0.80-0.90 µm. Such an exercise was carried out by Morris et al. [1989], Morris 

and Lauer [1990] and Bell et al. [1990a] who found that the available Mars spectra are 

consistent with the presence of small amounts of crystalline hematite possibly occurring in 
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a matrix of poorly crystalline ferric oxide phases. Thus, the comparisons of Figure 5.13 

seem to be between possibly very similar materials: a poorly crystalline or even amorphous 

palagonite-like "matrix" of very fine particles containing small amounts of crystalline 

hematite (and possibly other ferric oxides) scattered among and/or coating larger, darker, 

basaltic minerals and glass. 

Other important observational constraints come from the Viking Lander 

measurements. The magnetic experiment found that the surface was composed of 1-7% of 

a highly magnetic material dispersed within individual surface soil particles [Hargraves et 

al., 1977, 1979]. These authors favored maghemite as the magnetic phase. Lander camera 

multi-color sky measurements were used by Pollack et al. [1977] to infer the presence of 

magnetite in the atmospheric aerosols (with a 10±5% mixing ratio) and also, presumably, 

to explain the soil magnetic data. Unfortunately, it is not possible to uniquely identify either 

maghemite or magnetite with telescopic reflectance spectroscopy on Mars or in this 

laboratory analog study due to the spectral similarities between hematite and maghemite and 

the very low reflectance of magnetite [e.g., Morris et al., 1985]. The magnetic 

measurements indicate that there is a more highly magnetic mineral in the most thermally 

altered tephra samples, and Mossbauer spectra of these samples provide evidence that the 

mineral responsible for this magnetism is (likely Ti-bearing) cation-deficient magnetite. 

Thus, while there has been no direct determination of the magnetic mineral(s) in the martian 

soil, there is evidence for the occurrence of magnetite in terrestrial soils that are at least 

good spectroscopic analogs to Mars. 

5.4.3. Comparisons to Mars: Processes 

The thermally altered tephra studied here is a good visible to near-IR spectral 

analog that represents well at least the ferric mineralogy of Mars. Can the analogy be 

extended to constrain the process of formation of both crystalline iron oxides and the more 

168 



• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

poorly crystalline palagonite-like phases? Possible origins of ferric-rich palagonites and 

smectites on Mars have been discussed by Toulmin et al. [1977] and further studies have 

identified four principal processes for the formation of such materials on Mars: 

hydrothermal alteration, sub-permafrost magmatic intrusion, subaerial magmatic extrusion, 

and static gas-solid weathering (see Section 5.1 above and the review by Berkley and 

Drake [1981]). The thermal alteration process that occurred at the Puu Huluhulu slab is 

closest to a combination of the first and the third processes, although the scale is small and 

the water content is (at least currently) much higher on Earth than on Mars. Additionally, as 

mentioned above, some degree of weathering/palagonitization has occurred in these 

samples since thermal alteration, and possibly between the time the cone formed and the 

time the slab was extruded. 

An important question is whether the same cinder cone altered by the same slab 

would produce the same resulting alteration/weathering products if it were located on Mars. 

In today's Martian environment, a short-timescale heat pulse into relatively dessicated 

palagonitic tephra could perhaps cause structural breakdown of any Fe3+-bearing smectite 

clay associated with (or contained in) the palagonite to form maghemite in the lower 

temperature regimes (250-1000 °C) and hematite and magnetite at higher temperatures (see 

Figure 2 in MacKenzie and Rogers [1977] and Figure 8 in Schwertmann and Taylor 

[1989]). If the heat pulse were injected into an ice-rich region, then it would basically act 

as a small sub-permafrost magmatic intrusion [Soderblom and Wenner, 1978; Allen et al., 

1981], resulting in the additional palagonitization of the tephra and more hematitic 

hydrothermal alteration. In a hypothesized past warmer, wetter Martian environment such a 

small-scale heating event could yield additional crystalline phases resulting from the 

increased water content. The potential differences in weathering/alteration products between 

these two scenarios could possibly be tested by comparing palagonites from the relatively 

arid summit of Mauna Kea [e .g., Morris et al., 1990a,b; Golden et al., 1991a] to the 
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wetter, lower elevation samples studied here. However, even the summit of Mauna Kea is 

extremely wet by current Martian standards and the degree of ferric oxide crystallinity of 

Mauna Kea palagonites appears to be controlled not only by water/ice content [Ugolini, 

1974; Porter, 1972, 1979] but also by the degree to which they were heated [Bell and 

Morris, 1992]. 

An equally important issue is whether or not small-scale heating events could 

provide the dominant mechanism for the production of crystalline ferric oxides and less 

crystalline palagonite-like phases globally. Calculations of the amount of impact melt 

created globally on Mars are relevant to this issue, because small and medium-sized impacts 

are short-timescale heating events in many ways similar to the extrusive slab at Puu 

Huluhulu. Newsom [1980] used a lunar crater scaling law for craters smaller than 256 km 

diameter to derive an impact-derived global melt thickness of 60 m. Clifford et al. [1991] 

used actual Martian crater statistics and the revised scaling law of Cintala and Grieve [1991] 

to derive an impact-derived melt thickness of only 6 m for craters smaller than 256 km. 

Although there are large uncertainties in both the Newsom [1980] and Clifford et al. [1991] 

models, it is clear that even small impact events produce melt and, thus, by inference, could 

thermally alter substantial amounts of local, unmelted material. In addition, recent 

calculations by Greeley and Schneid [1991] have predicted a total volume of Martian 

plutonic magma of more than 4 times the extrusive volume (based on the terrestrial 

intrusive/extrusive scaling law of Crisp [1984]). While the magma production rate 

estimated by Greeley and Schneid [1991] is substantially lower than the current terrestrial 

value, their intrusive volume calculation still implies that subterranean magmatic intrusion 

could be a volumetrically important process for the alteration of crustal materials on Mars . 
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5.5. Summary and Conclusions 

The palagonitic tephra studied here was thermally altered by the extrusion of a lava 

slab onto a cinder cone, resulting in the production of minor amounts of hematite and 

cation-deficient magnetite in the alteration zone 0-60 cm from the slab. Thermally unaltered 

tephra from areas~ 150 cm from the heat source is somewhat palagonitized as a result of in 

situ weathering in a region of modest rainfall and contains measurable amounts of olivine, 

nanophase iron oxide and/or paramagnetic Fe3+, and glass. These interpretations are based 

on (1) reflectance spectra that show evidence of crystalline iron oxide absorption features 

(most likely due to hematite) in the samples closest to the heat source and a weak ferrous 

absorption feature in the less thermally altered samples; (2) Mossbauer spectra that clearly 

show (likely Ti-bearing) hematite and cation-deficient magnetite sextets in the most 

thermally altered samples, a nanophase ferric oxide and/or paramagnetic Fe3+ doublet that 

increases in strength at the finer fractions of all samples, and ferrous doublets resulting 

from olivine, pyroxene, and/or glass that appear strongest and most prominent in the 

coarsest fractions of the less thermally altered samples; (3) water analysis and particle size 

distribution data that indicate that the samples closest to the heat source were substantially 

"baked" and rendered susceptible to comminution; and (4) magnetic measurements that 

indicate that the samples closest to the heat source contain a highly magnetic component in 

their coarse size fractions. 

This short-timescale, spatially restricted heat pulse may be a terrestrial analog to 

similar processes that have occured on Mars involving lava flows, dikes, or small impact 

craters and their interactions with unaltered or palagonitized volcanic tephra. In either wet 

or relatively dry environments such an influx of heat and energy will result in the alteration 

of more poorly ordered phases to more crystalline ones. This process provides a way to 

generate the crystalline hematite recently discovered spectroscopically on Mars [Morris et 

al., 1989; Bell et al., 1990a] and possibly other ferric oxides, however it is not unique . 
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Photogeologic evidence of abundant volcanism and extensive cratering on Mars provide 

evidence that this process could produce volumetrically important quantities of 

palagonitized tephra and crystalline iron oxides in the Martian regolith . 
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• TABLE 5.1. M5ssbauer parameters at 293 K for the <1 mm sieve 
fraction of PH soils. Numbers in square brackets refer to constrained 
parameters. Phases are listed in order of increasing percentage area. 

Sample IS QS Bhf %A Phase a 

• (mm/s) (mm/s) (T) 

PH-1 [1.13) [2.94) 2 01 
[1.01) [2.35) 9 Px/G 
0.38 -0.20 51.8 30 bulk-Rm 
0.37 0.73 57 np-Ox/p-Fe3+ 

• PH-2 0.36 -0.07 48.2 8 bulk-Ox 
[1.01) [2.35) 9 Px/G 
1.14 2.91 11 01 
0.37 0.72 72 np-Ox/p-Fe3+ 

• PH-3 <2 bulk-Ox 
1.14 2.94 7 01 
1.01 2.35 16 Px/G 
0.38 0.69 71 np-Ox/p-Fe3+ 

PH-4 [0.94) [2.25) 4 G/Px 

• 1.14 2.95 9 01 
0.34 0.74 88 np-Ox/p-Fe3+ 

PH-5 1.13 2.95 6 01 
0.94 2.34 13 G/Px 
0.38 0.73 80 np-Ox/p-Fe3+ 

• PH-6 1.14 2.95 7 01 
0.94 2.20 25 G 
0.39 0.66 68 np-Ox/p-Fe3+ 

akey to phases: 01 = olivine; Px = pyroxene; G = glass (Fe2+); bulk-

• Rm = well crystallized hematite; np-Ox/p-Fe3+ = nanophase iron 
oxides and/or superparamagnetic Fe3+ cations; bulk-Ox= unidentified 
but well crystallized iron oxide . 

• 

• 
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• TABLE 5.2. Mossbauer parameters at 293 K for the 500-1000 and <20 µm sieve fraction of PH soils . 
Numbers in square brackets refer to constrained parameters. Phases are listed in order of increasing 

percentage area. 

500-1 OOQ wn si~v~ fra~tiQn < 2Q wn si~v~ fra~tiQn 

• Sample IS QS Bhf %A Phase a IS QS Bhf %A Phase 
(mm/s) (mm/s) CT) (mm/s) (mm/s) (T) 

PH-1 [1.01] [2.25] 2 Px/G [1.01] [2.35] 2 Px/G 
[1.14] [2.94] 9 01 [1.13] [2.94] 2 01 
0.24 -0.10 50.0 11 cd-Mt 0.37 -0.17 51.8 19 bulk-Rm 

• 0.38 -0.20 51.8 19 bulk-Rm 0.36 0.78 77 np-Ox/p-Fe3+ 

0.36 0.85 59 np-Ox/p-Fe3+ 

PH-2 0.33 -0.06 47.8 6 bulk-Ox [1.01] [2.35] 4 Px/G 
[1.01] [2.35] 8 Px/G 0.33 -0.01 48.3 7 bulk-Ox 
1.14 2.93 10 01 1.15 2.96 7 01 

• 0.37 0.74 76 np-Ox/p-Fe3+ 0.37 0.77 82 np-Ox/p-Fe3+ 

PH-3 <2 bulk-Ox 1.14 2.91 6 01 
1.14 2.94 10 01 [1.02] [2.35] 8 Px/G 
1.01 2.35 19 Px/G 0.36 0.72 87 np-Ox/p-Fe3+ 
0.39 0.69 71 np-Ox/p-Fe3+ 

• PH-4 [0.94] [2.25] 6 G/Px [0.94] [2.25] 3 G/Px 
1.15 2.90 9 01 1.14 2.90 6 01 
0.36 0.73 85 np-Ox/p-Fe3+ 0.34 0.74 92 np-Ox/p-Fe3+ 

PH-5 1.13 2.94 7 01 [0.94] [2.24] 2 G/Px 

• 0.94 2.24 23 G/Px 1.18 2.93 5 01 
0.40 0.73 70 np-Ox/p-Fe3+ 0.37 0.75 93 np-Ox/p-Fe3+ 

PH-6 1.09 2.95 8 01 [0.94] [2.20] 3 G/Px 
0.94 2.20 30 G/Px 1.18 2.91 6 01 
0.36 0.67 62 np-Ox/p-Fe3+ 0.37 0.67 92 np-Ox/p-Fe3+ 

• acd-Mt =cation-deficient magnetite; for other phases, see note to Table 5.1. 

• 
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TABLE 5 .3. Comparison of visible to near-IR spectral properties of published Mars spectra with those of 
potential terrestrial analog minerals (all wavelengths in microns) 

N~-UVCIBa Local Refl. 
Spectrum SI CI Abswtion Bandsb Slope Changes Maximum Ref. 

Mars Representative Bright Region Spectra 
Spot 69-1 3.24 0.70 0.95 0.4, 0.5, 0.6 0.85 1 
Spot 73-9 4.00 0.77 0.8-0.9 0.4, 0.5, 0.6 0.77 2 
VO II, Arabia 2.4 0.82 NAC NA NA 3 
VL 1 Soil A7 3.86 1.56 NA NA NA 4 
Spot 88a-27 3.67 0.70 0.67' 0.85-0.90 0.42, 0.52 0.75 5 
Spot 88b-846-16 3.10 0.80 0.68 0.48, 0.54 0.749 6 

Mars Representative Dark Region Spectra 
Spot 69-6 2.50 0.71 0.85-1.05 0.4, 0.5, 0.63 0.76 1 
Spot 73-18 3.13 0.69 0.8-1.0 0.4, 0.5, 0.6 0.77 2 
VO II, N. of Argyre 2.2 0.69 NA NA NA 3 
VL 2 Soil CS 2.86 1.16 NA NA NA 4 
Spot 88a-37 2.87 0.79 0.67, 0.90 0.42, 0.55 0.75 5 
Spot 88b-846-11 2.43 0.86 0.68 0.49, 0.54 0.746 6 

Terrestrial Iron Oxides and Other Possible Analogs 
Hematite HMS 13 2.18 2.47 0.641, 0.870 0.541, 1.028 0.745 7 
Hematite HMS3 7.61 3.06 0.641, 0.859 0.542, 1.028 0.745 7 
Goethite GTS2 5.47 0.29 0.445, 0.652, 0.932 0.381 0.761 7 
Maghemite MHS5 6.82 0.70 0.634, 0.926 0.492, 1.140 0.783 7 
Palagonite VOL02A 2.93 0.51 none 0.42, 0.50, 0.70 0.80 8 
Palagonite VOL05A 2.38 0.843 0.68, 0.88 0.53 0.78 8 
Palagonite H-34 3.24 0.60 0.92 0.50 0.80 9 
Nontronite SWa-1 2.83 0.47 0.45, 0.65, 0.93 0.32, 0.50 0.80 10 
Jarosite NMNH95074-l 4.44 0.49 0.65, 0.91 0.45, 0.52 0.73 10 
Fe-Montmorillonite 4.18 0.618 0.92 0.48, 0.62 0.75 11 
PH-1<20 µm 3.28 0.77 0.85-0.92 0.48, 0.60 0.79 12 
PH-I 500-1000 µm 2.65 0.84 0.68, 0.90 0.42, 0.47 0.76 12 
PH-6 < 20 µm 2.65 0.59 0.47 0.60 0.80 12 
PH-6 500-1000 µm 2.22 0.70 0.90 0.43, 0.49, 0.60 0.75 12 

aSI is slope index and CI is curvature index of the near-UV o2-~Fe3+ charge transfer band (CTB) 
absorption edge as defined by Morris and Lauer [1990] for telescopic and lab data and as defined by 
Guinness et al. [1987] for Viking Orbiter and Lander color data. 

bValues refer to band center for complete bands and center of "shoulder" for partial bands . 
CViking Orbiter and Lander spectral data are from 3- to 6-color narrowband filter vidicon imaging. 
References: (1) McCord and Westphal [1971]; (2) McCord et al. [1977a]; (3) Soderblom et al. [1978] and 

Singer et al. [1979); (4) Guinness et al. [1987); (5) Bell et al. [1990a]; (6) This work and Bell et al. 
[1990b]; (7) Morris et al. [1985); (8) Singer [1982); (9) Evans and Adams [1979); (10) Clark et al. 
[1990); (11) Banin et al. [1985]; (12) This work . 
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Figure 5.1. View of north side of Puu Huluhulu quarry, looking east. The most thermally 
altered samples (PH-1) were obtained from the bright red zone immediately below the 
55° dipping blocky a'a lava slab that has flowed over the cinders. Other samples were 
obtained at 30 cm intervals along a line perpendicular to the lava-cinder contact. The 
person is 1.7 m tall for scale . 
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Figure 5.2. Sample data for particle size, total Fe, magnetics, and water. (a) Mean particle 
size vs. distance from the lava-cinder contact. Mean particle size determined using the 
method of Folk and Ward [1957]: Mz = ~ (<1>16 + <l>so + <j>g4), where <l> =the standard 
"phi size" from sedimentary petrology and the subscripts refer to cumulative percentage 
values. (b) Total iron content of bulk(< 1 mm size) samples expressed as wt.% Fe, 
determined by INAA. (c) Bulk saturation magnetization Js vs. distance from heat 
source, corrected for total water and iron content. Fe content from (b). (d) Weight 
percent bulk structural water content (H20+) vs. distance from heat source. (e) Weight 
percent bulk adsorbed water content (H20·) vs. distance from heat source . 
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Notice the strong decrease in total water content in the sample closest to the lava slab. 
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Figure 5.7. Reflectance of PH-3 series seive fractions. Samples obtained 60 cm from the 
lava slab-cinder contact. 

182 



• 

• 

• 

• 

• 

• 

• 

•, 

0.8 

0.7 
PH-1 Series, D = O cm (a) 

(a)< 20 microns 
(b) 20-45 
(c) 45-90 (b) 

0.6 (d) 90-150 
(e) 150-250 (c) 

(f) 250-500 

(!) 
0.5 (g) 500-1000 

C.) 

i:: (d) ro 
-+-> 0.4 C) 
(!) 

......... 
'+--1 
(!) 

p::: 
0.3 

(e) 

(~) 

0.2 

0.1 

0 .0'--~--''--~--"~~--'-~~-'-~~-'-~~-'-~~-'-~-----' 

0.3 0.4 0.5 0.6 0.7 0.8 0.9 1.0 1 .1 

Wavelength (µm) 

Figure 5.8. Reflectance of PH-1 series seive fractions. Samples obtained at the lava slab
cinder contact. 

183 



• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

FeMS Data (293K) for< 1 mm Size Fraction 

~l..__~~r--~~~l..__~~1~~~~1~~---.1...,I S2 
I I I I s1 

I 102 1103 

01: np-Ox, p-Fe(3+) 

02: Px, G 

03:01 
S1 : Hm 

S2: cd-Mt 

I 101 

-10 -8 -6 -4 -2 0 2 4 
Velocity (mm/sec) 

6 8 10 . 

PH-1 

PH-2 

PH-3 

PH-4 

PH-5 

PH-6 

Figure 5.9. Room temperature Mossbauer spectra of bulk(< 1 mm) PH series samples. 
Key to phases: np-Ox = nanophase iron oxide; p-Fe(3+) =paramagnetic Fe3+; Px = 
pyroxene; G =glass (Fe2+); 01 =olivine; Hm =hematite; cd-Mt =cation-deficient 
magnetite . 

184 



• 

• 

• 

• 

• 

• 

• 

• 

I 

• 

I 

100 

100 

100 

100 

c 100 
0 ·u; 
-~ 
E 
CJ) 100 c 
co 
\.... 

f-
~ 0 

100 

99 

98 

97 

96 

95 

-10 

01: Olivine 
02: np-Oxide, paramag-Fe(3+) 
03: Pyroxene, Glass 

-8 -6 -4 -2 

I I 03 
n 02 

0 2 

Velocity (mm/sec) 

01 

PH-6 Series 
(D = 150 cm) 

(a)< 20 microns 
(b) 20-45 
(c) 45-90 
(d) 90-150 
(e) 150-250 
(f) 250-500 
(g) 500-1000 

4 6 8 10 
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Figure 5.12. Room temperature Mossbauer spectra of PH-1 series seive fractions. Samples 
obtained at the lava slab-cinder contact. 
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CHAPTER 6. SUMMARY, CONCLUSIONS, AND IMPLICATIONS FOR THE 

FERRIC MINERALOGY OF MARS 

6.1. Introduction 

This chapter concludes this dissertation by synthesizing the results from the new 

telescopic data presented in Chapter 3, the analyses and interpretations of Chapter 4, and 

the new spectral analog data presented in Chapter 5, into an assessment of the current state 

of knowledge of Martian ferric mineralogy. The first section provides a summary of 

evidence presented here and elsewhere that supports the detection of crystalline hematite on 

the Martian surf ace. The apparent spatial distribution of crystalline hematite is discussed, as 

are various scenarios for the origin of this mineral on Mars. Constraints in the data on the 

occurrence of other ferric oxide/oxyhydroxide minerals or other Fe3+-bearing silicate 

minerals are presented in the next section. Following this is a discussion of the ferric 

mineralogy of the south polar region based on these new imaging spectroscopy results. The 

chapter concludes with an overall summary of the major results and conclusions of this 

dissertation and a brief discussion of the implications of this work on future groundbased 

and spacecraft remote sensing investigations of Mars . 

6.2. The Presence of Hematite on Mars 

6.2.1. Evidence from Spectral Features 

6.2.1.1. Absorption Band at 0.6-0.7 µm. The weak 0.6-0.7 µm absorption feature 

seen in the spectral data of Chapter 3 and analyzed in more detail in §4.2.5 is due to the 

6A1~4T2(4G) ligand field transition of Fe3+ [e.g., Sherman et al., 1982]. Figure 4.1 

shows that this band occurs in a number of well crystallized iron oxide minerals (hematite, 

goethite, maghemite), more poorly crystalline ferric oxide phases [akaganeite (~-FeOOH), 

ferrihydrite (:::: 5Fe203·9H20)], and several Fe3+-bearing clays and sulfates (nontronite, 

189 



• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

jarosite). The band has a different overall character among these minerals. For example, it 

exhibits a well-defined minimum centered near 0.65 µmin goethite and nontronite. It 

shows a flat "shelf' in the 0.60-0.65 µm region before rising sharply in the spectra of 

maghemite and akaganeite. Finally, in hematite, ferrihydrite, and jarosite it appears as a 

"cusp" carved out of the side of the much stronger near-UV Fe3+ absorption edge. Thus, 

the presence of the 0.6-0. 7 µm absorption feature in these telescopic spectra and the 1988 

CVF data of Bell et al. [1990a] does not uniquely indicate the presence of hematite . 

However, the cusp-like shape of the band in the telescopic data is more consistent with a 

smaller subset of crystalline ferric minerals, including hematite. 

6.2.1.2. Absorption Band at 0.8-0.9 µm. The telescopic data presented do not 

provide additional high-quality spectral information in the 0.8-0.9 µm region because of the 

debilitating effects of variable terrestrial atmospheric water absorptions in this wavelength 

region. However, it is instructive to review previous observations and mineralogic 

interpretations of data obtained at these wavelengths (see also Chapter 1). Singer et al. 

[1979] reviewed 0.7-2.5 µm spectral data that showed a weak feature in the 0.8-0.9 µm 

region. This band was interpreted as due to the 6A1~4T1 (4G) ligand field transition of 

Fe3+, but the specific mineralogy responsible for this band was not discussed in detail. 

Singer [1982] carried out laboratory mixing experiments between iron oxides and 

montmorillonite and concluded that only extremely minor amounts of crystalline hematite or 

goethite could be present on Mars, otherwise the 0.6-0.7 µm and 0.8-0.9 µm features 

would be much stronger in the telescopic data than observed. However, he admittedly did 

not consider the effects of grain size variations in his analysis. Morris et al. [1989] re

analyzed the averaged spectra presented by Singer et al. [1979] and found the band center 

of the 0.8-0.9 µm feature (:::::0.87 µm) was consistent with the presence of bulk hematite 

occurring in a matrix of much finer-grained materials, possible nanophase ( < 10 nm) 

hematite. Bell et al. [1990a] provided additional new data in the 0.8-0.9 µm region that, 
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when combined with the detection of the 0.6-0.7 µm band and compared to laboratory 

reflectance spectra, supported the interpretations of Morris et al. [1989]. Since the 0.8-0.9 

µm Fe3+ band varies more with mineralogy than the 0.6-0.7 µm Fe3+ band, it has 

provided the primary support for the presence of hematite in the martian spectral data (the 

band position is not consistent with that of most other minerals shown in Figure 4.1 ). It 

could still be argued, however, that neither the 0.67 µm nor 0.87 µm features provide 

completely unique evidence of hematite, since natural and "synthetic" minerals exist that 

have absorption features at very similar wavelengths (for example, ferrihydrite, jarosite, 

and the iron-substituted clay of Ben-Shlomo and Banin [1990] in Figure 4.1 ). 

6.2.1.3. Spectral Slope Variations. The spectral slope changes seen in the spectra 

of Figures 4.2-4.4 and in the images of Figure 4.5 can also be used to infer surface 

mineralogic changes. Several of these relative reflectance ratio spectra (spot/spot) are 

analyzed in more detail in Figure 6.1. In the top row of this Figure, a linear continuum has 

been fit to the data in the 0.45-0.52 µm region to remove the overall slope (color) 

differences between the regions compared. The resulting ratio/continuum spectra are shown 

in the bottom row and are compared to scaled reflectance data of pure hematite and goethite 

powders [Morris et al., 1985]. These continuum-removed ratio spectra have several 

features in common with pure hematite, the most obvious of which is the position of the 

slope change at 0.55 µm that almost exactly matches the hematite Fe3+ absorption edge 

position. Other features include weak absorption bands in the 0.6-0.7 µm region and a 

downturn in slope longward of 0.72 µm. While the 0.6-0.7 µm band and the near-IR slope 

decrease in the ratio/continuum spectra could also be caused by features in other ferric 

oxide minerals like goethite (as discussed above), the position of the 0.55 µm absorption 

edge is matched only by the minerals hematite and feroxyhyte (o-FeOOH) in Figure 4.1. 

Thus, the evidence presented by these ratio spectra is that the brighter regions contain a 

greater abundance of one of these two minerals. Feroxyhyte is unlikely to occur on Mars 
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based on paragenetic arguments [see §6.3.7. l], and thus Figure 6.1 is interpreted as 

indicating unique evidence for hematite. Determination of absolute abundance differences is 

not possible via this technique, since matrix effects, impurities, cation substitutions, and 

grain size variations severely effect the spectral behavior of ferric oxide minerals [Morris et 

al., 1989; Bums, 1989; Morris and Lauer, 1990]. 

Additional support for the presence of crystalline hematite comes from laboratory 

mixing studies of pure hematite powders and the palagonitized tephra studied in Chapter 5 . 

Figure 6.2 presents reflectance spectra from both intimate and simple linear 

("checkerboard") mixtures of hematite powder HMS3 [Morris et al., 1985] and the poorly 

crystalline palagonitized tephra PH-3. For the intimate mixtures, HMS3 and PH-3 were 

mixed in freon and then placed in an ultrasonic mixer for 5 minutes. The top graphs of 

Figures 6.2a and b show the resulting reflectance spectra for intimate mixtures with up to 

8.0 wt.% HMS3 and linear mixtures with up to 80% HMS3. In the bottom graphs the ratio 

spectra of (PH-3 + HMS3) I PH-3 are shown. Most obvious from these experiments is that 

the ratio spectra reproduce the strong "absorption edge" at 0.55 µm seen in the telescopic 

ratio spectra of Figures 4.3, 4.4, and 6.1. Secondly, it is obvious that only a small amount 

of HMS3 powder intimately mixed with PH-3 has a very strong spectral effect at 

wavelengths shortward of 0.55 µm. For example, with only 4.0 wt.% intimately mixed 

HMS3, the PH-3 + HMS3 spectrum exhibits a 25% relative reflectance drop between 0.60 

µm and 0.55 µm. Conversely, it requires over 50% areal coverage ofHMS3 to produce the 

same reflectance drop in the simple linear mixing case. Such strong pigmenting powers of 

dispersed fine-grained ferric oxide powders has long been known [e.g. Morris et al., 1985, 

1989] and has important implications for the interpretation of Mars surface spectra . 

Figure 6.2 also indicates that the 0.6-0.7 µm and 0.8-0.9 µm Fe3+ absorption 

features are not evident in intimate mixture spectra below 8.0 wt.% HMS3. Only above 

approximately 20 wt.% HMS3 do these features begin to appear in intimately mixed 
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spectra. However, at this mixture level, the near-UV absorption edge is very intense and 

the PH-3 + HMS3 spectra in the 0.40-0.55 µm region bear little resemblance to Mars 

telescopic spectra. In the linearly mixed spectra, however, evidence for the two crystalline 

Fe3+ absorption features first appears between 10-20% HMS3, and the near-UV 

reflectance drop-off at this mixture level is still quite small. In Singer's [ 1982] intimate 

mixture analysis, the hematite Fe3+ features were seen at even 1.0 wt.% hematite, leading 

him to conclude that "none of the mixture spectra are Mars-like in detail" [op. cit., p . 

10161]. This was certainly the case in his study, but it probably had less to do with the 

absence of crystalline hematite on Mars than the fact that pure montmorillonite clay is not an 

optimum matrix material for such mixing studies. Using a more poorly-crystalline, ferric

bearing palagonitic material such as PH-3 is probably more appropriate, given our limited 

knowledge of martian surface composition and numerous remote sensing studies that 

indicate that such materials dominate the spectral behavior of the surface in the visible . 

Thus, the answer to the question posed by Singer [1982]: "is it possible by dilution of a 

crystalline ferric oxide to maintain a very strong charge transfer [sic] absorption while 

eliminating or greatly reducing the distinctive crystal field absorptions?" [op. cit., p. 

10160] appears to be "yes," given that the crystalline ferric oxide components are contained 

in the appropriate matrix material. 

6.2.2. Spatial Distribution and Dissemination 

The mixing experiments of Figure 6.2 can also be used to assess the way that 

hematite is disseminated among and within Martian surface materials. For example, the fact 

that the 0.6-0.7 µm and 0.8-0.9 µm crystalline Fe3+ bands are observed in the telescopic 

spectral data but the near-UV absorption edge is not as strong as that observed in pure 

hematite powders argues that at least some fraction of the hematite must exist as discrete 

"outcrops" that mix linearly with other units on pixel scales smaller than 100 km (Figure 
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4.21b). Intimately-mixed, pigmentary hematite cannot be excluded; however, it cannot 

account for all of the hematite present and still be consistent with the results from laboratory 

mixing experiments. 

Is it reasonable to have both areal and intimate mixtures of crystalline hematite 

present on Mars? The spectral analog study of Chapter 4 would seem to indicate so. In that 

study, "outcrops" (on a minute scale) of hematite are caused by relatively coarse-grained 

hematite particles produced by high-temperature thermal alteration of basaltic tephra . 

Intimately mixed, extremely fine-grained hematite particles occur on and within weathering 

palagonitization rinds. Thus, primary hematite particles resulting from volcanically-induced 

thermal alteration, impact, etc. may be the cause of the distinct 0.6-0.7 µm and 0.8-0.9 µm 

absorption features seen in the martian spectra. Secondary weathering-product hematite 

particles, which may be expected to be most optically important in the very oxidized, fine

grained global dust, may contribute to the increased 0.40-0.55 µm absorption edge band 

strength of the bright regions. These interpretations are consistent with the data but are not 

necessarily unique. For example, as discussed above, different matrix materials result in 

different mixture behavior among iron oxides [Morris and Lauer, 1990]. Also, the spectral 

behavior of extremely fine-grained (nanocrystalline or nanophase) iron oxides other than 

hematite is poorly understood at present, and so other phases may also produce spectral 

features similar to those observed in the data (see §6.3). 

The global spatial distribution of hematite on Mars is positively-correlated with 

albedo based on the analyses of Chapter 4. Nearly all bright regions studied have deeper 

0.6-0.7 µm band depth and a steeper 0.40-0.55 µm slope dropoff than dark regions. 

Presumably, the high albedo-hematite correlation results from the spectral influence of 

ubiquitous and homogeneous aeolian dust. There are anomalous intermediate and low 

albedo regions, however, that appear to have higher Fe3+ mineral content than other 

"classical" dark areas. The spectral variations of these anomalous regions are mostly 
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confined to band depth rather than spectral slope changes, and so the mineralogic origin of 

these spectral variations may be related to changes in areal abundance of bulk, coarse

grained primary hematite rather than to variations in global dust cover . 

6.2.3. The Origin of Martian Hematite 

On Earth, hematite is a thermodynamically stable end product in many different 

low-temperature weathering and higher-temperature thermal alteration environments [see, 

for example, Gooding, 1978; Schwertmann and Taylor, 1989]. The major formation 

pathways for common ferric oxides in terrestrial soils are summarized schematically in 

Figure 6.3 [Schwertmann and Taylor, 1989]. Ignoring Fe3+ organic complexes, the 

primary sources of Fe ions in soils are Fe2+ and Fe3+ cations in silicates, carbonates, or 

other iron oxides. The hydrolysis of Fe3+ cations results in the creation of Fe(OH)!-x 

monomers and the eventual formation of hexagonal-close-packed ex-phase oxides (Figure 

6.3, top scheme). It is interesting to note the precipitation-dissolution relation between 

ferrihydrite and Fe(OH);-x which is controlled by factors such as pH and soil temperature. 

Alternately, reduction of Fe3+ cations and hydrolysis/oxidation of Fe2+ cations leads to the 

eventual formation of cubic-close-packed y-phase oxides (Figure 6.3, bottom scheme) . 

The terrestrial hematite to goethite ratio is strongly influenced by climate, and there 

is little reason to suspect otherwise for Mars. Schwertmann and Taylor [1989] conclude 

that hematite and goethite form via two mutually competitive processes, and they identify 

the factors that control these processes, including the rate of Fe cation release from various 

sources, the presence or absence of organic matter, soil pH and Eh, soil temperature, and 

soil water content. These factors and their influences are shown schematically in Figure 6.4 

[Schwertmann and Taylor, 1989]. Hematite formation is favored under conditions of 

higher temperatures, lower water content, and lower organic matter content. As seen in 

Figure 6.4, the poorly-ordered Fe3+ oxide ferrihydrite is important in the hematite-goethite 
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formation scheme. Ferrihydrite has several postulated structural formulas, including 

5Fe203°9H20, Fe5(04H3)3, and Fe203°2FeOOH0 2.6H20, among others. It occurs in 

nature as small spherical aggregates (3-7 nm in size) and is basically a structural isomorph 

of hematite, except for minor c-axis variations, some substitution of 0 and OH by H10, 

and some vacant Fe positions [Towe and Bradley, 1967; Schwertmann and Taylor, 1989]. 

Aggregation, dehydration, and structural rearrangement of ferrihydrite particles forms 

hematite (Figure 6.4), and thus ferrihydrite is considered a necessary precursor of hematite . 

The model of Figures 6.3 and 6.4 for hematite (and other ferric oxide) formation is 

consistent with most terrestrial field measurements, although there are additional pathways 

by which ferrihydrite may slowly convert to goethite instead of hematite [see detailed 

review on pp. 400-403 of Schwertmann and Taylor, 1989]. 

In the current Martian environment of low temperature, low water content, high 

C02 partial pressure, and low 02 partial pressure, hematite and maghemite are the 

thermodynamically stable Fe3+-bearing gas-solid surface weathering products rather than 

goethite, lepidocrocite, or ferric-rich clays [O'Connor, 1968; Gooding, 1978]. However, 

the latter hydroxide or clay phases may be thermodynamically stable in the Martian 

subsurface [Pollack et al., 1970]. If past climatic conditions on Mars included a warmer, 

wetter epoch, then ferric oxyhydroxides like goethite and lepidocrocite may have formed 

and been thermodynamically stable [e.g., Posey-Dowty et al., 1986]. However, such 

minerals and any ferric-bearing clays would still be metastable under current Martian 

climatic conditions [Gooding, 1978], and should decompose/dehydrate to hematite or 

maghemite where exposed at the surface. 

Thus, the water vapor partial pressure and/or the liquid water abundance control the 

hematite to goethite ratio on Mars. Detection and mapping of the spatial distribution of 

Martian ferric oxides, especially goethite, is therefore an important way to assess whether 

Martian surface weathering products have reached thermodynamic equilibrium or possibly 
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whether such a past warm, wet epoch must have existed. In this respect, the lack of 

evidence for goethite and the positive identification of hematite in the new telescopic data 

presented here argue that the surface ferric minerals are in thermodynamic equilibrium with 

the current Martian atmosphere, and a past warmer, wetter period is not required. This 

would follow regardless of whether gas-solid weathering, thermal alteration, or primary 

mineralization is the dominant process that creates the ferric minerals. However, there are 

several caveats to this conclusion . 

First, as discussed by Pollack et al. [1970], oxyhydroxides may be stable in the 

wetter Martian subsurface (~ lm) but these minerals may not be evident in remote sensing 

data because of either a very slow surface-subsurface mixing timescale, or very fast 

goethite dehydration as it approaches the surface. Second, goethite or other oxyhydroxides 

or ferric-rich clays may never have formed on Mars. If low temperature, slightly acidic pH, 

and low water content have always existed on Mars then hematite may always have been 

the favored ferric weathering product [Figures 6.3 and 6.4; Gooding, 1978; Schwertmann 

and Taylor, 1989]. And as pointed out by O'Connor [1968, p.5310], "once formed, 

hematite is an exceedingly difficult mineral to be rid of." Third, goethite or other 

oxyhydroxides or ferric-rich clays may have formed in wetter climatic conditions, but the 

change to the currently drier climate and the passage of possibly several billion years since 

the previous climatic epoch has allowed ample time for these now-metastable minerals to 

equilibrate to anhydrous phases. Finally, ferric-rich clay minerals or other ferric oxides 

besides hematite may currently exist metastably on Mars because of extremely slow 

temperature-dependent reaction rates (yielding weathering timescales longer than the age of 

the planet) [Burns, 1991]. These Fe3+-bearing minerals may not be detectable using 

groundbased telescopic instrumentation either because of their small spatial extent or 

because of spectral masking by stronger hematite absorption features . 
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In summary, there is currently no unequivocal spectral evidence for the existence of 

goethite or other oxyhydroxides on Mars (see §6.3), and the spectral evidence for the 

existence of clay minerals on Mars is negative, though somewhat inconclusive [see §6.3.4 

and review in Bell, 1991]. The identification of hematite, therefore, indicates that either 

none of the other ferric oxyhydroxides or clays ever formed, or they formed on ancient 

Mars and have equilibrated with the current climate as anhydrous phases, or they currently 

exist stably in the subsurface or metastably on the surface but have not been detected either 

because of burial or spectral masking by hematite. Obviously, the presence of hematite 

alone on Mars does not define a unique past weathering/alteration scenario . 

6.3. Occurrence of Other Ferric Minerals or Other Iron Oxides/Oxyhydroxides 

This section examines the possibility of the occurrence of other Fe3+ -bearing 

minerals on the Martian surface besides hematite. Specifically, I seek to re-assess whether a 

number of different materials that have in the past been considered to occur on Mars or to 

be potential Mars surface analogs have spectral, genetic, and/or physical properties that are 

consistent with of previous spectral and magnetic measurements and the new telescopic 

data presented here . 

6.3.1. "Limonite" and Goethite. 

Limonite is a field term for yellow-brown ferric oxide deposits that generally 

consist of fine-grained goethite [Schwertmann and Taylor, 1989]. Dollfus [1955] and 

Sharanov [1961] first suggested the existence of goethite (limonite) on Mars based on 

reflectance and polarization measurements [see §1.3]. Sagan et al. [1965] and Pollack and 

Sagan [1969] advocated "water-rich limonite" as a good spectral analog based on the best 

available spectra at that time. Newer reflectance data at higher spectral resolution, presented 

here and elsewhere [§ 1.4, § 1.6] do not reveal unique spectral evidence for goethite. 

Absorption bands at 0.6-0.7 µm and 0.8-0.9 µm have been interpreted as being due to 
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crystalline ferric oxides, most likely hematite [§1.6, §6.2.1, and Chapter 4], although the 

presence of goethite or other oxyhydroxides cannot be entirely ruled out based on the 

observed band strengths and positions [see also §6.4]. The position of the near-UV 

absorption edge seen in the relative reflectance spectra of Figures 5.2-5.4 and Figure 6.1 is 

definitely more consistent with variations in hematite than goethite, however. As discussed 

in §6.2.3, the lack of direct spectral evidence for goethite does not necessarily preclude its 

existence because it could either be spectrally masked by hematite or buried in the wetter 

Martian subsurface [Pollack et al., 1970]. 

6.3.2. Palagonite and Nanophase Hematite. 

The relatively smooth, red slope observed in lower resolution 0.4-0.8 µm Martian 

spectral data has led many researchers to conclude that poorly crystalline or amorphous 

ferric-bearing phases similar to certain terrestrial palagonites are important surface 

constituents [e.g., Toulmin et al., 1977; Evans and Adams, 1979; Singer, 1982; see 

§5.1]. Palagonite is a field name for a poorly crystalline mineraloid assemblage that forms 

from the weathering of basaltic glass rather than from weathering of crystalline basalts 

[e.g., Gooding and Keil, 1978]. In higher resolution telescopic spectra, evidence is seen 

for distinct crystalline absorption bands, but these bands are subtle and the overall character 

of the 0.4-0.8 µm Martian spectra is still consistent with the existence of a poorly 

crystalline or amorphous phase dominating the visible to near-IR spectral behavior. But 

must this phase be palagonite? Recent studies of other poorly crystalline ferric oxide phases 

have been carried out that indicate that extremely fine grained, superparamagnetic or 

nanophase hematite (particles< 10 nm in size) has spectral characteristics similar to those 

observed for Mars [Morris et al., 1989; Morris and Lauer, 1990]. Specifically, Morris et 

al. [1989] were able to produce a good match to the then-available Martian spectra using a 

mixture that included both nanophase hematite and a small amount of bulk, well crystallized 

hematite powder [Op. Cit., Figure 14]. The implication, that hematite spanning a wide 
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range of particle sizes (from bulk crystalline to nanophase) could alone account for nearly 

all of the observed spectral behavior of the Martian surface in the 0.4-0.9 µm region, was 

supported by the newer data of Bell et al. [1990a] and is also consistent with the data 

presented here. However, the question of whether the poorly crystalline phase on the 

Martian surface is palagonite or nanophase hematite may be entirely one of semantics, as 

recent detailed mineralogic studies of terrestrial palagonites have shown that nanophase 

ferric oxides may in fact be an important component of certain palagonites [e.g., Morris et 

al., 1990a; Golden et al., 1991a; Roush and Blake, 1991; Chapter 5]. Clearly, further 

detailed laboratory characterization of palagonites and other nanophase ferric oxides besides 

hematite is required to more clearly understand the nature of the poorly crystalline phases 

that are certainly an important constituent of the Martian surface . 

6.3.3. Maghemite and Magnetite. 

Magnetic measurements performed on the Martian surface by the Viking Landers 

led Hargraves et al. [1977, 1979] to conclude that the surface contained from 1-7% of a 

highly magnetic mineral. Their favored interpretation was that this mineral is fine-grained 

possibly slightly ferroan maghemite (y-Fe203) dispersed as a pigment throughout all 

surface particles. In a contemporaneous study using Viking Lander aerosol imaging data, 

Pollack et al. [1977] found that fine-grained magnetite (Fe304 as Fe2+pe~+Q4) best match 

their derived imaginary index of refraction values. These authors also claimed that 

magnetite could explain the surface magnetic data of Hargraves et al. [1977]. The newer 

reflectivity data presented here cannot provide additional information on magnetite because 

it is so opaque (absolute reflectivity"" 0.03-0.04; Morris et al., 1985]. Pollack et al. [1977] 

pointed out that this high opacity does not preclude the presence of suspended magnetite 

because fine-grained airborne particles are semi-transparent, nor does it preclude the 

detection of other surface ferric oxide phases because it is nearly totally absorbing in the 

visible to near-IR and thus does not influence the surface color. Maghemite has distinct 
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crystalline absorption features (Figure 4.1) that are similar in position but not in form to 

those seen in the high resolution Mars spectra. In addition, the position and character of the 

near-UV absorption edge seen in mixtures of palagonitic tephra and maghemite powders is 

more like that seen in the ratio spectra of Figure 6.1 than the tephra-goethite mixtures, but 

still not as good a match as the tephra-hematite mixtures of Figure 6.2 [Bell and Morris, 

1992]. Thus, there are no unique reflectance data indicating the presence of maghemite in 

the Martian surface or airborne dust materials [however, see §6.4], and the evidence for 

magnetite is based entirely on the Viking Lander measurements and interpretations 

discussed in detail by Pollack et al. [1977]. 

6.3 .4. Nontronite and Fe3+-substituted Montmorillonite Clays . 

Clays were first suggested to occur on the Martian surface after the discovery of 

subtle absorption features in the Mars reflectance spectrum in the 2.3 µm region by 

McCord et al. [1978, 1982a] (actually, these features were first discovered in very high 

resolution groundbased spectra of Martian CO in the late 1960s; see Bell [1991] and Bell 

and Crisp [1992] for details). Viking Lander XRF measurements were interpreted by 

Toulmin et al. [1977] as being consistent with the presence of iron-rich smectite minerals 

(nontronite ). Singer [1982] used laboratory mixing studies to conclude that the martian 

spectral data available at that time were more consistent with the presence of poorly 

crystalline palagonites than with iron-rich smectite clays (however, see the discussion in 

§6.2.1). In extensive simulations of the Viking Lander wet chemistry experiments 

performed on the Martian surface, Banin and Rishpon [ 1979] and Banin and Margulies 

[1983] concluded that smectite clay minerals and not palagonites could reproduce the 

Lander data. Banin et al. [1985] also showed that iron-rich montmorillonite is a good 

visible to near-IR spectral analog to Mars. The new telescopic data discussed here can only 

really address this latter point. The Fe-Montmorillonite spectra of Banin et al. [1985] are 

qualitatively similar to high resolution Mars spectra, although the ferric mineral absorption 
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band strength in the Mars data is weaker. The interlayer ferric iron in these synthetic clays 

is the cause of the enhanced ferric absorption features as well as the near-UV ferric 

absorption edge. Thus, the question must be asked whether the interlayer ferric materials 

are not simply the same (or similar) poorly crystalline or amorphous materials discussed in 

§6.3.2. More detailed analyses of the mineralogy of these iron-substituted clays are 

required to answer this question [e.g., Banin et al., 1991; Bishop et al., 1991; §6.3.7]. 

Unfortunately, the 0.4-0.95 µm telescopic data presented here to do not provide a 

unique solution to the "clay on Mars" issue. Data farther into the near- and mid-IR (2.2-6.0 

µm) are perhaps better suited for the study of Martian clay mineralogy, since these minerals 

have rather sharp, cation-dependent absorption features at these wavelengths. Several new 

telescopic studies in the near-IR have revealed controversial and possibly conflicting results 

that are beyond the scope of this present work and are reported elsewhere [Clark et al. 

1990b; Bell and Crisp, 1992]. 

6.3.5. Ferric Sulfates . 

Considerable study of the mineralogy and weathering of iron-sulfur minerals on 

Mars has been conducted by Burns [1987] and Burns and Fisher [1990]. These authors 

show that the weathering of gossaniferous materials in a hypothesized acidic groundwater 

system could yield jarosite-like minerals [KFe3(S04)2(0H)6] along with poorly crystalline 

phyllosilicates and/or ferric oxides. Reflectance spectra of certain jarosites [Burns, 1987; 

Clark et al., 1990a; Figure 4.1] show them to be good visible to near-IR spectral analogs 

when compared to new high resolution Mars spectra. In terms of crystalline absorption 

band shape and position, it is not possible to rule out the occurrence of jarosite on Mars in 

the new data. The near-UV absorption band edge position (Figure 6.1) is not consistent 

with the spectrum of the jarosite sample shown in Figure 4.1; however, if jarosite does 

occur on Mars it may be undetectable due to the same burial or spectral masking effects that 

could hide goethite (§6.3.1). Clearly, additional laboratory spectra and mineralogic 
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characterization of different jarosite-alunite type minerals and other ferric sulfates [Table 1 

in Burns, 1987] are required to better assess the role of ferric sulfate minerals on Mars. 

6.3 .6. Ferrihydrite. 

Ferrihydrite (:::::: 5Fe203·9H20) is commonly believed to be a precursor of hematite 

in many terrestrial biotic and abiotic weathering schemes [e.g. , Schwertmann and Taylor, 

1979; §6.2.3]. Since hematite has been identified on Mars, it is worth examining whether 

any precursor (or primary) ferrihydrite remains and can be detected in the observational 

data. Reflectance spectra of synthetic ferrihydrite samples were presented by Sherman et al. 

[1982] (Figure 4.1). These authors suggested that the poorly crystalline or amorphous 

phase that dominates the martian Fe3+ mineralogy could be (among other things) 

ferrihydrite formed by rapid inorganic hydrolysis of Fe3+ cations. Absorption band 

strengths and positions from high resolution telescopic spectra reveal that certain synthetic 

ferrihydrites are good Mars spectral analogs, but there is no unique identification of 

ferrihydrite in the data. Again, like goethite and jarosite, there may be masking effects 

involving the presence of hematite that do not allow for unique discrimination of 

ferrihydrite at telescopic spatial resolution. Certainly, the similarity between the Fe3+ 

crystal field bands seen in ferrihydrite and those seen in the Mars telescopic data argues that 

(like jarosite) the presence of ferrihydrite is more probable than the presence of many other 

ferric oxides/oxyhydroxides. Additional laboratory analog studies of naturally-occurring 

ferrihydrites would provide useful additional information . 

6.3.7. Other Less Common Ferric Minerals and Iron Oxides/Oxyhydroxides. 

Several less common minerals have been considered as potential Mars analogs 

based on their spectral properties or potential modes of formation. These minerals include 

feroxyhyte, lepidocrocite, akaganeite, and several Fe3+-bearing silicates. 

6.3.7 .1. Feroxyhyte. Naturally-occurring feroxyhyte (o'-FeOOH) is a poorly 

magnetic ferric oxide that most frequently occurs in gley soils (excessively moist submarine 
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environments). Its synthetic form (o-FeOOH) is ferromagnetic and has not been found to 

occur in nature. Both of these substances have been considered as potential Mars surface 

materials by Burns [1980] and Sherman et al. [1982]. Sherman et al. [1982] consider 

feroxyhyte, like ferrihydrite, to potentially be the dominant poorly crystalline Fe3+ phase 

on Mars. Burns [1980] also argues that feroxyhyte could satisfy the magnetic requirements 

of the soil deduced by the Viking Lander measurements [Hargraves et al., 1977]. 

Examination of the spectra of synthetic feroxyhyte (Figure 4.1 and Sherman et al., 1982) 

and comparison to telescopic spectra shows it to have similar absorption band strengths and 

positions as the Mars data. The position of the near-UV absorption edge is consistent as 

well with the position seen in the ratio spectra of Figure 6.1. Thus, based on the available 

data, there is just as much evidence for the existence of feroxyhyte on Mars as there is for 

hematite. Distinguishing between these minerals in the Martian spectra is difficult and 

currently relies on paragenetic arguments: feroxyhyte is a rare mineral that forms only 

under specific and often violent alkaline oxidizing conditions [Schwertmann and Taylor, 

1979; Sherman et al., 1982] while hematite is a common and thermodynamically stable end 

product of many different weathering and alteration schemes (§6.2.3). In addition, 

synthetic o-FeOOH, which is the spectral analog shown in Figure 4.1, has never been 

found to occur in nature. Additional laboratory spectral and chemical analyses of naturally

occuring feroxyhytes are warranted in light of their close match to these new Martian 

telescopic data. If feroxyhyte does occur on Mars, then the importance of marine 

weathering or other chloride-sulfate weathering schemes on that planet [Burns, 1980] may 

have to be re-assessed. 

6.3.7 .2. Lepidocrocite. The potential occurrence of lepidocrocite (y-FeOOH) on 

Mars has recently received more attention following the initial suggestion by Fuller and 

Hargraves [1978] that it could be an important weathering product of Martian ferrous 

silicates. Posey-Dowty et al. [1986] find that lepidocrocite may have precipitated from 
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aqueous ferrous salt solutions in equal or greater amounts than goethite in a postulated past 

wetter Martian environment. Banin et al. [1991] have recently identified nanophase 

lepidocrocite in Mars analog Fe3+-substituted montmorillonite clays (§6.3.4). The spectra 

of pure lepidocrocite powders (Figure 4.1) are less consistent with the high resolution Mars 

telescopic data than goethite, and thus there is no unique evidence for the occurrence of this 

mineral on Mars within currently available data. However, as pointed out by Banin et al. 

[1991], it may not be possible to discriminate between nanophase oxides of hematite or 

lepidocrocite using reflectance measurements. If this is the case, then the poorly crystalline 

ferric-bearing phase on Mars may indeed be nanophase lepidocrocite (or some other 

nanophase ferric oxide). Additional laboratory studies of different ferric oxides in the 

superparamagnetic size regime are needed to potentially resolve this ambiguity . 

Nonetheless, it seems clear that there is little evidence in the data to uniquely support the 

existence of well crystallized lepidocrocite on Mars. 

6.3.7.3. Akaganeite. Akaganeite (p-FeOOH) is a structural isomer of goethite and 

lepidocrocite that has been found in mineral deposits but not in soils [Schwertmann and 

Taylor, 1989]. This mineral is formed from hydrolysis of Fe3+ in the presence of Cr and 

F. Sherman et al. [1982] note the potential for the occurrence of this mineral on Mars due 

to the presence of these ions in the Martian soil [Toulmin et al., 1977]. However, the 

spectrum of akaganeite shown in Figure 4.1 is substantially different from the telescopic 

data. The major difference is the higher band depth and longer wavelength position of the 

0.9 µm Fe3+ absorption. Although there is no evidence for the occurrence of this mineral in 

currently available data, akaganeite serves as an interesting reminder of the potential effects 

of ferric (as opposed to ferrous) minerals on Martian 0.9-1.1 µm spectra . 

6.3.7.4. Ferric-Bearing Silicates. Other minerals shown in Figure 4.1 display Fe3+ 

absorption features, including the amphibole actinolite, the serpentine antigorite, and the 

metamorphic mineral epidote [Clark et al., 1990a]. The Fe3+ features result from electronic 
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transitions (§3.3.1) arising from Fe3+ cations or impurities in the mineral structure. In most 

cases, these visible to near-IR absorption features are subtle and overlap substantially with 

the iron oxide bands. Thus, no unique identification of these minerals can be made using 

currently available telescopic data in the 0.4-1.0 µm region. Higher spatial resolution and 

more expanded wavelength coverage (through the mid-IR and thermal-IR) would be 

required to uniquely identify such minerals on Mars . 

6.4. Spectral Behavior of the South Polar Cap. Limb Clouds. and North Polar Hood 

The imaging spectroscopic data presented here are useful for discriminating 

regional-scale spectral variability on Mars. The polar caps are some of the most intensely 

studied regions on Mars for a number of chemical, mineralogic, and climatic reasons. Most 

of the analysis of previously-collected telescopic reflectance spectra of the martian polar 

caps has concentrated on determining volatile (ice) composition [e.g., Kieffer, 1970; 

McCord et al., 1978]. Recent studies of the martian south polar cap (SPC) and south polar 

layered terrains using Viking Orbiter and Mariner 9 color imaging data [Herkenhoff and 

Murray, 1990a,b] have revealed a number of distinct surface color units besides C02 frost. 

Of particular relevance to this work is the interpretation by Herkenhoff and Murray [ 1990a] 

(based somewhat on the Viking results of Hargraves et al., 1977 and Pollack et al., 1977) 

that the dark polar layered deposits are composed at least partially of magnetite (Fe304) or 

maghemite (y-Fe203) dust. The spectral data presented here cover the wavelength region 

most diagnostic of ferric and ferrous iron-bearing minerals, which are known to be an 

important constituent of the optical surf ace of Mars at non-polar latitudes. Even though the 

spatial resolution of these telescopic data is up to 3 orders of magnitude worse than that of 

the Viking imaging, I seek to determine whether spectral features diagnostic of particular 

ferric-bearing minerals can be detected in high resolution groundbased SPC spectra . 
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Similarly, an analysis is presented of spectra of clouds and hazes obtained along the 

western and northern limbs. Recent telescopic observations of these condensates farther 

into the near-IR and previous Mariner 9 and Viking observations point to their composition 

being primarily H20 ice [Hanel et al., 1972; see Bell and Crisp, 1992], although other 

theoretical general circulation studies predict that at least the north polar hood should 

contain substantial amounts of C02 ice [e.g. , Pollack et al., 1990]. 

Figures 3.3i and 3.6f show a subsample of integrated SPC spectra extracted from 

the 1988 image cubes. As discussed in §3.4, most of the high-frequency "jitter" in these 

spectra is not error but is due to telluric atmospheric absorptions and differences between 

the spectra of T\ Psc and the Sun. While the polar cap appears white in most color images, 

these and all previous groundbased spectra show that it is quite red (Ro.60Q/Ro.450 = 1.45-

1.66) [see also McCord et al. , 1978; Bell et al. , 1990a], although certainly not as red as the 

bright regions (Ro.6()()/Ro.450 = 1.75-2.18). The spectra exhibit an absorption "cusp" from 

0.6-0.7 µm that is similar to the one noted in many of the other spectra of Figures 3.3 and 

3.6. The SPC has a quite different character in spectra 3 and 5 of Figure 3.6f than in the 

other spectra. In the latter, the band forms a gentle shoulder; in the former there is a discrete 

band minimum near 0.67 µm. As discussed in §3.4, some of this band is related to telluric 

atmospheric contamination. If there is an additional mineralogic component to this feature, 

then the discrete minimum of this band is more consistent with the presence of goethite (cx

FeOOH) or maghemite than hematite, although the band position does not precisely match 

any pure ferric oxide powder [Morris et al., 1985]. In the spectra where the 0.67 µm band 

is strongest there is also evidence for a possible absorption feature in the 0.85-0.90 µm 

region, although band depth maps in this region do not provide additional support for this . 

Ratio images and spectra between the SPC and other surface regions and 0.6-0.7 µm band 

depth maps show little evidence of any increase in Fe3+ band strength in the SPC 

spectrum . 
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The 0.4-1.0 µm spectra of pure C02 and H20 frosts are white to slightly blue 

[Warren et al., 1990]. The redness of the SPC is thus either due to intimate and/or areal 

mixing of white frost with a red ferric-bearing component, or to scattering in the dusty 

Mars atmosphere. Herkenhoff and Murray [1990a] have considered (and removed the 

effect of) scattering for their spatially resolved images. This analysis/correction has not yet 

been attempted for the spectra presented here, although multiple emission-angle 

observations of many polar and equatorial regions may allow derivation of an independent 

measure of the synoptic-scale dust opacity during the times these data were obtained. 

Relying on visual observations at the telescope, the simplifying though quantitatively 

unproven assumption has been made that the martian atmosphere was relatively dust-free at 

this time. 

Relative reflectance spectra between bright and dark surface regions and the 

integrated SPC show that bright regions are substantially redder than the SPC, while dark 

regions are less red or nearly equal in color. Assuming that the polar cap reddening is due 

to areal mixing of white frost and red dust/sand (discussed above in §4.2.6), it would then 

appear that the ferric mineralogy of the non-volatile component of the polar cap is more like 

that of the dark regions than the bright regions. The assumption of low atmospheric dust 

content may thus be somewhat validated, since airborne dust would tend to make the SPC 

spectra look as red as spectra of the classical bright regions [Singer, 1982; Bell et al., 

1990a]. As noted above, there is only minor evidence in the ratio spectra and band depth 

images of variations in crystalline Fe3+ absorption bands, suggesting that the 0.4-1.0 µm 

spectral behavior of the south polar region is dominated by the same poorly crystalline or 

amorphous phase(s) that exist elsewhere on the planet. 

Figure 3.3j shows spectra extracted from the 0.4-0.8 µm data set of western limb 

regions and limb clouds (spectra 7-13) and the north polar hood (spectra 1-6). Since no 

phase function corrections have been applied to these data, there is a substantial amount of 

208 



• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

limb darkening at red wavelengths, and thus the relative reflectance values for all these 

regions are lower in the red than areas at lower incidence and emission angles. In the blue, 

the condensate regions are brighter than other surface regions (except the SPC). The limb 

spectra exhibit the near-UV absorption edge but show little evidence, to the limit of the 

noise, of the 0.6-0.7 µm crystalline ferric oxide band. Spectra of the north polar hood 

show a very weak near-UV absorption edge and reveal the color of the hood to be white to 

slightly blue . 

These limb data reveal several important things. First, the lack of an observable 

0.6-0.7 µm crystalline ferric oxide band may reveal a difference in the mineralogy of 

surface regions and airborne dust, since the limb spectra were obtained through high 

martian atmospheric airmasses. Specifically, the airborne dust may be composed entirely of 

poorly-crystalline palagonite-like materials, while surface materials have a mix of poorly

and well crystallized phases. This is consistent with terrestrial analog studies that have 

shown that a byproduct of both low- and high-temperature palagonitic alteration is the 

creation of highly oxidized rinds that easily flake off of parent basaltic particles [e.g., Allen 

et al., 1981; Golden et al. , 1991a,b; see Chapter 4]. Such highly oxidized but poorly

crystalline and very fine-grained particles are more likely to be carried aloft by the martian 

winds than coarser-grained or higher density particles. Alternately, the lack of a 0.6-0.7 

µm band in these data may be due to lack of spectral contrast because these regions have 

low relative reflectance values. Evidence for the existence of this band in similarly low 

reflectance dark regions away from the limb, however, argues against this (Figure 3.3a-e). 

Second, the strength of the near-UV absorption edge in the polar hood and limb cloud 

spectra may provide a way to estimate the relative opacity of these features. For example, 

the north polar hood spectra obtained in August 1988 (spectra 3-6 in Figure 3.3j) do not 

have as strong an upturn at the shortest wavelengths as those obtained in September 1988 

(spectra 1 and 2). This argues that the hood was thicker in September than in August, since 
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less sunlight was allowed to travel to the surface and be absorbed by the strong near-UV 

Fe3+ feature. Such an observation is consistent with previous measurements that have 

shown the polar hood to be variable on seasonal, diurnal, and even hourly timescales 

[Martin and McKinney, 1974; McCord et al., 1977b]. 

In summary, the 1988 martian south polar cap spectrum can be modeled as a linear 

mixture of frost and "dark region" materials [§4.2.6] that are substantially less red than the 

classical bright regions. Fractional abundance estimates are highly dependent on particle 

size. Apparently, fine-grained airborne dust and a surface dust mantling deposit did not 

contribute substantially to the SPC spectrum during the time these data were taken. There is 

some evidence in the spectra for the preferential occurrence of crystalline ferric oxides in 

the integrated SPC spectra, although this supposition is not supported by the imaging data . 

The observed bands for several cap longitudes, if due to mineralogic components, are more 

consistent with the presence of goethite or maghemite than hematite. However, at the 

spatial resolution of these data at high latitudes, it is not clear whether the contributions of 

individual ferric oxide phases can be uniquely discriminated. It is not possible to detect 

magnetite uniquely in these spectra, and thus the evidence for the presence of this mineral 

in martian south polar deposits [e.g ., Herkenhoff and Murray, 1990a] remains 

circumstantial. Spectra of limb regions obtained through long martian atmospheric path 

lengths reveal potential mineralogic differences between airborne dust and surf ace dust/soil 

materials. Specifically, the airborne dust shows little evidence of crystalline ferric oxide 

phases, and thus may be composed entirely of poorly-crystalline palagonite-like phases that 

have flaked off of parent particles during the palagonitization process. Spectra of the north 

polar hood show evidence of seasonal-scale opacity changes that are consistent with 

previous observations: the hood had a higher opacity closer to the southern hemisphere 

summer solstice . 

210 



• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

• 

6.5. Overall Summary. Conclusions. and Future Directions 

This dissertation has presented the results of new telescopic observations of Mars 

using the technique of imaging spectroscopy. Data at high spectral resolution (R = 350) and 

at the best possible spatial resolution from Earth (80-150 km) were obtained during the 

1988 perihelic opposition. Spectra in the 0.4-0.8 µm region are of high SIN(> 30-50) and 

reveal distinct absorption features and spectral slope changes that are characteristic of Fe3+ -

bearing minerals. There is no doubt that poorly crystalline materials, similar perhaps to 

nanophase ferric minerals or palagonite-like weathering products of basaltic glass, 

dominate the spectral behavior of the Martian surface in the visible to near-IR. Additionally, 

analysis of absorption band shapes and positions and the character of the strong near-UV 

ferric absorption edge provides solid evidence for the detection of crystalline hematite (a

Fe203) on Mars. This confirms other recent data and interpretations obtained from different 

instrumentation at lower spectral resolution [Morris et al., 1989; Bell et al., 1990a]. The 

existence of hematite on Mars is consistent with thermodynamic models of solid-gas 

weathering in the current Martian environment [e.g., Gooding, 1978] and does not, per se, 

require a different (warmer, wetter) climate in the past. However, there are numerous 

weathering and thermal alteration pathways that lead to the formation of hematite 

[Schwertmann and Taylor, 1989; Chapter 5] that may include different past climatic 

conditions, and so hematite is not a unique indicator of the past Martian weathering history. 

While there is no unique evidence in the currently available 0.4-0.95 µm data for the 

existence of other ferric oxides/oxyhydroxides, Fe-rich clays, or ferric sulfates, the 

existence of other ferric-bearing phases, including (but not limited to) goethite (a-FeOOH), 

jarosite [KFe3(S04)2(0H)6], ferrihydrite (""'5Fe203·9H20), feroxyhyte (o-FeOOH), and 

maghemite (y-Fe203), cannot be unequivocally ruled out, partly because of the spectral 

masking effects of hematite. Higher spatial resolution data and further laboratory study of 

these potential analogs is warranted . 
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Images in the 0.4-1.0 µm region reveal the "classical" albedo features at red and 

green wavelengths (A. > 0.5 µm) and show a bland surface dominated by polar ices and 

atmospheric condensates at blue wavelengths. A number of techniques have been employed 

in this research in an attempt to determine the compositional variability of the Martian 

surface at visible to near-IR wavelengths. Among the most successful techniques were 

band depth mapping, principal components analysis (PCA), and linear spectral mixture 

modeling. Images of the spatial variability of the 0.6-0.7 µm Fe3+ band show it to be 

several percent deeper in brighter regions on average; however the correlation is not 

globally uniform as there are band depth variations between and within regions of similar 

albedo. Simple linear mixture models reveal that two endmembers-"bright" and "dark"

account for over 95% of the variance in the data. Within the remaining 5%, though, band 

residual analysis reveals at least three more spatially distinct endmembers (reddish polar 

ice, blueish condensate clouds, and dark but apparently ferric-rich terrain). PCA reveals 

that even the higher order PC images, accounting for less than 0.1-0.5% of the variance in 

the data, are correlated with physically interpretable spectral trends such as blue-green 

and/or near-IR spectral slope. Additional analyses of these data using color ratios and 2-D 

histograms shows evidence for Fe3+ and possibly Fe2+ mineral variations, especially in 

dark regions. Attention is called to the fact that numerous ferric minerals have absorption 

features in the 0.9-1.0 µm region and that the weak bands observed in previous Mars 

spectra at these wavelengths that have heretofore been ascribed entirely to Fe2+ minerals 

may, within the limits of the available data, also be consistent with variations in Fe3+ 

mineralogy. 

Imaging spectroscopy promises an exciting future for planetary remote sensing . 

With much of the initial "reconnaissance" phase of solar system exploration completed, the 

emphasis is now shifting to more detailed compositional mapping of planets and satellites 

in support of longer-term goals that include sample return missions and, eventually, 
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permanent human presence on other worlds. Groundbased studies such as this indicate that 

even at coarse spatial resolution (hundreds of kilometers), extremely subtle spectral 

variability can be detected on Mars and mapped in association with potential mineralogic 

changes. Future Mars orbiting spacecraft such as Mars Observer and Mars-96 should be 

able to use their imaging spectroscopic capability to map this subtle spectral variability at 

much finer spatial scales (tens of meters). At this spatial resolution, individual morphologic 

features such as lava flows, canyons, channels, and crater ejecta blankets can be 

compositionally analyzed. Mars Observer spectroscopic data will be primarily in the 

thermal infrared and thus will specifically address issues of the silicate mineralogy. 

However, it must not be overlooked that many ferric minerals have distinct IR spectra 

[e.g., Posey-Dowty et al., 1986] and thus this wavelength region may provide an 

additional regime within which to uniquely identify new or previously suspected ferric 

minerals. Plans for the Russian Mars-96 mission include both near-IR imaging 

spectroscopy (using a hybrid follow-up to the Phobos-ISM instrument) and near-UV to 

near-IR narrowband filter imaging at a spectral sampling level fine enough to allow 

discrimination among different ferric-bearing minerals. Again, high spatial resolution may 

allow characterization of individual outcrops of distinctive composition . 

Currently, despite decades of telescopic observations and several major spacecraft 

orbital and landing missions, our knowledge of Martian surface mineralogy is scant. Any 

true understanding of the current Mars environment and of putative past climatic differences 

depends on a detailed understanding of at least the current surface composition, 

mineralogy, volatile element behavior, and physical and chemical weathering processes. 

Imaging spectroscopy is an optimal tool for detailed planetary remote sensing oriented 

towards these issues, and I predict that imaging spectroscopic data will contribute much 

towards our future understanding of the fascinating planet Mars . 
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